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Chapter 0 –

Thesis summary

In this thesis, I investigate the formation paths of merging stellar mass binary

black holes originating from massive binary and massive triple systems.

Massive stars are short-lived objects and extremely rare, making up less than 1

percent of the total population of stars. Despite their rarity, they dominate and drive

the evolution of galaxies due to their enormous energy output and are progenitors to

some of the most energetic astrophysical phenomena in the Universe. Understanding

their evolution is crucial for almost all branches of astronomy. However, due to their

scarcity, it is remarkably difficult to directly study them. Therefore, we need to

consider every possible indirect observational clues to constrain their evolution.

Gravitational wave (GW) astronomy offers a unique way to study massive stars.

Most GW signals detected to date were emitted by merging binary black holes.

The large number of such detections make it possible to infer the demographics of

these objects. Since massive stars are progenitors of stellar mass black holes, the

demographics of stellar mass black hole binaries are heavily influenced by currently

poorly understood processes related to massive stars and their interactions, such

as various mixing mechanisms in stellar interiors, mass transfer episodes and three-

body dynamics. Therefore, in principle, observations of GW sources can help us to

better understand several aspects of massive star evolution. We have to understand

how the properties of merging binary compact objects depend on uncertain stellar

physics. This can help us to identify certain features in the demographics of GW

sources that help us to learn about the poorly known evolutionary processes massive

stars experience.

This is in practice, however, an extremely difficult task. Due to the large num-

ber highly uncertain evolutionary stages that massive stars undergo to become GW

sources, at the present time, we cannot create completely robust methods to di-

rectly infer stellar physics from GW observations. However, it is still crucial to

understand how different assumptions of poorly constrained physics change our pre-
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dictions about the demographics of merging binary black holes. Such studies can

guide us in understanding which are the most critical aspects of stellar evolution-

ary models that needs urgent attention for improvement. Furthermore, it can also

help us determining the best way to combine GW data with other, electromagnetic

observations of immediate evolutionary stages of massive stars to obtain the most

robust tests for our evolutionary models.

In this thesis, I use a population synthesis approach. I sample a large number

of systems composed of zero-age main sequence stars from distributions that are in

agreement with recent observations of young, massive stars. Using stellar evolution-

ary codes, I evolve these systems and I predict the properties of their remnants and

eventual GW sources they might form, by making different assumptions about the

physics of key processes that define their evolution.

In Chapter 2, I study the the so-called classical isolated binary evolution channel.

This formation channel is considered to be one of the most promising source of

merging binary black holes. In the first part of Chapter 2, I explore how uncertainties

related to the first phase of mass transfer can affect the properties of GW sources.

Among many results, I show that models with different assumptions about the highly

uncertain angular momentum loss during the first phase of mass transfer yield very

similar binary black hole observables (in terms of merger rate, mass and mass ratio

distributions), however, the dominant formation channel is entirely different. This

highlights why inferring stellar physics alone from GW data should be done with

extreme caution given our current uncertainties.

In the second part of Chapter 2, I investigate the impact of uncertainties of

stellar winds on the sources from the isolated binary formation channel. It is well

known that the mass-loss rates of line-driven winds are by uncertain about a factor

of three, and this can have a significant effect on the mass spectrum of black holes

formed from single star evolution. I show that the impact of lowered mass loss

rates on the masses of merging binary black holes, however, significantly depends
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on the assumption of other, seemingly unrelated binary physics. This demonstrates

that inferring mass loss rates based on the masses of merging binary black holes

can be misleading, unless the implications of other, uncertain binary physics is well

explored.

In the final part of Chapter 2, I show that a large fraction of GW sources, formed

via two subsequent stable phases of mass transfer, never cross the Humphreys-

Davidson limit during their evolution. Therefore, these systems are likely not af-

fected by any related uncertainties. As we show, the predicted merger rate of this

channel can be comparable to the inferred merger rate from GW observations. This

implies that even, if the most massive stars never cross the Humpreys-Davidson

limit (and therefore do not experience significant radial expansion), currently in-

ferred merger rates are still compatible with the classical isolated binary channel.

In Chapter 3, I study the evolution of hierarchical triples, in which the stars in

the inner binary experience chemically homogeneous evolution. My primary aim is

to understand the implications of this evolutionary channel in the context of GW

astronomy.

I show that in a large fraction of these sources, the tertiary eventually fills its

Roche-lobe. This is unique to triples with chemically homogeneously evolving stars

and occurs very rarely in classically evolving triples. More importantly, in about 30

per cent of the cases, this tertiary mass transfer occurs towards a short period binary

black hole (of which a large fraction eventually forms GW sources). The impact of

the tertiary mass transfer on the inner binary black hole can be significant, as the

inner orbit can shrink, leading to shorter delay times associated with GW mergers.

I also show that three-body dynamics plays a significant role in the evolution

of the inner binary in an appreciable fraction of these triples. In some case, von

Zeipel-Lidov-Kozai oscillations can prompt double helium star mergers in the inner

binary. Such a scenario would be extremely rare among massive stars.

Although, chemically homogeneous evolution is predicted to be rather unevent-
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ful, if it occurs with an isolated binary (stars remain fully detached and might form

merging binary black holes), if these systems are part of a hierarchical triple, then

the tertiary star can influence their evolution in various ways, leading to a num-

ber of different possible sub-channels with qualitatively different evolution, possibly

accompanied by the formation of various electromagnetic transients.

In the final Chapter 4, I briefly summarise the main findings of this thesis, and

discuss recommended future work.
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Chapter 1

Introduction

In this chapter, we discuss the most important aspects and related uncertainties

of massive star evolution theory. We start by considering single stellar evolution

in section 1.1,. We summarise the evolution of non-interacting massive stars from

the onset of core-hydrogen burning until black hole (BH) formation. In section

1.2, we discuss stellar interactions in multiple systems. In these two sections, we

introduce the necessary ingredients to determine detailed, interacting stellar evolu-

tionary models. We note that the results presented in this thesis were determined

by using rapid population synthesis codes, which are not detailed stellar models, but

rather use fitting formulae to earlier detailed simulations [276, 138, 139]. Yet, un-

derstanding the foundations behind stellar evolution modelling provides important

context for the results presented in the upcoming chapters. Finally, in section 1.3,

we briefly discuss the basics of gravitational wave (GW) astronomy, the properties

of the detected binary BH mergers, and the proposed formation channels.
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1.1. Physics of massive stars

1.1 Physics of massive stars

1.1.1 Role of massive stars in astrophysics

Massive stars can be defined as those stars that experience core-collapse by the end of

their lives, thereby evading the formation of white dwarfs. Following this definition,

massive stars have initial masses (i.e. mass at zero-age main sequence) that are

equal or larger than ∼8-9 M⊙ [though this is somewhat metallicity dependent, see

273].

Massive stars are rare and short lived objects. Only about 6 out of every 1000

newly formed stars is expected to be a massive star1. Their lifetime is only few to few

tens of million years, which is several orders of magnitude shorter than that of the

Sun (which is about ∼ 1010 years). Their low formation rate and their short lifespan

makes massive stars rare and perhaps one would consider them exotic astronomical

objects. However, they play a major role in almost every branch of astrophysics [see

e.g. 187]. They are progenitors of a number of high-energy astrophysics transients,

such as supernova (SN) explosions, gamma-ray bursts. They drive the evolution of

star clusters and provide energetic and chemical feedback to the interstellar medium,

affecting the subsequent star formation epochs and thereby ultimately driving the

evolution of galaxies [see e.g. 187]. Last but not least, they also form neutron stars

and stellar mass BHs and are progenitors to GW sources.

In Fig. 1.1, we show the stellar tracks of massive stars with various initial masses

in the Hertzsprung-Russel diagram. As it can be seen, these objects can be up to

a million times more luminous than the Sun. Consequently, they dominate the

light of star-forming galaxies due to their enormous energy output, despite being

1Assuming massive stars have an initial mass at zero-age main sequence MZAMS ≥ 8M⊙ and a
universal initial mass function (IMF) of [176].
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1.1. Physics of massive stars

extremely rare [372]. Given their high effective temperatures (i.e. Teff ≥ 10kK for

the majority of their lifetime), most of their light is emitted in the UV range [see

e.g. 306]. The intense radiation of massive stars in this wavelength range allows the

emitted high energy photons to transfer their momentum to the stellar matter via

line scattering efficiently and drive strong stellar winds. As we discuss in section

1.1.3, these so-called line driven winds can result in significant mass loss, with large

terminal speeds [up to v∞ ∼ 1000 kms−1, see e.g. 113, 282, 62]. Such a supersonic

outflow shock-heats the surrounding gas to T ∼ 106K and creates a bubble and

introduces turbulent motions in the interstellar medium [50, 378]. The total energy

deposited by stellar winds by a massive star throughout its lifetime is significant and

comparable to the energy introduced by supernova explosions [ ∼ 1050ergs, see e.g.

382].

Another consequence of the strong UV radiation from massive stars is that they

efficiently ionise the surrounding gas [267]. As the energy and the amount of ionising

photons emitted sensitively depends on the effective temperature of the star, this

process is influenced by mass exchange that can result in envelope stripping and a

formation of a hot naked helium star [e.g. 332, 111, 307] and stellar rotation [e.g.

341]. Furthermore, some binary configurations can evolve into X-ray binaries, which

contribute to an even more energetical ionising radiation [e.g. 317, 310]. Massive

stars are also thought to have played a pivotal role in the reionisation epoch of the

early universe [e.g. 114, 112].

Massive stars experience core collapse, when all the nuclear fuel is exhausted in

their interiors. As we discuss in section 1.1.5, this process is often followed by a

violent supernova (SN) explosion. Similarly to stellar winds, SN also has a profound

effect on the environment of these stars. A large amount of energy (∼ 1051ergs) and

mass is fed back to the interstellar medium, leading to turbulent motions and to the

formation of bubbles and destruction of molecular clouds, influencing subsequent

3



1.1. Physics of massive stars

star formation epochs. Supernova explosions can also trigger galactic winds and

outflows.

We finally note that massive stars are also crucial for nucleosynthesis. In Fig.

1.2, we show the predicted origin and abundance of each chemical element in the

universe [169]. As it can be seen, many elements, including the oxygen, is primarily

produced by massive stars.

1.1.2 Physics of massive stars

The structure of stars and their evolution can be described by 5 equations, which

describe 5 fundamental concepts: i) conservation of mass, ii) balance of forces, iii)

energy generation, iv) energy transport, v) changes in composition. These equations,

in the same order, are [e.g 162]:

∂r

∂m
=

1

4πr2ρ
, (1.1)

∂P

∂m
= − Gm

4πr4
− 1

4πr2
∂2r

∂t
, (1.2)

∂l

∂m
= ϵnuc − ϵν − T

∂s

∂t
, (1.3)
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1.1. Physics of massive stars

Figure 1.1: Stellar tracks for massive stars in the Hertzsprung-Russel diagram at Z
= 0.02. We determined the stellar tracks by using the fitting formula of [138]. The
initial mass of each star is shown left to the each track. The green markers indicate
the beginning of a particular stellar evolutionary phase; circle: main sequence (MS),
inverted triangle: end of MS (or ”Hertzsprung gap phase”), square: subgiant phase,
hexagone: core-helium burning phase, star: asymptotic giant branch, diamond:
helium star, cross: helium giant. We also show isoradius curves with dashed gray
lines. These lines have been linearly spaced in logarithmic space between 1R⊙ and
2500R⊙.
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1.1. Physics of massive stars

Figure 1.2: The origin of each element as predicted by the chemo-dynamical simu-
lations of [169]. For each chemical element the predicted relative fraction is shown
as a function of time. Different production channels are shown in different colours.
The dashed lines indicate the solar abundance for each element. Figure adopted
[169].

∂T

∂m
= − Gm

4πr4
T

P
∇, (1.4)

∂Xi

∂t
=

Aimu

ρ

(
−
∑
j

(1 + δij)rij +
∑
k,i

rkl,i

)
+

∂

∂m

[
(4πρr2)Dmixing

∂Xi

m

]
. (1.5)

These equations are valid, if spherical symmetry is maintained. Parameters r and m

are the radial and mass coordinates, respectively. The equations above are expressed

in terms of the mass coordinate (i.e. using a Langrangian coordinate system).

Equation 1.1 relates the mass distribution of the star to its density profile, ρ(r),

and can be derived from the principle of mass conservation. Equation 1.2 expresses

6



1.1. Physics of massive stars

the pressure gradient and follows from the Navier-Stokes equation. In case of hydro-

static equilibrium (which is a valid assumption for most of a star’s lifespan), the last

term on the right hand becomes zero. Equations 1.1 and 1.2 describe the mechanical

structure of the star.

Equation 1.3 is related to the energy generation in the stellar interior, and can be

derived considering energy conversation on a local scale (i.e. first law of thermody-

namics). Here, l is the local luminosity, ϵnuc is the nuclear energy production rate per

unit mass and ϵν is the energy carried away by neutrinos per unit mass. The term

T∂s/∂t expresses the net change of heat in a given mass shell2. If T∂s/∂t < 0, then

energy is released by the shell, this occurs in case of contraction, if T∂s/∂t > 0, then

energy is absorbed by the shell, which happens during expansion, and if T∂s/∂t = 0,

then the mass shell is in thermal equilibrium. Massive stars are in thermal equilib-

rium for most of their lifetime, one notable exception occurs when they cross the

Hertzsprung gap (hydrogen-shell burning but before the ignition of helium, see Fig.

1.1). Equation 1.4 describes the energy transport in the stellar interior and expresses

a relation for the necessary temperature gradient (∂T/∂m) that is required to carry

the entire luminosity of the star. This relation is only valid in case of hydrostatic

equilibrium. Here, ∇ = dlogT/dP, and in case radiation is responsible for the en-

ergy transport and there is (local) thermal equilibrium, ∇rad = 3κlP/16πacGmT 4,

where κ is the (Rosseland mean) opacity and a = 8π5k4/15h3c3, is the radiation

constant. If convection also contributes significantly to the transport of the energy,

then ∇ = ∇ad + ∆, where ∇ad is the adiabatically stratified temperature gradient

(i.e. [dlogT/dP]ad) and ∆ expresses the degree of superadiabacity. The latter is

computed based on the theory that is adopted to model convection [e.g. mixing

length theory, see 37]. Equation 1.3 and 1.4 describe the thermal structure of the

star.

2since according to the first law of thermodynamics: T∂s/∂t = ∂u/∂t− (P/ρ2)∂ρ/∂t = ∂q/∂t,
where u and q are the specific internal energy and the specific heat content of the mass shell

7



1.1. Physics of massive stars

Finally, equation 1.5, describes the rate of change in the mass fraction of the

ith chemical species in a given mass shell. The first term on the right-hand side

is the change in composition due to nuclear reactions. Here Ai is the atomic mass

number, mu is the atomic mass unit. The first term is the sum of all reactions

that destroys the given chemical species. The term rij is the reaction rate between

chemical species i and j and δij is the Kronecker delta, which is required, since if there

exists a reaction that requires two of the same chemical species, then two nuclei will

be destroyed. The term rkl,i denotes all the reactions between chemical species k and

l that produces i. The second term in the right-hand side on equation 1.5 expresses

the composition change in a given mass shell due to mixing. Dmixing is the diffusion

coefficient, which is typically a sum of individual diffusion coefficients from various

processes, such as mixing due to convection, semiconvection, convective overshoot

and various rotational mixing processes [see e.g. 125]. In case of hydrostatic and

thermal equlilibrium, equation 1.5 is the only one that depends on time and this

expresses the primary process that drives the evolution (i.e. the change in structure)

of the star.

If the star is composed of N different chemical species, then there are 4+N

equations that fully describes its structure. This can be in principle solved, if one

knows:

1. Equation of state [see e.g. 298, 309, 348, 281]: P = P (ρ, TXi),

2. Opacity [see e.g. 143, 144]: κ = κ(ρ, T,Xi),

3. A nuclear network, which provides the rates of nuclear reactions and the cor-

responding energy input and neutrino energy losses [see e.g. 15, 51]: rij =

rij(ρ, TXi), ϵnuc = ϵnuc(ρ, TXi), ϵν = ϵµ(ρ, TXi)

4. Boundary conditions: i) for the centre (m = 0): r = 0, l = 0, ii) for the surface

8



1.1. Physics of massive stars

(m = M) P = 2GM/3κphR
2, L = 4πR2σT 4. Here κph is the average value of

the opacity over the atmosphere.

The boundary condition for P (m = M) follows from identifying the photosphere

with the radial coordinate, at which the optical depth equals to 2/3 (that is τph =∫∞
R

κρdr = κph

∫∞
R

ρdr = 2/3). Strictly speaking, this is not correct because at

such an optical depth the radiative diffusion approximation breaks down. A more

accurate solution could be found by fitting a detailed stellar atmosphere model to

an interior to an interior shell, where τ > 2/3.

For massive stars a detailed stellar atmosphere is especially important, because

intense stellar winds are developed near the atmosphere, which lead to significant

mass loss rates and this strongly influences its evolution (see section 1.1.3). However,

for most applications, it is sufficient to apply the boundary conditions presented in

4) and calculate the mass-loss rates from stellar wind prescriptions derived from

observations or detailed stellar atmosphere models (see section 1.1.3).

Solving equations 1.1 - 1.5 provide values of r, P , l and Xi for each mass shell and

time. This set of solution is typically referred to as a 1D detailed stellar evolutionary

model. As these equations are coupled and highly non-linear, it is typically not

possible to find analytical solutions, especially if one uses realistic equation of states,

opacities etc. Nevertheless, using a numerical method [e.g. Henyey’s method 127],

it is in principle straight forward to determine the evolution of a star. Yet, it

is notoriously difficult to compute reliable evolutionary models of massive stars.

This is mostly due to the huge uncertainties regarding many important processes.

These uncertainties also constitute a major obstacle in determining the origin of

GW sources detected by LIGO/Virgo [see e.g. 30]. Below, the most significant and

important uncertainties for single massive star evolution are summarised [see also

81, 187]:
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1.1. Physics of massive stars

1. Convection: Convection is a type of dynamical instability that commonly oc-

curs inside stars. If a parcel of gas is displaced due to random thermal motions,

e.g upwards, then the ambient pressure in the new environment is lower than

that of the parcel. To regain pressure equilibrium, the parcel expands adiabat-

ically. While the pressure balance is restored, the density of the parcel (ρparcel)

and its environment (ρenv) generally will be different, and if ρparcel < ρenv, then

the gas parcel will keep moving upwards due to the buoyancy force. This is

called convection 3. There are a number of reasons why convection is chal-

lenging to model in stellar evolutionary codes. First, it is an inherently three

dimensional phenomenon, with complex, random and turbulent movements of

the gas cells, which cannot be accounted for in 1D stellar models. Secondly,

convection remains difficult to model even in complex 3D hydrodynamical sim-

ulations, as there are various physical processes with very different timescales,

which renders the computation time prohibitive [see e.g. 155]. In 1D stellar

models, mixing length theory is the most commonly used approximation, in

which it is assumed that convective cells in a given mass shell travel strictly

vertically a given distance, which is expressed in terms of the local pressure

scale height, called mixing length [e.g 37, 155]. Furthermore, instantaneous

mixing is assumed in the convective regions. The mixing length is parame-

terised with αMLT, that is the mixing length is αMLT · Hp, where Hp is the

pressure scale height. In most stellar evolutionary studies, αMLT is considered

as a free parameter, and is assumed to be independent of radial coordinate and

of the parameters of the stars. Calibration of αMLT for massive stars remains

3This can be translated to two commonly used criteria; convection occurs, if ∇rad > ∇ad

(Schwarzschild criterion) or ∇rad > ∇ad − χµ/χT∇µ, where µ is the mean molecular weight,
χµ = µ/P (∂P/∂µ)ρ,Xi , χT = T/P (∂P/∂T )ρ,Xi , and ∇µ = dlogµ/dlogP, which is the chemical
gradient. The main difference is that the Ledoux criterion also takes into account that chemical
species with larger µ are more likely to be found in the deeper layers (as that is where nuclear
reactions take place). In that case an upward moving cell also has a higher µ and therefore a larger
density than its environment, in which case the cell might move downwards due to the buoyancy
force, despite being hotter than its surrounding. Therefore the chemical gradient has a stabilising
effects against convection.
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1.1. Physics of massive stars

challenging. For massive stars, convection plays an important role in i) the

core on the MS and ii) in the envelope of a star that has reached an evolved

giant stage and has relatively cool effective temperature. In the former case,

energy transport due to convection is expected to be very efficient due to the

typical high densities (since the convective flux is proportional to density), and

a negligible superadiabacity (∆) is required to carry the flux. Consequently,

the temperature gradient is adiabatic by a very good approximation, and the

choice of αMLT is not expected to significantly influence the predicted evolution

of massive stars [e.g. 155]. In the latter, however, convection is less efficient,

and therefore the flux is carried by both radiation and convection, and supera-

diabacity is important. In this case, the adopted αMLT has a strong influence

on the predicted structure and the size of the envelope of an evolved massive

star that has developed a deep convective envelope.

2. Convective overshoot: Near the boundary of convective regions, parcels of

gas within the convective region, that gained sufficient acceleration, might

penetrate into radiatively stable regions. This is called convective overshoot

and this provides mixing and additional energy transport to non-convective

regions. This is a highly-non linear process, as the overshot parcels carry away

heat and effectively decrease the temperature and composition gradient near

the boundary, which in turn increases the acceleration of the parcels that could

be potentially overshot, thereby gradually increasing the size of the region that

is affected. In the context of massive stars, convective overshoot is perhaps the

most important around the convective boundary regions of hydrogen burning

cores of MS stars. The poorly constrained efficiency of convective overshoot

significantly affects the size of the helium core at the end of the MS . This also

determines the size and the luminosity of a massive star at the end of core-

hydrogen burning [e.g 128, 108], and the extent of the subsequent rapid radial

expansion, when the star is crossing the Hertzsprung gap [see e.g. Fig. 4 in
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1.1. Physics of massive stars

219]. As the mass of the BHs is sensitively dependent on the mass of the helium

core of the progenitor star (this is especially true for mass exchanging binaries,

where envelope stripping in unavoidable), convective overshooting also plays

an essential role in shaping the BH mass spectrum. In detailed massive star

evolutionary models, convective overshoot is typically modelled by assuming

that the extent of the affected region is αOVHp, where αOV referred to as the

convective overshooting parameter. Similarly to αMLT, αOV is also assumed to

be independent of the parameters of massive stars [which is probably incorrect,

see e.g. 289, 58]. For studies involving massive star evolution, an αOV = 0.335 is

typically assumed, which is based on the calibration of [46] to the observations

of the VLT-FLAMES survey of massive stars [86].

3. Semiconvection: Semiconvection occurs in regions, which are stable to convec-

tion according to the Ledoux criterion, but not according to the Schwarzschild

criterion [see e.g. 157, 190]. In these regions, a vibrational instability develops

that triggers mixing, which occurs on a timescale that is slower than thermal

timescale, but faster than than nuclear timescale of the star. Consequently, the

effect of semiconvection is most important for stars that have already evolved

off MS [187]. Semiconvection is typically modelled as a time-dependent dif-

fusive process, in which the efficiency of the mixing is (αSC) is treated as a

free parameter [189]. This parameter is poorly constrained, and it sensitively

affects the structure of evolved massive stars. In particular, more efficient

semiconvective mixing (that is higher αSC) leads to more blue supergiants and

less red supergiants. Therefore accurate models of semiconvection could be in-

dispensable for solving the red supergiant problem [e.g. 188, 128, 64, 173, 108].

Recent observational studies suggest a rather high semiconvective mixing effi-

ciency for the massive stars found in the Small Magellanic Cloud [αSC ≈ 100,

see 313], though how this parameter depends on stellar parameters, evolu-

tionary stage and metallicity remains inconclusive.
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1.1. Physics of massive stars

4. Rotation and angular momentum transport: A sizeable fraction of massive

stars are rapid rotators [284]. Rotation alters the structure and the evolution

of massive stars in several ways. Firstly, stars become deformed and oblate

due to rotation. As a result, the assumption of spherical symmetry assumed

in equation 1.1-1.5 become invalid. In 1D stellar modelling, it is common to

include only the spherical symmetrical terms of the centrifugal force, which

is a good approximation for rotation far below the critical rotational rate

[343, 208]. However, nearly critically rotating stars are common among ac-

cretors in binary systems [e.g. 404]. Furthermore, a rare subset of massive

binaries, composed of extremely rapidly rotating stars could be important for

the formation of GW sources (i.e. the so-called chemically homogeneous evo-

lution channel, see and Chapter 2). Therefore, it is important to understand

the evolution of stars that are deformed due to rapid rotation. Secondly, ro-

tation leads to gravity darkening, which means that the flux is reduced near

the equator and enhanced near the poles. This is a direct consequence of the

von-Zeipel theorem [412]. Finally, rotation causes a number of different pro-

cesses and instabilities that causes angular momentum transport and mixing

in the stellar interior [e.g. 187]. Most 1D stellar models, assume shelluar rota-

tion (shells are defined by isobars rotate with a given rotational velocity) and

treat the mixing process as a diffusion process [see second term on the right

hand side of equation 1.5, and also see 84, 271, 125]. Since several different

mechanism are responsible for rotational mixing, the diffusion of each process

has to be calibrated separately based on observations, which constitutes a ma-

jor challenge and therefore rotational mixing and its effect on stellar evolution

remains an important uncertainty for massive star evolution.

Stellar winds are also commonly noted as one of the biggest uncertainties in mod-

elling massive star evolution. We discuss this in in the next section.
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1.1.3 Stellar winds

Stellar wind is a continuous outflow from the outer regions of a star. Typical as-

sociated mass loss rates of (hot) massive stars are in the order of Ṁwind ≈ 10−6-

10−5M⊙yr
−1 or even possibly higher. These are several orders of magnitude higher

than for hot low- and intermediate-mass stars (e.g. mass loss rate of Sun is about

≈ 10−14M⊙yr
−1). Stellar winds of massive stars can therefore lead to severe mass

losses already on the MS and they need to be taken into account for accurate evo-

lutionary models.

Stellar winds of massive stars are powered by radiation. The high energy photons

leaving the photosphere transfer their momentum to the stellar matter via line-

scattering, which is then accelerated beyond the escape velocity of the star. These

so-called line-driven stellar winds are unique to massive stars, while winds of low-

and intermediate mass stars are typically either thermal- or dust-driven. The reason

why line-driven stellar winds are only relevant for massive stars is because of the

extremely high luminosities and hot effective temperatures that these objects exhibit

(see again Fig. 1.1). Firstly, the typical momenta of photons emerging from the

photosphere of a massive star (given by L/c) is significant, as opposed to those of

low- and intermediate-mass stars. Secondly, the high momenta of these photons can

be transferred very efficiently to the ions in the stellar atmosphere via line-scattering

of metals due to the typical frequencies of these photons. For example, the opacity

of a resonance line of C IV at 1550 Å is about a factor 106 stronger than the opacity

of electron scattering. The majority of the scattering lines are found in the UV

range in which bulk of the radiation of massive stars are emitted.

The most efficient stellar wind drivers are C, N, O, Ne, Si or Fe. H and He

are typically completely ionised in the atmosphere of massive stars and furthermore

these elements do not posses strong lines at frequencies that correspond to the
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1.1. Physics of massive stars

photons emitted by massive stars. Consequently, mass-loss rates of line-driven winds

are a strong function of metallicity. For O stars a scaling-factor of Ṁ ∝ Z0.69 is

predicted [376], while for Wolf-Rayet stars the same is Ṁ ∝ Z0.86 [374]. Although,

the actual relations are considered highly uncertain, [e.g. compare with 182, 33, 373].

Outflow with significant mass loss will only develop, if the momentum that is

transferred from the photons to the metal ions is shared with all the other con-

stituents in the stellar atmosphere. This occurs, if the ions are slowed down effi-

ciently by the plasma as a result of Coulomb interactions. Such a condition is always

met for O/B stars.

A very important feature of line-driven stellar winds is that once a steady-state

has been reached, the stellar atmosphere is dynamic, that is, it has a non-zero

velocity gradient. Consequently, from the comoving frame of the atmosphere, the

photons that emerge from the photosphere are redshifted due to Doppler effect. This

means that a much larger, continuous range of photons can interact with the stellar

matter via line-scattering. This feature makes line-driven winds particularly efficient

and without this effect, the photons that can interact via line scattering would be

already saturated in the lower regions of the stellar atmosphere and high intensity

outflows could never develop.

There are two major ways to obtain models that predict mass loss rates of a

massive star: (i) deriving empirical formulaes based on observations [e.g. 285, 248,

363, 115] and (ii) determining mass-loss recipes theoretically via semi-analytical or

computational methods using (detailed) stellar atmosphere models. Both methods

are riddled with uncertainties. In case of observations, the derived mass loss rates

are sensitively dependent on the inhomogeneities in the stellar winds (i.e. clump-

ing), which are very difficult to determine [98]. We explain the difficulties in the

computational method below.
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Mass loss rates can be determined by finding a solution for the following two

equations below:

v
dv

dr
= −GM∗

r2
− 1

ρ

dp

dr
+ gL + ges, (1.6)

Ṁ = 4πr2v(r)ρ(r). (1.7)

Equation 1.6 is the momentum equation for a dynamical atmosphere, where v is the

velocity of the outflowing gas and it is dependent on the radial coordinate r, M∗ is

the mass of the star, gL and ges are the radiative acceleration due to line scattering

and electron scattering, respectively. Equation 1.7 follows from mass conservation

and it relates the mass-loss rate to the velocity profile. If one finds v(r) by integrating

equation 1.6, then the mass-loss rate can be determined via 1.7.

However, this task is computationally very challenging. Firstly, a major compli-

cation arises due to the dynamical stellar atmosphere. The radiative acceleration

due to line-scattering (gL) is dependent on the velocity profile. This is because the

velocity profile determines by how much photons are redshifted in the frame of the

outflow at a given radial distance and therefore it also determines the rate of pho-

tons that interact with a given scattering line associated with a certain frequency.

This complexity introduces a non-linearity in equation 1.6; the radiative acceleration

determines the velocity field, but at the same time the velocity field has a profound

effect on the radiative acceleration as well. Therefore, solutions typically can only

be found iteratively.

Secondly, scattering lines typically have a broadened profile due to random ther-

mal and turbulent motions. This means that there is a range of radial coordinates at
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which interaction between a photon with a given energy and a scattering line with

a given frequency is possible, typically called interaction region. The implication

is that in order to determine the optical depth at a given radial coordinate, only

due to one specific scattering line and photons with a specific particular rest-frame

frequency will already involve solving a spatial integral that requires the knowledge

of the ionisation, density and velocity structure over the entire interaction length.

Consequently, it is computationally a very expensive task to determine the optical

depth to all line scattering and considering all the photons that emerge from the

photosphere.

If the velocity gradient is very steep or the absorption profile is very narrow, then

the interaction region becomes very short. In such cases, it is valid to approximate

the absorption profile with a delta function, in which case the interaction region

reduces to a point, and therefore the optical depth can be determined solely based

on local quantities. This is called the Sobolev’s approximation [327].

Finally, in order to know the ionization states of each chemical species at a given

radial coordinate, a detailed model of the stellar atmosphere is required. How-

ever, assumption of local thermodynamic equilibrium, that is usually assumed in

the interior of stars is no longer valid due to low densities, intense radiation and

supersonic velocity fields. Determining the radiative transfer in such environments

poses significant challenges.

One of the first successful attempts to find mass loss rates of line-driven winds

using semi-analytical methods was from [49], commonly referred to as CAK solution.

In this study a number of simplifying assumptions were made: i) local thermody-

namic equilibrium was assumed, ii) Sobolev approximation was used to calculate

the optical depth, iii) the flux-weighted number distribution of scattering line was

assumed to follow a power law in the line opacity, iv) the star (i.e. source of the
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photons) is modelled as a point source, v) only a limited number of scattering lines

were taken into account, and vi) it was assumed that a photon can only be scat-

tered once. The CAK predicted supersonic velocities and mass-loss rates that are

dependent on stellar mass, luminosity and Eddington factor, with values that were

broadly in agreement with the observations (though the predicted rates somewhat

underestimated the observations). It also showed that there exists a one-to-one rela-

tionship between the modified wind momentum (i.e. Dmom = 1/2Ṁv∞R1/2) and the

luminosity. This relation helped to derive an empirical mass-loss metallicity relation

based on observations in the Small and Large Magellanic Clouds [237].

An alternative approach involves Monte Carlo simulations of photons emitted

from the photoshphere and following their scattering history the stellar atmosphere

[1]. The mass-loss rate then can be obtained from global energy conversation, that is

1/2Ṁ(v2∞+v2esc) = ∆(L), where ∆(L) is to total amount of energy that is transferred

from the photons to the scattering ions per unit time, and it can be directly obtained

from the Monte Carlo simulations. This method therefore requires to assume a

velocity profile beforehand (and therefore does not provide a self-consistent solution

to equations 1.6 and 1.7).

Perhaps, one of the most commonly used mass-loss recipe of hot massive stars

were determined this way [e.g. 375, 376]. The predicted mass loss rates roughly have

the following scaling:

Ṁ ∼ L2.2M−1.2
∗ Teff

(
v∞
vesc

)−1.3

, (1.8)

where L is the luminosity of the star, Teff is the effective temperature and vesc is

the escape and v∞ is the terminal velocity of the outflowing gass. The predicted

mass-loss rates from this prescription are in a better agreement than that of [49],

which demonstrated that multiple scattering is important and needs to be taken into
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account. An important feature of the mass-loss recipe of [376] was the prediction

of the so-called bi-stability jump. While mass-loss rates typically decrease, as the

star is evolving to cooler effective temperatures, roughly a factor of five increase

is predicted near Teff ≈ 30kK. This is due to the recombination of Fe III, which

provides strong scattering lines.

Recent measurements of stellar winds have demonstrated that clumping is sig-

nificant and ignoring it can overestimate the derived mass-loss rates [see e.g. 98].

Furthermore, in the last few years, improved theoretical calculations of mass-loss

rates, which self-consistently solve the momentum equation and do not use the

Sobolev approximaton, determined mass loss rates that are about a factor of three

lower than predicted by [376].

1.1.4 Evolution of massive stars

In this section, we describe how single massive stars evolve from zero-age main se-

quence until the onset of core-collapse. We mostly follow the evolutionary predictions

from [276, 138, 162].

In Fig. 1.1, we show the stellar tracks in HR diagram of a few massive stars at

Z = 0.02. The starting point of these tracks is the onset of core hydrogen burning,

i.e. the zero-age main sequence, shown by a green circle in Fig. 1.1. At this point,

the stars are nearly homogeneous in composition.

The dominant energy production of massive stars on MS is via the CNO cycle.

The energy production rate for this reaction is extremely sensitive on the tempera-

ture, i.e. ϵnuc ∼ T 18. Consequently, the the radial distribution of ϵnuc in the core is

centrally peaked, which results in a very steep temperature gradient ∇, leading to
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convection in the core of massive stars. On the other hand, the envelopes of mas-

sive stars are radiative, as opposed to those of stars with MZAMS ≲ 1.2M⊙. This

is because temperatures in the envelopes of massive stars are significantly higher

compared to those of low mass stars, and consequently the opacities are lower as

well, which has a stabilising effect against convection [e.g. 162].

During the MS phase, which for massive stars lasts for a few Myrs, the luminosity

of the star gradually increases. This latter property is generally true for all stars,

and can be understood by considering that i) the mean atomic weight increases

as hydrogen is burnt into helium and that ii) homology relations of stars imply

L ∼ µ4M3 [e.g. 162]. Additionally, Fig. 1.1 shows that the increase in luminosity on

MS becomes more modest with increasing MZAMS for massive stars. This is because

mass loss rates due to stellar winds increase with increasing mass. In particular for

MZAMS ≳ 30M⊙, the mass loss rates on MS become so severe, that the temperatures

drop in the centre of the star, leading to a smaller core, in which hydrogen fusion

takes place. Therefore there are two opposing effects for the evolution of luminosity

of massive stars on the MS; the increase in mean molecular weight, which increases

and the mass loss which decreases luminosity [e.g. 162].

Massive stars experience a relatively significant expansion in radius on MS (i.e.

about a factor of five) when compared to lower mass stars which is about a factor

of two, at most. When the core becomes depleted of hydrogen, energy generation

halts, which results in contraction of the star (see the hook feature near before the

inverse triangle in Fig. 1.1). The contraction stops, when the temperature near the

core sufficiently increases such that hydrogen ignites in a shell around the helium

core (shown by the inverted triangle in Fig. 1.1). As the helium core is above

the Schonberg-Chandrasekhar limit, the star cannot be in thermal equilibrium and

it will rapidly expand in radius, with approximately constant luminosity until the

onset of core-helium burning (shown by the hexagone in Fig. 1.1). This phase is
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very short (104 years) and therefore, it is extremely difficult to observe such stars.

Because of this, the area in the HR diagram which is between the terminal-age main

sequence stars and red (super)giant stars is called Hertzsprung gap. In this thesis,

these thermally unstable, hydrogen shell burning massive stars will be refereed to

as stars crossing the Hertzsprung gap or simply as Hertzspring gap stars [e.g. 162].

Helium ignites in a non-degenerate core via the triple-α process, when the core

temperature reaches Tc ∼ 108K. Massive stars with MZAMS ≲10-12M⊙ exhibit the

blue loop during their core-helium burning phase. Stars more massive than that, on

the other hand, monotonically expand in this phase, unless they lose their hydrogen-

rich envelopes due to stellar winds. In this thesis, we are interested in such stars,

as we study BH progenitors (e.g. stars with MZAMS ≳ 20M⊙). When massive stars

reach sufficiently low effective temperatures [logTeff ≈ 3.73K or lower, see 167],

they might develop deep convective envelopes, since the opacities in the outer layers

become sufficiently high. Whether this occurs at all for the most massive stars and

how it depends on metallicity remains uncertain [e.g. 167].

At Z = 0.02, stars with MZAMS ≳ 30M⊙ lose their hydrogen envelope due to

stellar winds after the onset of core-helium burning. In the stellar models shown

in Fig. 1.1, this occurs due to LBV winds [137, 325], if MZAMS ≳ 40M⊙ (since

these stars cross the Humphreys-Davidson limit) and due to dust-driven winds, if

MZAMS ≲ 40M⊙.

When the core temperature reaches Tc ∼ 5 · 108K, carbon is ignited non-

degenerately. From this stage, energy losses from neutrinos become increasingly

important. After carbon ignition, stars undergo several subsequent and gradually

shorter nuclear fusion phases (i.e. O, Ne, Si burning), until a Fe-Ni core is devel-

oped. When this state is reached, no more energy can be generated and the core

will collapse and a BH or a neutron star will be formed, depending on the mass of
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Table 1.1: A summary of different nucelar fusion processes in the core of a 25M⊙
star. Table adopted from [386]

Nucler fuel Tc (K) ρc (g/cm
3) tburning

H 3.8 · 107 3.8 6.7Myr
He 2.0 · 108 0.8 · 103 0.8Myr
C 8.4 · 108 1.3 · 105 0.5 kyr
Ne 1.6 · 109 3.9 · 106 0.9 yr
O 2.1 · 109 3.6 · 106 0.4 yr
Si 3.4 · 109 3.0 · 107 0.7 d

the collapsing CO core. The numerous core and shell burning phases lead to the

formation of an ”onion structure” in the core of a massive star. This is shown in

Fig. 1.3. The core comprises concentric shells, which consist of heavier nuclei as one

moves from the envelope towards the centre [e.g. 162].

We finally note that metallicity significantly affects the evolution of massive stars

[e.g. 187, 168]. Generally, at lower metallicities, stars are more compact and hotter

(this is partially because of the lower mass fraction of C,N,O but also due to the

lower opacities). Mass loss rates are also lower, which leads to more massive He core

and more massive remnants [e.g. 376]. Finally, the ignition of helium in the core

generally occurs at a higher effective temperature, which is then followed by a more

significant expansion in stellar radius [see e.g. 219].

1.1.5 Death of massive stars

Core-collapse occurs when the iron core reaches a critical mass (due to Si shell burn-

ing) above which it can no longer support its own weight. During the core collapse,

the density rapidly increases, which sets in two important instabilities: electron cap-

ture and photo-disintegration. In the former, free electrons are captured by heavy,

β-unstable nuclei which produces a neutron rich nuclei and more importantly re-
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Figure 1.3: A typical onion structure of massive stars near the onset of core-collapse.
This schematic drawing contains simplifications, as in reality different shells can have
more complex structures and abundance profiles due to mixing due to convection
and off-centre burning. Credit: Penn State Astronomy & Astrophysics, https:
//www.e-education.psu.edu/astro801/content/l6_p5.html

moves electron pressure. Photodisintegration sets in at temperatures T ∼ 1010K.

In this case, photons become energetic to break up heavy nuclei (such as iron) into

lighter ones. This process absorbs energy and therefore reduces the thermal energy

of the core. Due to these two instabilities, core-collapse is significantly accelerated

and practically proceeds as free-fall. In about one second, the radius of the core

decreases from that of a white dwarf (comparable to size of Earth) to just ∼ 50 km

[e.g. 162].

Two important events occur during this dramatic collapse. First, when densities

reach ρ ≈ 1012g/cm3, neutrinos produced by electron capture and β-decays become

trapped. Second, when ρ ≈ 8·1014g/cm3, the densities become comparable with that

of an atomic nucleus and the strong interactions between nucleons becomes repulsive

and additionally neutron degeneracy pressure sets in. This halts the collapse and

the nuclear matter bounces back and triggers a shockwave travelling outwards. This

shock is, however, not sufficient enough to power the SN explosion, as it stalls
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1.1. Physics of massive stars

before it could reach the surface of the star. This is because the energy of the

shock is lost as a result its interaction with the infalling outer core due to two

processes. First, photodisintegration of iron occurs in the infalling outer core as it is

heated up by the shockwave. Second, after the change in the composition due to the

photodisintegration, electron capture processes create energetic neutrinos behind the

shockwave, which carry away a large fraction of the energy from the core-collapse

(especially in relatively low density outer regions, i.e. ρ ≲ 1012g/cm3, where these

neutrinos can easily escape without any interaction). Yet, SN explosions caused by

the core-collapse of massive stars are regularly observed (of which the closest and

perhaps the most well studied was the SN1987A in the Large Magellanic Cloud).

What is the exact process that revives the shock that makes SN explosions possible

is still a matter of debate [162].

The dominant theory is that the shock is revived via the neutrinos [see e.g 154].

This could be plausible, because a significant portion of the core reaches densities

of ρ ≳ 1012g/cm3, at which the mean free path of neutrinos becomes smaller than

the characteristic size of the core and can only escape after numerous scattering

events. Therefore, at such high densities, neutrinos can transfer energy to the core

and could possibly play an essential role in reviving the shock.

However, complex hydrodynamical simulations suggest, that various instabilities

in the core (e.g. convective, Rayleigh–Taylor, standing accretion shock or mag-

netohydrodynamic instabilities) could be required to sufficiently boost the neutrino

luminosity for a successful shock revival for stars more massive than MZAMS ≈ 9M⊙.

Many of these instabilities are asymmetric and lead to asymmetric explosions, which

is supported by the observed, high velocities of radio pulsars [see e.g. 131, 365, 145].

Asymmetry also means that modelling these processes require 2D or 3D hydrody-

namical simulations. 3D hydrodynamical simulations that include all the relevant

physics for a supernova explosions (e.g. general relativity, neutrino energy transport
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1.1. Physics of massive stars

etc.) are computationally extremely expensive, therefore most studies need to make

numerous simplifying assumptions. Consequently, understanding the process behind

shock revival is still an active area research. Without understanding how the core

collapse occurs in detail, a number of very important questions remain unanswered

[e.g. 154]:

1. How the remnant mass of compact object depends on the initial mass (MZAMS)?

2. What is the minimum MZAMS for BH progenitors?

3. Which stars explode as SN and which stars collapse directly?

4. What is the natal kick velocity distribution of neutron stars, BHs and how

does the natal kick depend on the core mass?

In binary evolutionary codes, the core-collapse prescription of [97] is commonly used.

These prescriptions predict the remnant mass and the ejected mass as a function of

CO core mass and metallicity. In this study, two different supernova engines were

adopted, all based on convection-enhanced neutrino-driven paradigm, but with a

difference in how much time after the core bounce the revival explosion occurs in

the convective region. In the Rapid model, the shock reviving explosion occurs 250

ms after the core bounce, while in the Delayed model this occurs much later and it is

more consistent with the scenario where standing accretion shock instability revives

the shock. The initial mass - remnant mass relation based on these two SN engines

is shown in Fig. 1.4. Note that the results shown in this figure are also dependent

on the stellar wind models adopted. The Rapid model produces a mass gap of BHs

between 2-5M⊙ (consistent with studies of BH distribution in the galaxy [89], but

most likely not consistent with recent GW detections [9]), while the Delayed model

yields a continuous BH mass distribution. Stars with MZAMS ≳ 18-20M⊙ form BHs.

stars with MZAMS ≳ 40M⊙ form BH with direct collapse (therefore no SN explosion

25



1.1. Physics of massive stars

Figure 1.4: The zero-age main sequence - remnant mass relation as predicted by
the supernova model of [97]. Note that the remnant masses, especially at higher
metallicities are also affected by stellar winds. Figure adopted [97].

occurs), while for stars with 20M⊙ ≲ MZAMS ≲ 40M⊙, some fraction of the mass

is decelerated after the shock revival and falls back and gets accreted by the newly

formed BH. This fallback fraction increases with increasing MZAMS.

Predictions for remnant mass spectra, minimum Mzams for BHs and for the frac-

tion successfully ejected mass can be significantly different, based on how the SN is

modelled. In particular [212] based on the semi-analytical models of [241] predicts

probabilistic recipes due to the intrinsic stochasticity of stellar evolution (e.g. due

to rotation), i.e. there is a range of MZAMS at which both NS and BH could be

formed.
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1.2. Multiple systems among massive stars

1.2 Multiple systems among massive stars

Interactions in multiple system can significantly alter the evolution of stars. For suf-

ficiently short period binaries, this can occur, for example via mass exchange, tidal

interactions or via GWs. In hierarchical triples, three-body dynamics might facilitate

mass transfer episodes, stellar mergers via von Zeipel-Lidov-Kozai oscillations (ZLK

oscillations) or by triggering transitions to dynamically unstable configurations [354].

As explained in the following sections, these processes play a key role in the forma-

tion of several very important astrophysical phenomena (including the main topic

of this thesis; GW sources). Therefore, it is extremely important to understand how

common multiple systems are, what their birth properties are and how often stellar

interactions take place in such systems. Thus, we need observational surveys that

infer the primordial demographics of multiple systems, such as multiplicity fractions,

distributions of period, eccentricity, mass and mass ratio. In the last decade, spec-

troscopic and long baseline interferometric observations of young, open star cluster

and associations have unveiled these properties [e.g. 170, 171, 76, 303, 305]. In the

following, we summarise the results of these observational campaigns, though we

will mostly focus on [303], as this study have provided the most complete results

in terms of orbital solutions of close massive binaries. The observational results of

[170, 171, 76] are consistent with that of [303].

About half of the stars are found in binaries or higher order hierarchies [74].

However, the multiplicity fraction and generally the birth properties of multiple

system sensitively depend on the mass of the primary star [235]. This is illustrated

in the upper panel of Fig. 1.5, which is from [235], based on the compilation of

different observational studies. While single star systems dominate among solar-

type stars, this is clearly not the case for massive stars. About 90 per cent of the

BH progenitors (MZAMS ≳ 20M⊙) are found in multiple stellar systems according
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1.2. Multiple systems among massive stars

to [235]. The majority of O/B stars (i.e. massive stars) are in found in hierarchical

triples or higher order hierarchies. [303] finds a binary fraction of fbinary = 0.69±0.09

for O stars4 The inferred period distribution reveals that high mass stars tend to be

in short-period binaries:

fp(log p) ∝ (log p)π, for log p ∈ [0.15, 5.5], (1.9)

where p is the period of the binary system, fp is the period distribution and π =

−0.55 [for comparison: the period distribution of lower mass stars is more consistent

with Opik’s law, that is π = 0, see 253]. This is a remarkable result, which implies

that about 70 per cent of massive binaries are predicted to engage in a mass transfer

phase at some point in their evolution (see lower panel of Fig. 1.5). Clearly, it is not

possible to understand the evolution of massive stars without understanding mass

transfer episodes.

[303] finds a mass ratio distribution that is nearly uniform: fq(q) ∼ qκ, where

q = M2/M1 on an interval of [0.1,1] and κ = −0.1± 0.6, an eccentricity distribution

with fe(e) ∼ eη on an interval of [0,0.9] with η = −0.42± 0.17, and a primary mass

distribution that is consistent with the observations of [176].

Unfortunately, similar reliable predictions do not exist yet for the demographics

of the outer binaries of hierarchical triples. Therefore, it is currently challenging to

determine what fraction of triples are affected by three-body dynamics. However, in

the context of solar-type stars, [351, 350] showed, that the distributions of the inner

and outer binary in hierarchical triples tend to be the same. If similar principles

hold for massive triples, then we should expect that three-body dynamics lead to an

increased rate of interactions in the inner binary [see e.g 184].

4[303] does not investigate whether these binary systems are a part of a higher-order hierarchical
system. Therefore, this binary fraction could be interpreted as a multiplicity fraction (i.e. fraction
of non-single systems).
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1.2. Multiple systems among massive stars

Figure 1.5: Upper panel (from [235]): multiplicity fractions as a function of the
primary mass in the stellar system . Lower panel (from [303]): The initial period
distribution and the corresponding predicted evolutionary outcome for massive stars.
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1.2. Multiple systems among massive stars

1.2.1 Physics of binary interactions: Roche pontential

Since we are interested in the long-term evolution of massive binaries and possible

binary interactions, we do not need to consider the instantaneous positions of the

stars in the binary system. Instead, we need to determine the orbital evolution in

terms of semimajor axis and eccentricity. We use these two parameters (along with

parameters of the stars) to assess when binary interactions will take place.

In order to achieve this, it is convenient to adopt the use of the Roche-potential,

which is the effective gravitational potential of a binary system derived under three

assumptions. First, the components of the binaries are treated as point masses.

Second, the orbital frequency of the binary is assumed to be synchronised with the

rotational frequencies of the stars. Third, the orbit is assumed to be circular. In

this case the potential can be given as [see e.g. 79]:

Φ = − GM1

[x2 + y2 + z2]1/2
− GM2

[(x− a)2 + y2 + z2]1/2
− 1

2
Ω2

orb

[
(x− µa)2 + y2

]
(1.10)

This is defined in a coordinate system, which is co-rotating with the binary. The

origin of the coordinate system is placed at centre of the primary star, a is the binary

separation, µ = M2/(M1 +M2) and Ωorb is the rotational angular frequency of the

binary and G is the gravitational constant.

A useful fitting formula for the volume equivalent Roche-lobe radius is found by

[78]

RL1 ≈
0.49q2/3a

0.6q2/3 + ln(1 + q1/3)
≈ 0.44a

q0.33

(1 + q)0.2
(1.11)

where the mass ratio q = m1/m2. In the last equation the first relation is accurate

within 1%. The second relation only holds for 0.1 ≤ q ≤ 10. This means that we
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1.2. Multiple systems among massive stars

Figure 1.6: A schematic depiction of the the Roche potential for a binary system
q = M1/M2 = 2. Figure adopted [280]

assume Roche-lobe overflow (i.e. onset of mass transfer phase) when the star radius

becomes larger than RL1.

1.2.2 Mass transfer in binaries

Stars in binaries may lose mass via stellar winds or via Roche-lobe overflow. Both

cases change the total angular momentum of the binary (even if the mass transfer

phase is fully conservative) and therefore these processes also change the period of

the binary. In particular, mass transfer episode plays a key role for the formation

of many well-known astrophysical systems, such as cataclysmic variable stars, Type

Ia supernova, Algol binaries, X-ray binaries, Be stars, Wolf-Rayet - O/B binaries,

milisecond pulsars etc. Mass transfer episodes are also essential for the formation of

compact binary mergers from isolated systems and for gamma ray bursts [see e.g.

187, 252].
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1.2. Multiple systems among massive stars

In the following subsections, we summarise the formalism that is typically used

in (detailed and rapid) binary evolution codes to model mass transfer episodes. In

subsection 1.2.8, we describe how the the semimajor axis changes due to a unit

of mass transferred to the accretor. This results in a differential equation for a,

which is parameterised in terms of mass transfer efficiency β and a parameter ex-

pressing the angular momentum carried away from the expelled matter, in case of

non-conservative mass transfer episodes, γ. In subsection 1.2.4, we discuss the un-

certainties regarding β and γ. In order to determine the long-term orbital evolution

of the binary, one also needs to know the radial response of the donor star due to

mass loss (which determines the stability of the mass transfer phase). We discuss

this in subsection 2.3.3. The final ingredient needed to model mass transfer events

is the mass transfer rate. We summarise common mass transfer schemes used in

binary evolution codes (including the ones used in this thesis) in subsection 1.2.6.

We discuss the orbital evolution due to dynamically unstable mass transfers and

wind mass loss in seperate sections, 1.1.3 and 1.2.7, respectively.

1.2.3 How the orbital separation changes due to mass loss from the

donor star

In the following subsection, we closely follow the formalism presented in [326] and

[252]. The total angular momentum of a binary is:

J2 = G
M2

donorM
2
accretor

Mdonor +Maccretor

a(1− e2), (1.12)

where Mdonor is mass of the donor (or mass-losing) star, Maccretor is the mass of

the accretor star, a is the semimajor axis and e is the eccentricity. Differentiating

equation 1.12, one can describe how the semimajor axis changes due to mass loss
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1.2. Multiple systems among massive stars

from one of the stars in the binary. For this, we only consider circular orbits,

and introduce mass transfer efficiency, which is the fraction of mass accreted by

the accretor star (i.e. β = −Ṁaccretor/Ṁdonor). Additionally, we also define the

parameter γ:

γ =

[
J

Ma +Md

][
J̇

Ṁa + Ṁd

]−1

, (1.13)

which is ratio of the specific angular momentum lost from the system and the specific

angular momentum of the entire binary. In this case, the change in the semimajor

axis can be given as:

ȧ

a
= −2

Ṁdonor

Mdonor

[
1− β

Mdonor

Maccretor

− (1− β)

(
γ +

1

2

)
Mdonor

Mdonor +Maccretor

]
. (1.14)

Equation 1.14 then can be applied for various scenarios. For example, the change

in the orbital separation due to a mass transfer episode, if γ can be assumed to be

constant:

a

ai
=

(
Mdonor

Mdonor,i

Maccretor

Maccretor,i

)−2(
Mtot

Mtot,i

)2γ+1

, (1.15)

where the subscript ’i’ refers to the initial state, that is the parameter at the onset

of the mass transfer episode. Mtot is the total mass of the binary. A special case is a

fully conservative mass transfer mode (i.e. β = 1 and γ = 0). In this case, equation

1.14 becomes ȧ/a = 2Ṁdonor/Mdonor(Mdonor/Maccretor−1). Since Ṁdonor < 1, then the

orbit will shrink as long asMdonor > Maccretor and will widen whenMdonor < Maccretor.

Perhaps a more realistic scenario is to assume that the matter is ejected from

near the accretor and therefore the specific angular momentum loss is that of the

accretor, which implies γ = Mdonor/Maccretor. This provides a reasonably realistic

scenario for when an accretion disc is formed, but the accretor cannot accrete a

33



1.2. Multiple systems among massive stars

fraction of the matter, which is then removed from the binary system, carrying

away a specific angular momentum that is equal to that of the accretor object. In

this case:

a

ai
=

(
Mdonor

Mdonor,i

[
Maccretor

Maccretor, i

]1/β)−2(
Mtot,i

Mtot

)
(1.16)

A special case of the previous mass transfer mode is the so-called isotropical

reemission. In this case, it is assumed that a negligible amount is accreted, i.e.

β ≈ 0. In this case, equation 1.14 becomes [e.g. 326, 410]:

a

ai
=

Mtot,i

Mtot

(
Mdonor,i

Mdonor

)2

exp

(
2
Mdonor −Mdonor,i

Maccretor

)
, (1.17)

which shows that for sufficiently high mass ratio, a stable phase of mass transfer can

significantly shrink the orbit in case of isotropical reemission. This can be used to

model a stable mass transfer episode with BH accretor, in case of Eddington-limited

accretion. If the mass transfer rate is high (e.g. proceeds on thermal timescale of

the donor), then only a negligible amount of mass can be accreted by the BH, and

the rest is expelled near from the accretor in a form of a jet [410]. In Chapter 2,

we show this plays an important role for one of the predicted dominant formation

channels of merging binary BHs.

1.2.4 Angular momentum loss and mass transfer efficiency

The mass transfer efficiency (β) and angular momentum loss (γ) for a stable mass

transfer episode is highly uncertain [see e.g 187]. These two parameters are probably

dependent on the parameters of the binary and evolve as the mass exchange proceeds.

The stream from the donor star that hits the accretor transfers angular momentum
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to the accretor. From this point of view, it is important whether an accretion disc is

formed during the mass transfer process or if accretion occurs in a ballistic fashion.

Based on the models of [201, 362], a fitting formula can be found, which states that

an accretion disk is formed, if:

Raccretor ≤ 0.0425a

(
Maccretor

Mdonor

+
M2

accretor

M2
donor

)1/4

, (1.18)

where Raccretor is the radius of the accretor, and the term on the right-hand side of

the inequality is Rmin, which is the the closest approach of the incoming stream.

The angular momentum of the stream reaching the accretor star is
√
GMRaccretor,

if an accretion disc is formed, and
√
1.7GMRmin if accretion occurs on a ballistic

fashion [201].

[254] showed that during a mass transfer phase, an accretor spins up to critical

rotation soon after the onset of the mass transfer phase, only after gaining a few

percentage of its original mass. Whether accretion is possible above critical rotation

is debated [277]. [187, 191] assumed that accretion ceases once the accretor star

reaches critical rotation and any further transferred matter becomes expelled from

the system (with a specific angular momentum that of the accretor). Under these

assumptions, it was shown that the average β for an entire mass transfer episode is

very low (typically ∼10 per cent), if the pre-mass-transfer orbit is relatively wide.

This implies that the mass transfer phase is highly non-conservative, if donor star fills

its Roche-lobe when crossing the Hertzsprung gap (so-called Case B mass transfer)

or during core-helium burning (we refer to this type of mass transfer as Case C). For

binaries with shorter orbit, where the donor star is still on MS (Case A), tides are

sufficiently strong to counteract the spinning up, which leads to a more conservative

mass transfer phases [see also 316]. These results are broadly consistent with the

observed properties of WR systems and WR-O/B binaries [e.g 268, 258], however

not with the Be X-ray binaries [e.g 370]. The radial response of the accretor star
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could also affect the mass transfer efficiency. In particular, if the mass transfer rate

is higher than the thermal timescale of the accretor star, then the mass gainer star

is not able to regain thermal equilibrium during the mass transfer phase and swells

up and might not be able to accrete further [see e.g. 275, 139, 293].

The angular momentum that is carried away also remains uncertain. It is

commonly assumed that if the matter is expelled near from the accretor than

it carries away a specific angular momentum of the accretor (corresponding to

γ = Mdonor/Maccretor). However, matter could also be expelled from any of the outer

Langrange points and the corresponding mass loss rates could be significant, if the

accretor star swells up or if the donor star overfills its Roche-lobe. The angular mo-

mentum loss associated with the outer Langrange point overflow is highly uncertain

and could be significantly higher than γ = Mdonor/Maccretor. It is not clear by how

much tidal effects can modify the angular momentum of the matter leaving through

the outer Langrange points and whether the matter can completely leave the binary

system or will form a circumbinary disk, in which case it can exert a torque on the

binary and further affect its orbital evolution [e.g. 321, 326, 262, 263, 219].

1.2.5 Donor star response and mass transfer stability

Mass transfer stability is typically assessed in terms of comparing the so-called mass-

radius exponents [see e.g. 326, 358]:

ζL =
d logRL

d logMdonor

ζad =

(
d logRdonor

d logMdonor

)
ad

ζth =

(
d logRdonor

d logMdonor

)
th

, (1.19)

where RL is the Roche-lobe and it is given by equation 1.11 and Rdonor is the radius

of the donor. Therefore ζL describes how the Roche-lobe of the donor star changes

with mass loss, while ζad and ζth describe how the radius of the donor star changes
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with mass loss on a dynamical and thermal timescale, respectively. When mass is

removed from a star as a result of Roche-lobe overflow, the star needs to readjust

its structure to regain its hydrostatic and thermal equilibrium. This occurs on a

dynamical and thermal timescale, respectively. The mass-radius exponents ζad and

ζth then express the stellar radial response due to the readjustment on these two

different timescales. If the radius of the donor decreases at a slower rate than the

Roche-lobe is receding, then the mass transfer phase is unstable. Based on this

rationale, we can distinguish three different mass transfer modes:

1. Stable mass transfer proceeding on nuclear timescale (ζL ≤ min(ζad, ζth)). This

typically occurs, if the mass of the donor star is lower than the accretor star,

since in that case, the semimajor axis widens due to the mass transfer episode,

and therefore typically ζL < 0 (since the Roche-lobe is getting further away

from the edge of the donor star). Stable mass transfer on nuclear timescale is

typical for Algol binaries and low mass X-ray binaries.

2. Stable mass transfer proceeding on thermal timescale (ζad ≥ ζL ≥ ζth). The

donor star is dynamically stable, but thermally unstable. In this mass transfer

mode, the donor star will be within its Roche-lobe after it regains hydrostatic

equilibrium, but will refill its Roche-lobe after it regains thermal equilibrium

3. Dynamically unstable mass transfer (ζL > max(ζad, ζth)). The mass transfer

rate keeps increasing in an runaway fashion, and it leads to common envelope

evolution (see section 1.2.7).

The adiabatic mass-radius exponent (ζad) can be determined from detailed stellar

models [see e.g 101, 260, 219]. Stars with deep convective envelopes are thought to

have very low ζad due to their entropy profiles as opposed to stars with radiatve

envelopes. In some cases, giants with deep convective envelopes expand upon mass
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loss, which implies that they have a negative ζad [130], but see [383]. This means

that such stars easily instigate dynamically unstable mass transfers.

1.2.6 Mass transfer rate

In order to solve the orbital evolution due to a mass transfer episode using equa-

tion 1.14, one needs to know the stellar structure response (previous subsection)

and the mass transfer rate for each timestep. In principle, this is a very compli-

cated process that would ideally require a 3D hydrodynamical simulation to obtain

self-consistent results derived from first principles. This, however, remains compu-

tationally prohibitive, as the long-term orbital evolution during mass exchange is

also governed by the stellar structure response of the donor and accretor star, which

means that a large range of timescales are required for accurate modelling. Because

of these challenges, most binary evolutionary codes, combine 1D stellar modelling

with semi-analytical mass transfer schemes [see e.g. 174, 256, 101, 259, 219, 52]. In

this subsection, we discuss how the mass transfer rate can be determined based on

such simplified models.

The mass transfer-rate through the L1 point is: [294]:

ṀL1 =

∫
ρvdA, (1.20)

where dA is a surface element of the plane perpendicular to the orbital radius vector,

containing L1, v is the velocity at the L1 point.

Then equation 1.20 is solved with two important assumptions made, motivated

by the results of a simplified hydrodynamical model of mass transfer of [201]: i) the

flow is in a steady state and ii) the flow becomes sonic at the cross-section coinciding
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with the L1 point. The first assumption means that Bernoulli’s theorem applies:

1

2
v2f +

∫ f

i

dP

ρ
+ Φf =

1

2
v2i + Φi (1.21)

Furthermore, a distinction is typically made between optically thin and optically

thick mass transfer episodes. The former occurs, when the photosphere of the star

is still within its Roche-lobe, but some low density layers above the photosphere are

not. This results in a isothermal flow. Then in equation 1.21, the starting point is

chosen at the photosphere, where vi = 0 and Φi = Φph and at the final point, where

vf = kbTeff/µmh (i.e. the thermal sound speed and kb is the Boltzmann constant)

and ΦL1. Then the mass transfer rate becomes [294]:

Ṁ thin
L1 =

ρph
e1/2

(
kbTeff

µmh

)3/2(
dA

dΦ

)
L1

exp

(
Φph − ΦL1

kbTeff/µmh

)
= Ṁthin

L1,0·exp
(

Φph − ΦL1

kbTeff/µmh

)
,

(1.22)

where ρph and Teff , i.e. density at photosphere and effective temperature, follows

from the stellar model of the donor star, (dA/dΦ)L1 and Φph − ΦL1 are essentially

geometrical terms for the Roche potential and approximative solutions can be found

in [e.g 153, 219].

Optically thin mass transfer episodes are unlikely to contribute significantly to

the overall mass transfer rate in mass exchange episodes of massive stars. Never-

theless, in binary evolutionary codes, they are still important to provide a smooth

increase of mass transfer rate at the onset of the Roche-lobe overflow to avoid nu-

merical issues associated with large jumps in ṀL1 [219].

In case of the optically thick mass transfer episode, the photosphere is above the

L1 point and the flow is assumed to be adiabatic [e.g. 174, 256, 101, 259, 219] and
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therefore, the equation of state of the flow and the corresponding sound speed is

P = kρΓ, cs = (ΓP/ρ)1/2, respectively (where Γ is the adiabatic exponent and k

is the adiabatic constant and can be expressed in terms of a reference point such

that k = Pi/ρ
Γ
i ). Then choosing an initial point, for which negligible velocity and

hydrostatic equilibrium can be assumed, density at L1 point can be calculated via

Bernoulli’s law (ie. equation 1.21): ρ = ρi(2/(Γ+2))1/(Γ−1). Then the mass transfer

rate becomes [174]:

Ṁ thck
L1 = Ṁ thin

L1,0 +

∫ Φph

ΦL1

(
ρi
Pi

)
Γ1/2

(
2

Γ + 1

) Γ+1)
2(Γ−1) dA

dΦ
ρidΦ. (1.23)

[174] considered only ideal gas and therefore in the integrand ρi/Pi was replaced

with kbTi/µmh. However, [219] recently showed that for mass exchanging massive

binaries, the radiation pressure also plays an important role and this should be taken

into account in equation 1.23.

Rapid population synthesis codes often adopt an even simpler scheme (and this

is what we do in the subsequent chapters as well). First, the approximate timescale

of the mass transfer phase is estimated with the help of the mass-radius exponents

(equation 1.19), then assume a mass transfer rate:

ṀL1 = Mdonor/τnuc or ṀL1 = Mdonor/τth, (1.24)

if the mass transfer episodes proceeds on a nuclear or thermal timescale, respectively.

Alternatively, a few other codes assume ṀL1 = (7.5 · 10−5/M⊙)ln(R1/RL1)
3 for

nuclear timescale mass transfer mass transfer rate instead [e.g. 139].
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1.2.7 Common envelope evolution

If stars in a binary system are engulfed by a single, shared envelope, the system is said

to experience common envelope evolution [CEE, see e.g. 255, 409, 152]. This could

be triggered by a dynamically unstable mass transfer phase, in which the common

envelope originates from the donor star. The common envelope loses co-rotation

and therefore exerts friction on the binary, which leads to a significant orbital decay

and heating of the envelope, resulting in either a merger or envelope ejection. Even

in the latter case, the orbit could shrink by orders of magnitude.

Perhaps the most important aspect of CEE in the context of binary evolution

is that it can potentially lead to a dramatic decrease in the period of a binary.

Many observed compact binaries have extremely small orbits, which are orders of

magnitude smaller than the typical sizes of their progenitors [see e.g. 181]. CEE

offers the most natural explanation for the formation of such short period compact

binaries and could therefore play a key role to understand the origin of these objects

and their associated astrophysical phenomena, such as type Ia SN, X-ray binaries,

and cataclysmic variables.

Hydrodynamical simulations of CEE from first principles is extremely challeng-

ing and computationally expensive, as there is a huge range of time- and length

scales involved in this process. While such studies have provided invaluable insights

about the conditions of successful envelope ejection, they cannot explore an exten-

sive parameter space of binaries undergoing CEE, and often only follow the early

phase of common evolution [e.g. 291, 257, 242, 149, 204, 59, 94]. Because of these

challenges, typically a much simpler formalism is adopted in binary population syn-

thesis studies, in which it is assumed that the energy to eject the envelope originates

from the orbital energy dissipation [see e.g. 255, 409, 379]. The change in orbital
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energy due to orbital decay is:

∆Eorb = −GMcoreMaccretor

2ai
+

GMcoreMaccretor

2af
, (1.25)

where Mcore is the mass of the helium core of the donor star, Maccretor is the mass of

the accretor star, ai is the initial orbital separation (i.e. at the onset of the CEE)

and af is the final orbital separation (at the time of envelope ejection). Generally,

only a fraction of ∆Eorb is used to unbind the envelope. This fraction is called the

common envelope efficiency [i.e. αCEE, see 198]. Then αCEE∆Eorb must be compared

with the binding energy of the common envelope around the binary to determine

whether envelope ejection is possible and the final orbit (i.e. Ebind = αCEE∆Eorb,

where Ebind is the binding energy of the common envelope). Binding energy is

typically parameterised as [e.g. 397]:

Ebind =
GMdonorMdonor,env

λRdonor

, (1.26)

where Mdonor,env is the envelope of the donor star, Rdonor is the radius of the donor

star at the onset of the CEE and λ is a free-parameter that needs to be calibrated

depending on the envelope structure. A major assumption is that the binding energy

of the common envelope around the binary is the same as the binding energy of

the envelope of the donor star, before the CEE [e.g 397, 67]. Determining λ is

not straightforward, mostly due to two reasons. First, identifying the boundary

between the core and the envelope is not obvious and the value of λ is sensitively

dependent on where exactly this boundary lies [e.g. 67]. Various methods have

been proposed to identify the boundary of the core, including using the energy

generation rate [344, 65], the hydrogen fraction [e.g. 388], or where the maximum

compression occurs in the interior, i.e. where P/ρ has a maximum [e.g. 148, 168] or

by artificially removing mass layers of detailed stellar models and determining the

readjusted stellar strucutre until the star detaches from its Roche-lobe [e.g. 219, 66].
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The second complication stems from the ambiguity of what terms should be

included in Ebind. In particular, it is not clear whether only gravitational binding

energy plays a role in the envelope ejection process or if the thermal internal energy

and recombination energy also contributes to the binding energy of the common

envelope. Most commonly λ is determined by applying the following relation to

detailed stellar evolutionary models [e.g. 122]:

Ebind =

∫ Mdonor,i

Mcore

(
−Gm

r
+ αthu

)
dm, (1.27)

where u is the specific internal energy of the envelope, including thermal and recom-

bination energy and αth is the efficiency with which the internal energy contributes

to the binding energy [122].

Combining equations 1.25 and 1.26, the change in the orbital separation, in case

of successful envelope ejection can be determined from the following equation:

GMd(Md −Md,core)

λRd

= αCEE

(
GMaMd,core

2af
− GMdMa

2ai

)
, (1.28)

where Md is the donor mass, Md,core is the mass of the helium core of the donor star

and Ma is the mass of the accretor star.

The common envelope efficiency parameter remains perhaps the biggest uncer-

tain parameter in the energy budget formalism. In population synthesis studies,

this is often assumed to be a constant, although there is no reason to believe that

αCEE is independent of binary and stellar parameters. In earlier studies, αCEE is

often combined with λ and a single value is assumed for αCEEλ. By comparing

population synthesis simulations to observed short-period binaries containing white

dwarfs, [352] and [47] finds αCEEλ ≈ 0.25. Hydrodynamical simulations of low mass

binaries find αCEE ≲ 0.4 [see e.g. 242, 149, 59].

43



1.2. Multiple systems among massive stars

Calibration αCEE to observations for massive binaries is much more challenging,

as the formation of post-common-envelope systems formed from massive binaries are

even more uncertain (e.g. X-ray binaries, milisecond pulsars, merging binary BHs).

One of the very few physically motivated values for common envelope efficiency for

massive binaries is from the hydrodynamical simulations of [94]. In this study, it was

found that the envelope ejection of a NS-NS progenitor is possible, if αCEE ≈2-5.

Common envelope efficiencies larger than one, imply that there must be an additional

energy source besides the orbital energy, for example nuclear energy generation

during the CEE or accretion energy [377].

1.2.8 Orbital evolution due to stellar winds

In case of mass loss due to stellar winds, the specific angular momentum that is

carried away is that of the donor, which implies γ = Maccretor/Mdonor and then the

change in the orbit due to wind mass loss becomes (following from equation 1.14):

a

ai
=

([
Mdonor

Mdonor,i

]β
Maccretor

Maccretor,i

)−2
Mtot,i

Mtot

, (1.29)

which, in case a negligible amount of stellar wind is accreted by the companion,

reduces to:

a

ai
=

Mtot,i

Mtot

. (1.30)

This implies that the semimajor axis widens due to stellar winds, given that the

wind is fast, spherically symmetric, leaves the system in an adiabatic fashion and

the companion star accretes a negligible amount from the stellar wind.

Stellar wind accretion by the companion is typically modelled by Bondi-Hoyle
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accretion [39], which assumes spherical accretion with a rate that decreases with

increasing terminal velocity of the stellar winds. If mass losses of massive stars are

dominated by line-driven winds, the accretion typically is typically unimportant for

the evolution of the orbit due to the high terminal velocities. Terminal velocities of

dust driven winds of cool giants, could, however be as low as a few tens of km/s [see

e.g 132], and in that case β can be up to ∼ 50% [see e.g. 236].

1.2.9 Tides

Stars in binaries exert mutual gravitational force on each other. As according to

Newton’s theory, the gravitational force scales as Fg ∼ r−2, the pull is stronger on

the surface facing to the companion than it is on the centre. Therefore, there exists

a differential force on stars in binaries. This, along with the centrifugal force caused

by the rotation causes the tidal force in binary systems.

Tides tend to deform celestial objects along the line connecting the centre of

masses of the two stars in the binary. In case there are no dissipative forces in

the stellar interior, this tidal bulge instantaneously rearranges itself as the stars are

advancing in their orbit. This means that the star is always elongated on the line

connecting the centre of masses. However, realistically energy is always dissipated

inside the star, as it rearranges its elongated shape while orbiting. In that case, if

the rotational period of the star is not synchronised with the orbital period, there

will be a lag in the tidal bulge (i.e. the axis of elongation and the line connecting

the centres of masses will not coincde). In this case tides will affect the orbital

parameters [e.g. 394].

This is illustrated in the upper panel of Fig. 1.7. In this case, the rotational

angular velocity is larger than instantaneous orbital angular velocity (i.e. Ω > θ̇ as
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shown in Fig. 1.7) and the tidal bulge is ahead of the line of centres. In the opposite

situation (i.e. Ω < θ̇) the axis of elongation will lag behind the line of centres. In

both cases a torque will act on the star due to the tidal forces, which allows the

exchange of rotational and angular momentum. Furthermore, tides also drain the

total orbital energy of the system. The tidal interactions can lead to an dynamical

instability, if

Jrot >
1

3
Jorbit, (1.31)

that is the rotational angular momentum of the star is larger than one-third of the

angular momentum of the orbit. In this case, the decay of orbit proceeds at an

increasing rate and the stars eventually spiral into each other [63, 61, 140]. On the

other hand, if Jrot ≤ 1
3
Jorbit, then the binary system under tidal interactions evolves

to an equilibrium state, which is characterised by circular orbits, a rotational fre-

quency that is synchronised with the orbital freqeuncy and coplanarity [e.g. 11].

There is plenty of observational evidence of detached binary systems in a (near)

equilibrium state, providing evidence of tidal interactions. The most well-known is

of course the Earth-Moon system, which is almost perfectly tidally locked. Further-

more, astronomical surveys have also revealed that tidal equilibrium is also readily

reached in many, detached, close stellar binaries [see e.g. 172, 77, 227, 228, 223, 203].

A model that quantitatively predicts the orbital evolution of the binary due to

tidal interactions, and is commonly used by binary evolution codes was developed by

[141]. Only small deviations in position and amplitude with respect to the equipon-

tential surfaces are considered. Therefore, (R/r) can be treated as a small parameter

(where R is the stellar radius and r is the orbital separation) and truncate any rel-

evant expressions after the few leading powers. In this regime, the tidally deformed

star can be described with three point masses: M − 2µ at the centre of mass of the

star and two point masses with a mass µ at the surface of the star on the axis of the
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Figure 1.7: A schematic drawing of how tidal torque is exerted in a close binary.
In the lower panel, the distorted star is represented by three point masses. Figure
adopted [141]

elongation (shown in the lower panel of Fig. 1.7).

The model remains agnostic about the origin of dissipative processes in the stars.

Instead, it assumes a constant time lag τ . This means that the shape of the tidally

deformed star can be described by the equipotential surface that the star would have

had a constant τ time ago. This implies µ = 1/2kmR3r(t − τ)−3, where k is the

apsidal motion constant and m is the mass of the companion, ϕ = (Ω− θ̇)τ , where

ϕ is the angle between the line along the elongation and the line connecting the

centres of masses (see Fig. 1.7). Then the perturbing tidal force can be calculated

by simply considering Newton’s law for gravitation between the three points of mass

and the companion, as shown in the lower panel of Fig. 1.7. This perturbing force

is expanded in the powers of R/r and truncated to obtain only the leading orders.

Then considering that the total angular momentum is conserved and considering the

definition of the orbital energy, the rate of change of semimajor axis, eccentricity

and angular velocity is determined as:

da

dt
= −6

k

T
q(1 + q)

(
R

a

)8
a

(1− e2)15/2
·
(
f1(e

2)− (1− e2)3/2f2(e
2)
Ω

n

)
, (1.32)
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de

dt
= −27

k

T
q(1+q)

(
R

a

)8
e

(1− e2)13/2
·
(
f3(e

2)− 11

18
(1− e2)3/2f4(e

2)
Ω

n

)
, (1.33)

dΩ

dt
= 3

k

T

q2

r2g

(
R

a

)6
n

(1− e2)6
·
(
f2(e

2)− (1− e2)3/2f5(e
2)
Ω

n

)
, (1.34)

where q = M/m is the mass ratio, n = G1/2(M + m)1/2a−3/2 is the mean orbital

angular velocity, rg is the radius of gyration and can be defined in terms of the

moment of inertia (I) as rg = I1/2M−1/2R−1, f(e) are polynomial functions of

eccentricity and can be found in [141], finally T is a characteristic timescale defined

as

T =
R3

GMτ
, (1.35)

and this parameter remains the largest uncertainty. For stars with deep convective

envelope, convective damping due to turbulent viscosity is considered a very effi-

cient dissipative process that could drive close binaries to their equilibrium point

on timescales that are much shorter than the nuclear timescale [393]. For radia-

tive stars, oscillations caused by tides could play an essential role in dissipating the

orbital energy [392].

In the context of GW formation from isolated binaries, the most important

question is whether tides are efficient enough to circularise the orbit by the onset of

a mass transfer phase. In many binary evolution codes, it is assumed that the orbit

is always circular at the onset of RLOF or that mass transfer rapidly circularises

the orbit. This assumption is often due to necessity, since it remains challenging to

model eccentric mass transfer episodes.

48



1.2. Multiple systems among massive stars

1.2.10 GW radiation

Energy carried away by GWs is a strong function of the orbital separation. GWs

only affect the orbital evolution of massive stars and remnants appreciably, if their

oribtal separation is equal or lower than a few tens of solar radii (e.g. see Fig. 1.9).

This essentially means that GWs are only relevant for close orbit compact binaries.

The equations governing the change in semimajor axis and eccentricity due to GWs

are [266]:

ȧgr = −64

5

G3m1m2(m1 +m2)

c5a3(1− e2)7/2

(
1 +

73

24
e2 +

37

96
e4
)
, (1.36)

ėgr = −304

15
e
G3m1m2(m1 +m2)

c5a4(1− e2)5/2

(
1 +

121

304
e2
)
. (1.37)

GWs tend to circularise and shirnk the orbit.

1.2.11 Physics of triple stars

In this section, we summarise the most relevant physics and types of interactions in

triple stars. The discussion is restricted to hierarchical triples, as only such triple

systems are dynamically stable and therefore remain bound for timescales that are

relevant for stellar evolution. Hierarchical triples are systems which comprise an

inner binary and an outer, distant tertiary star which orbits around the centre of

the mass of the inner binary. A defining feature is that the outer orbital separation

is much larger than inner orbital separation. A hierarchical tertiary is characterised
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Figure 1.8: A schematic figure of a hierarchical triple. Figure adopted from [246].

by the masses of the two inner stars: m1, m2, the inner semimajor axis, eccentricity

and argument of pericentre : ain, ein, gin, the tertiary mass mout, the outer orbital

semimajor axis, eccentricity and argument of pericentre: aout, eout, gout, and the

mutual inclination i [see Fig. 1.8 and see also e.g. 354].

A commonly used criteria for the dynamical stability of triples is from [220] and

based on identifying the chaotic boundary:

(
aout
ain

)
crit

=
2.8

1− eout

(
1− 0.3i

π

)(
(1 + qout)(1 + eout)√

1− eout

)2/5

, (1.38)

where qout = mouter/(m1+m2), the outer mass ratio. The triple is stable, if aout/ain ≥

(aout/ain)crit. This criteria also implies that hierarchical triples (i.e. with aout ≫ ain)

tend to be stable.

Because of the large outer orbital separation, the impact of the tertiary star on

the inner binary is relatively weak. Consequently, the orbital evolution of hierarchi-

cal triples can be obtained via secular approximation. In this regime, the changes in

the orbital parameters are slow compared to the orbital periods. This means that

the inner and the outer orbit can be described as two, slowly evolving Keplerian
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orbits [216]. The Hamiltonian of a secular triple can be given as [e.g. 123]:

H = −Gm1m2

2ain
−Gmout(m1 +m2)

2aout
− G

aouter

∞∑
l=2

(
ain
aout

)l

Ml

(
|rin|
ain

)l(
aout
|rout|

)l+1

Pl(cosΦ),

(1.39)

where rin, rout are instantaneous separation vectors between the centre of masses

of the inner stars and between the centre of the masses of the inner binary and

the tertiary star, Φ is the angle between rin and rout (see also Fig. 1.8), Pl is the

Legendre polynomial, and Ml is a coefficient defined as:

Ml = m1m2mout
ml−1

1 − (−m2)
l−1

(m1 +m2)l
. (1.40)

The first two terms in equation 1.39 are the Hamiltonian of the inner and outer

orbit and the last term is the perturbation potential that describes the interactions

between the two nested orbits. It is expressed as a power series of the ratio of the

inner and outer semimajor axis. Since ain/aout is small, it is sufficient to keep only

the first few leading orders of l. Furthermore, the leading orders of the perturbation

functions can be averaged over the inner and the outer orbit so that only the secular

terms remain and any high frequency behaviour is filtered out [e.g. 359]. This

averaging process shows that the orbital energy of the inner and the outer orbit (and

therefore ain and aout) and the total angular momentum of the system is conserved

[246].

1.2.12 von Zeipel-Lidov-Kozai oscillations

The secular equations of motions for the Hamiltonian presented in the previous

section have been derived by several authors up to the quadrupole order [i.e l = 2,

see e.g. 175, 195, 147, 160] and up to the octupole order [i.e. l = 3, see e.g. 196, 246].
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The most remarkable feature of the solutions are the so-called ZLK oscillations

[195, 175, 243]. If the relative inclination is sufficiently high, a mutual torque is

exerted between the inner and the outer orbit, as a result of the orbit-averaged

gravitational perturbation from the tertiary star. This leads to an exchange of

angular momentum between the two orbits, while the orbital energy of each orbit

(and therefore ain and aout) is conserved separately. The net result is that the

eccentricity of the inner orbit and the mutual inclination will oscillate.

The behaviour of ZLK oscillations can be given in relatively simple analytical

terms, ifm2 ≈ 0, and eout = 0 [i.e. circular test particle approximation 195, 175, 246].

In this case, ZLK oscillations are induced, if the initial mutual inclination is 39.2◦ ≤

iinit ≤ 140.8◦. Then, the eccentricity oscillations has a well-defined maximum. In

case of an initial argument of pericenter of gin = 90◦, this is [147]:

emax =

√
1− 5

3
cos2(iinit), (1.41)

and the approximate timescale of the ZLK oscillations are [e.g. 147, 133, 160]:

tZLK =

(
M1 +M2

GM2
out

)1/2
(
aout

a
1/2
in

)3

(1− e2out)
3/2, (1.42)

which implies the mass of the tertiary and aout/ain does not influence the amplitude

of the eccentricity oscillations, only sets the period of these oscillations. The ampli-

tude of the oscillations, entirely depends on the mutual inclination, and in principle

can reach extremely large values (ein ≈ 1), which could even lead to stellar collision

in the inner binary.

In more general cases (i.e. m2 ̸= 0 and/or eout ̸= 0), the behaviour of the ZLK

oscillations are qualitatively similar, and the eccentricity and inclination has always

a well-defined minimum and maximum [246], if the Hamiltonian is dominated by
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the quadrupole term. This occurs if the following term

ϵoct =
m1 −m2

m1 +m2

ain
aout

eout
1− e2out

, (1.43)

is |ϵoct| ≲ 0.01. Otherwise, the octopule terms become important in the Hamiltonian,

which could lead to an even qualitatively different behaviour than what is predicted

by the test particle approximation. The maximum eccentricity might not be well

defined and could reach extremely large values for a much larger parameter space.

The orbital evolution could become chaotic and the mutual inclination can flip [see

e.g. 35, 245, 196, 320].

1.2.13 ZLK oscillations coupled with other processes

ZLK oscillations are crucial to numerous astrophysical phenomena. When acting

in concert with dissipative processes such as tides or gravitational waves, they are

often associated with formation of short period binaries, planets or with triggering

merger events. When high eccentricities are induced in the inner binary due to ZLK

oscillations, the pericentre of the inner binary decreases, at which the dissipative

processes become strong, and decrease the semimajor axis of the inner binary . This

process has been studied in the context of planetary migration and formation of

hot Jupiters [e.g. 387, 364, 245, 269], close stellar binaries [224, 164, 80, 87, 244],

blue stragglers via stellar mergers [264], Type Ia supernova [158, 346, 118, 355, 340],

double compact object mergers [e.g. 233, 35, 346, 16, 323, 19, 295, 117, 93, 333],

and X-ray binaries in dense environments [151].

Furthermore, various stellar interactions can transition the triple into different

dynamical regimes. Stellar winds can change the importance of octupole terms, as

ϵoct in equation 1.43 depends on the mass ratio in the inner binary. Furthermore,
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stellar winds can also change the timescale of the ZLK oscillations and can tran-

sition the binary into a dynamically unstable regime. This can be understood by

considering how the inner and the outer orbit changes due to stellar winds in the

triple:

(
afinal
ainit

)
in

=
M1,init +M2,init

M1,final +M2,final

, (1.44)

and

(
afinal
ainit

)
out

=
M1,init +M2,init +Mout,init

M1,final +M2,final +Mout,final

, (1.45)

which means that, if the relative wind mass loss rate (i.e. Ṁ/M) in the inner binary

is higher than that of the tertiary star, ain/aout and qout will increase. This can

increase the timescale of ZLK oscillations or even trigger dynamical instability in

the triple [163, 142, 265, 357].

If additional processes induce apsidal precession in the inner binary that pro-

ceeds on a much shorter timescale than the precession due to three-body dynam-

ics, ZLK oscillations become suppressed. Such high rate precessions can be trig-

gered by short range forces, such as tides, stellar rotation and GR effects [see e.g.

133, 80, 35, 87, 346, 71, 197, 269, 13]. In order to assess whether in a specific binary

ZLK oscillations become quenched due to various short-range forces, in principle,

one would have to solve the equation of motions in which all the relevant processes

are taken into account. However, comparing characteristic timescales of ZLK oscil-

lations and different short-range forces provide a simpler, approximative method to

estimate, whether a triple is in a regime, where three-body dynamics are relevant or

not [see e.g. 346, or Chapter 3 later.]
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1.3 GW astronomy

GWs are propagating perturbations of the spacetime metric, which are generated

by accelerated masses whose motion is not characterised by spherical symmetry [e.g.

209]. A few example of possible GW sources are compact binaries, rapidly rotating

neutron stars with a bump on their surfaces and asymmetric SN explosions [e.g.

90, 136].

The very first detection of a GW signal was on September 14, 2015 [2]. The

source of this GW transient was a merging binary BH with masses of about 36 and

29 M⊙. Since then, detections of GWs from compact binary mergers have become

a regular occurrence, and about 90 GW transients have been confirmed [see e.g. 6].

The overwhelming majority of these signals originate from binary BHs.

Predicting the gravitational wave signal from a merging compact binary is an

extremely challenging task, that typically requires numerical relativity simulations,

possibly combined with complex analytical methods [see e.g. 311]. Yet, useful in-

sights can be drawn by considering possibly the simplest model: the Newtonian

quadrupole formula for an inspiraling binary. In this case, the GW strain amplitude

is proportional to [e.g. 209]:

h(t) ∼ (GMchirp)
5/3D−1

L f
2/3
GWcos(2πfGWt + ϕ), (1.46)

where h is the GW strain amplitude, Mchirp = (m1m2)
3/5/(m1 +m2)

1/5 is the chirp

mass, DL is the luminosity distance, fGW is the frequency of the GW and ϕ is a phase

factor. The frequency of the GW is by a good approximation twice the rotational

frequency of the binary, i.e. fGW = 2fbinary [e.g. 209].

GWs carry orbital energy away from the system. The total energy radiated away
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by GW from an inspiraling binary is [e.g. 90, 136]:

PGW =
32

5

G4µ2

c5
M3

tot

a5
, (1.47)

where µ is the reduced mass. This means that energy carried away by GWs scales as

∼ c−5a−5. Therefore, the binary has to have an extremely short period for the GW

radiation to have any non-negligible effect on the orbital evolution. Furthermore,

equation 1.47 also implies that fbinary increases due to the orbital decay with time,

and therefore so is fGW. Since the amplitude of the GW strain is proportional to

f
2/3
GW, both the frequency and the amplitude of the GW signal increases with time,

as the orbit of the binary is shrinking due to gravitational radiation. This is the

reason behind the characteristic chirp signal (shown in Fig. 1.11). The merger

approximately occurs at a frequency [e.g. 209]:

fGW,merger = 1.1kHZ

(
M⊙

Mtot

)
, (1.48)

which is based on the assumption that the binaries plunge in, when they reach

an orbital separation that is (approximately) associated with the innermost stable

circular orbit of the system.

Equation 1.46 and 1.48 show that GWs from merging binaries sweep across a

frequency range, which is primarily determined by the masses of the binary com-

ponents. The frequency associated with the merger becomes lower with increasing

component masses in the binary. This allows us to understand the position of dif-

ferent GW sources in the GW astronomy spectrum, as shown in Fig. 1.12. For

example, while supermassive binaries generate orders of magnitude stronger GWs,

they cannot be detected by ground-based GW observatories, as these systems never

enter the frequency band of these detectors.
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As it is hinted by equation 1.46, the GW signal contains direct information

about the chirp mass and the luminosity distance of the binary. The chirp mass

can be directly determined from the frequency evolution, and therefore, the lumi-

nosity distance can be derived from the amplitude evolution. This means the GW

emitting coalescing binaries are standard candles [315]. Smaller scale variatons in

the GW signal also contains information about the individual masses and spins of

the binary components [which was neglected in equation 1.46, but apparent in the

Post-Newtonian terms of waveforms, see e.g. 36]. To conclude, we can determine

the merger rate of binary BHs and the mass, mass ratio and spin distributions of

these objects. These measurements therefore provide invaluable clues how merging

compact binaries are formed. Furthermore, as the properties of these GW transients

could be significantly influenced by currently poorly understood stellar and binary

physics, we can also use GW detections to test and to further constraint highly

uncertain stellar physics models.

1.3.1 How do BH binaries merge?

In Fig. 1.9, we show the initial pericentre that equal mass compact binaries have, if

they were to merge due to GWs exactly within the the age of the universe (which is

assumed to be 13.5 Gyrs in this thesis). Typical merging stellar mass BH binaries,

with BH masses of 5-50M⊙ cannot have an orbital separation larger than a few

tens of solar radii. This stringent constraint on the maximum binary separation of

GW progenitors makes it challenging for most massive binaries to form GW sources.

Below, we summarise some of the proposed formation channels for GW transients

from BH binary mergers.

• Classical isolated binary channel: Isolated binaries can form GW sources, if
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they have sufficiently short initial periods such that mass transfer episodes

will occur (compare Fig. 1.9 with 1.10). The key point in the formation of a

short period binary BH is the second phase of mass transfer (i.e. mass transfer

phase with a black hole accretor). This is the processs that has the potential

to shrink the orbit sufficiently and form a short orbit compact binary. This

can occur via CEE, or stable mass transfer. The latter scenario is possible, if

the mass transfer rate occurs on a thermal timescale, and if the mass ratio of

the system is relatively high. We discuss this channel in detail in Chapter 2.

See e.g.[255, 69].

• Chemically homogeneous evolution channel: Chemically homogeneous evolu-

tion can be triggered in very close massive binaries with periods of few days.

The rapid rotation induced by tidal locking triggers extremely efficient and fast

mixing in the interiors of these stars. As a result, no chemical gradient builds

up in the stellar interior, as the stars evolve. Consequently, they also do not

expand significantly unlike their classical counterparts. Because of this prop-

erty, these systems can remain detached despite their extremely short orbits,

and form binary BHs and merge via GWs within the Hubble time. In Chap-

ter 3, we investigate the evolution of these systems, triples with chemically

homogeneously evolving inner stars. See e.g. [213, 401, 217].

• Dynamical channels: Merging binary BHs can be formed in dense environ-

ments, where dynamical interactions can create sufficiently tightly bound pairs

from already existing BHs. Such interactions can take place in globular clus-

ters [e.g. 183, 322, 278, 296, 68], in nuclear clusters [e.g. 18] or in AGN discs [e.g

226, 338, 21]. A defining feature of these channels is the non-negligible eccen-

tricity that these systems can retain by the time they enter the LIGO/Virgo

band and the isotropic distribution of their spins.[see e.g. 300].

• Field triple channels: This channel could be considered as a hybrid of the
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Figure 1.9: The pericentre of an equal mass binary, if it were to merge due GWs
within the Hubble time. Figure adopted [211].

isolated binary channel and the dynamical channels. While the triple systems

are isolated, dynamical interactions induced by the tertiary star can alter the

evolution of the inner binary. For example, a combination of ZLK cycles and

gravitational waves can bring the compact objects sufficiently close together,

such that a compact binary merger occurs within the age of the Universe [e.g.

233, 35, 346, 16, 323, 19, 295, 117, 93, 333].

1.3.2 Demographics of observed merging binary BHs

The currently inferred merger rate of binary BHs is RBBH = 28.3+13.9
−9.1 Gpc3yr−1 [9].

In Fig. 1.13, masses of the merging binary black holes are shown which have been

detected by the LIGO-Virgo-Kagra detector network until now. Most merging black

holes have masses in the range of 15-30M⊙. A few merging black holes have masses

above 50M⊙, which is in the predicted upper mass gap, hypothesised to originate due

to pair-instability SN, which entirely disrupts its progenitor and leaves no remnant
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Figure 1.10: The maximum radial expansion of massive stars (shown on left y-axis)
for different stellar evolutionary phases as a function of MZAMS (lower x-axis) at
Z = 0.02 (left) and Z = 0.002 (right). Here ’TAMS’ stands for terminal-age main
sequence, ’CHeB’ for core-helium burning, ’Maximum R’ is the maximum stellar
radius reached by the star and ’Convective envelope’ shows the evolutionary stage
at which the star develops a deep convective envelope. On the upper x-axis, we show
the BH mass (here labelled as Mremnant) these massive stars would form, if they did
not experience mass exchange throughout their lives. On the right y-axis, we show
the equivalent orbital separation that an equal mass binary with masses of MZAMS

would have, if it was about to fill its Roche-lobe at an evolutionary stage indicated
by any of the lines. Therefore, the secondary y-axis gives an indication how wide the
orbit has to be for a given binary in order to avoid Roche lobe overflow at different
evolutionary stages (note, however, that that we did not take into account orbital
widening due to stellar winds in this figure). The yellow line with the label RGW

indicates the maximum orbital separation that an equal mass BH-BH binary with
a circular orbit and with a given Mremnant needs to have, if it were merge due to
GWs just within the Hubble time. By comparing the RGW, with the other lines,
it is clear that GW progenitors from isolated binaries must originate from binaries
that experience mass transfer episodes.
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behind [e.g. 88]. One possible explanation for the origin of these objects is that

they are a product of earlier black hole mergers [and therefore, a dense environment

origin is favoured to an isolated scenario for these high mass systems, otherwise a

subsequent merger would be difficult to explain, but see 369].

The observed merging binary black hole population also casts doubt on the ex-

istence of a lower mass gap [89], as BHs with masses lower than 5 M⊙ have been

detected (although distinguishing NS from BH based on GW signals remain ex-

tremely challenging). In Fig. 1.14, the inferred primary mass distribution and the

mass ratio distribution of coalescing binary black holes are shown. The primary mass

distribution shows a power-law like behaviour with a peak around MBH = 10M⊙

and an overdensity bump around MBH = 35M⊙. Once again, we see the apparent

lack of the the upper mass-gap that is predicted by stellar evolutionary theory on

pair instability SN. The origin of the peak near is MBH = 10M⊙ is hard to explain

with dynamical channels (e.g. globular cluster) and it is more consistent with the

isolated binary channel. On the other hand, BHs with MBH ≳ 50M⊙ are not pre-

dicted to form from isolated binaries, but could be formed in dense environments

via hierarchical mergers. Current detections could therefore imply that there are

multiple channels producing GW mergers [see 9, 396].
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Figure 1.11: A schematic representation of the chirp signal and its relation to the
orbital evolution of an inspiralling compact binary object. Figure adopted from [2].

Figure 1.12: GW astronomy spectrum with potential GW sources and sensitivity
curves of different GW detectors. Credit to Christopher Moore, Robert Cole and
Christopher Berry, https://cplberry.com/2015/01/10/1408-0740/.
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Figure 1.13: Masses of compact binaries detected via GWs [6], X-ray or ra-
dio. Credit to Aaron Geller, https://media.ligo.northwestern.edu/gallery/
masses-in-the-stellar-graveyard-with-error-bars

Figure 1.14: The inferred primary mass (left) and mass ratio (right) distribution of
merging binary black holes based on GWTC-3. Figure adopted from [6]
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Chapter 2

Importance of stable mass transfer

and stellar winds in the isolated binary

formation channel

authors: Andris Dorozsmai, Silvia Toonen

This chapter is a reformatted copy of Dorozsmai & Toonen 2023 [72], is published

in MNRAS and available on arXiv with the number of 2207.08837 (see https://

arxiv.org/abs/2207.08837). My contribution to this work was (i) to make updates

to the binary evolution code, SeBa, regarding the modelling of stellar winds, mass

transfer stability criteria, angular momentum loss and accretion efficiency during a

stable phase of mass transfer (ii) to create different model variations and run the

simulations, (iii) to develop a code for the data analysis of the population synthesis

simulations and to interpret the results (v) to make the figures, (vi) and to write

the manuscript. Silvia Toonen provided supervision for this project and provided

feedback on the manuscript.
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2.1. Abstract

2.1 Abstract

The large number of gravitational wave (GW) detections have revealed the properties

of the merging black hole binary population, but how such systems are formed is still

heavily debated. Understanding the imprint of stellar physics on the observable GW

population will shed light on how we can use the gravitational wave data, along with

other observations, to constrain the poorly understood evolution of massive binaries.

We perform a parameter study on the classical isolated binary formation channel

with the population synthesis code SeBa to investigate how sensitive the properties

of the coalescing binary black hole population are on the uncertainties related to

first phase of mass transfer and stellar winds. We vary five assumptions: 1 and 2)

the mass transfer efficiency and the angular momentum loss during the first mass

transfer phase, 3) the mass transfer stability criteria for giant donors with radiative

envelopes, 4) the effective temperature at which an evolved star develops a deep

convective envelope, and 5) the mass loss rates of stellar winds. We find that current

uncertainties related to first phase of mass transfer have a huge impact on the relative

importance of different dominant channels, while the observable demographics of

GW sources are not significantly affected. Our varied parameters have a complex,

interrelated effect on the population properties of GW sources. Therefore, inference

of massive binary physics from GW data alone remains extremely challenging, given

the large uncertainties in our current models.

2.2 Introduction

Massive stars play an essential role in astrophysics. They are responsible for the

chemical enrichment of the universe via stellar winds and supernovae. They are

also progenitors of various interesting astrophysical phenomena, e.g. neutron stars,
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black holes, gamma ray bursts (e.g. [187]). However, our understanding of these

rare objects and short-lived lives is still incomplete. The population of merging

compact binaries, observed as gravitational wave (GW) sources, offer a unique but

indirect way to study the evolution of these objects. Since the first detection of

GW, about a hundred merging binary black holes have been observed, which makes

the inference of the population statistics of black hole-black hole binaries (BH-BH

binaries) possible [8, 9].

As discussed in section 1.3, numerous formation channels of merging stellar mass

binary black holes have been proposed in the last decades. These include formation

scenarios involving isolated, interacting massive binaries (i.e. the classical isolated

binary channel, see e.g. (e.g. [255]; [409];[361]; [69]; [229]; [27]; [82]; [230] [336]; [106];

[180]; [165]; [247]; [342]; [219]; [22]; [41]; [293]; [42]), massive binaries comprising

chemically homogeneously evolving stars ([401]; [213]; [217]; [82]; [406]; [292]), or

scenarios in which dynamical interactions play a key role in forming GW transients,

e.g. in dense environments, such as globular clusters (e.g. [183]; [322]; [278]; [297];

[68]), nuclear clusters (e.g. [18]) AGN discs (e.g. [226]; [338]; [21]) or scenarios

involving hierarchical, field triples (e.g. [323];[19]; [221];[369]; [334]). The possibility

of merging binary black holes originating from population III stars ([23];[161]; [146])

or from primordial black holes ([31], [308]) has also been proposed and studied.

The classical isolated binary channel is perhaps the most studied formation path.

In these scenario, typically two main sub-channels are identified (see also section

1.3.1). The first one is the CEE channel, in which the key step in the formation

of close BH-BH binaries is the so-called common envelope evolution (CEE, e.g.

[152]). Several, earlier population synthesis studies predicted a merger rate for this

channel that is broadly consistent with the currently inferred LIGO rate [see e.g.

210], although these predictions are sensitively dependent on the highly uncertain

common envelope efficiency and the binding energy of the envelope of the donor star.
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However, recent detailed stellar evolutionary models of [168] and [219] showed that

the binding energy of evolved stars with radiative envelopes could be underestimated

by prescriptions commonly used by rapid population synthesis codes. Furthermore,

a deep convective envelope could potentially be developed at a significantly cooler

effective temperature ([167]) than previously assumed. These two developments

would imply an appreciably lower predicted merger rate for this channel, possibly

orders of magnitude lower than the currently inferred rate.

The second dominant channel (stable channel) involves two subsequent stable

mass transfer episodes. The orbit of a binary experiencing a stable phase of mass

transfer episode with black hole accretor can shrink significantly, if the mass ratio

of the system is sufficiently high. This can lead to the formation of BH-BH binaries

that merge due to GWs within the age of the universe [410]. Earlier studies did not

predict this formation path to be significant [see e.g. 69, 27].However, the detailed

simulations of [260] showed that a stable mass transfer episode in a binary comprising

an evolved donor star with radiative envelope and a BH accretor is more readily

achieved than previously assumed. Subsequent studies, with assumptions that are in

agreement with the findings of Pavlovskii et al. [260], have shown that this formation

path can be the dominant channel within the isolated binary scenario ([165], [251];

[407]; [99]; [22]; [219]; [14]; [42] ).

The properties of GW sources from the two aforementioned channels are sensi-

tively dependent on various, highly uncertain binary evolutionary phases (e.g. mass

transfer episodes). This, in principle means that observations of merging binary

black holes [e.g. 5, 9] could be used to constrain massive binary physics. Unfor-

tunately, there are currently too many uncertainties in massive stellar evolution

to draw any meaningful conclusion [see e.g. 30]. Nevertheless, it is still essential

to understand how uncertainties of binary and stellar physics affect the observable

properties of the merging binary black hole population in order to correctly interpret
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the observed GW data in the future.

In this chapter, we perform a parameter study on the classical isolated binary

channel, using a rapid population synthesis code, SeBa ([279], [353]). In the first

part of this chapter, we study the uncertainties related to the first phase of mass

transfer (i.e. mass transfer episodes between two hydrogen rich stars). For this,

we test different assumptions on the angular momentum loss and the fraction of

mass ejected during the mass transfer phase with a non-compact accretor. We also

vary the mass transfer stability criteria of evolved stars with radiative envelopes and

make different assumptions about the evolutionary stage at which giant stars develop

convective envelopes to investigate the implications of studies such as [102]; [260];

[103]; [168]. We make model variations using all possible combinations of parameter

variations. This allows us to explore the interrelated effects of uncertainties.

In the second part of this chapter, we investigate the effects of uncertainties

in mass-loss rates of line-driven stellar winds. Both theoretical ([178]; [339]; [32];

[33]) and observational (e.g. [98]) studies suggest that mass loss rates of O/B stars

could be overestimated by a factor of 2-3 by the prescription of [376], which is

commonly used in stellar evolutionary codes. As we will see, the impact of lowered

mass loss rates on GW sources significantly depends on our assumption of other,

seemingly unrelated binary physics. Therefore, the second part of this chapter shows

an example of the importance of interrelated effects of uncertain parameters and it

highlights the dangers of devising strategies to infer stellar physics directly from GW

data without performing a full parameter study.

The impact of the uncertainties in binary physics on the isolated binary chan-

nel has been extensively studied with population synthesis approaches in the re-

cent years. However, most of such parameter studies typically concentrated on the

episodes following the first phase of mass transfer. For example, the importance of
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common envelope evolution was investigated by varying parameters related to the

common envelope efficiency [e.g. 366, 22, 44], the binding energy of the donor star

[e.g. 249, 366, 69, 335], and by making different assumptions on whether Hertzsprung

gap donors can survive the common envelope phase [e.g. 69, 335, 54, 366, 43, 44].

The impact of core collapse was investigated by varying the magnitude of natal kicks

received by the stellar remnant [e.g. 249, 335, 366, 43, 44, 105, 290], by applying

different supernova mechanisms [e.g 69, 335, 366, 43, 44, 299, 408], and by varying

the maximum neutron star mass [e.g. 69, 335, 43, 44]. Uncertainties regarding the

second (stable) phase of mass transfer were studied by exploring the implications of

super-Eddington accretion for BH accretors [e.g. 28, 22, 42].

On the other hand, a few studies also considered some of those parameters,

which are investigated in this chapter. For example, the impact of mass transfer

stability of donor stars crossing the Hertzsprung gap was studied in [366, 251, 408].

Furthermore, [249, 69, 43, 44, 30, 408] investigated the impact of different accretion

efficiencies for mass transfer episodes with non-compact accretors, while [54, 366, 30]

tested different assumptions on the angular momentum loss during non-conservative

mass transfer episodes. The importance of stellar winds on the properties of merg-

ing compact objects was previously explored by [249, 69, 336, 286, 28, 29, 30, 43].

Clearly, many previous studies investigated the role of those parameters, which we

also consider in this chapter. However, this was done typically in a different astro-

physical context (e.g. to study the formation of merging double neutron star binaries,

see [366, 54]) or to investigate the formation of specific systems see e.g. [29, 30]).

More importantly, all of the above mentioned studies typically vary only one param-

eter with respect to their fiducial models and they never study systematically the

importance of the first phase of mass transfer and how the related uncertainties can

impact the population of GW sources.

This chapter is organised as following. In section 2.2.1, we briefly review the
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classical isolated binary formation channel to introduce the terminology used in this

chapter. In section 2.3, we describe the code used in this study. In section 2.4,

we show our results that highlight the importance of uncertainties in the first mass

transfer phase. In section 2.5, we show how decreasing the line-driven winds for

O/B stars and/or WR stars by a factor of 3 can change the merging binary black

hole population. Finally, in 2.6, we summarise our main findings.

2.2.1 The classical isolated binary formation channel

In this subsection, we provide a brief overview of the classical isolated formation

channel for merging binary black holes. Our purpose is to introduce the terminology

used in the rest of this chapter. For a detailed overview on this subject, see e.g.

[280, 211, 215].

Black hole binaries with circularised orbits merge within the Hubble time (which

we define here as 13.5 Gyrs), if their orbital separation is not larger than a few tens

of solar radii ([266]; [211]). However, the radii of massive stars reaches orders of

magnitude larger values than that during their evolution. Therefore, GW sources of

the isolated binary channel must originate from interacting binaries.

We show a schematic drawing of the most common formation paths of GW

sources according to our simulations in Fig. 2.1. At zero-age main sequence, the

binaries are not interacting and their orbital separation widens due to stellar winds

(stage 1). The initial primary star eventually fills its Roche-lobe and consequently

the first phase of mass transfer is initiated (stage 2). In the dominant channels con-

sidered here, this mass transfer phase always occurs in a dynamically stable manner.

This phase ends with the initial primary star losing its hydrogen envelope. At this

stage, the donor star is a stripped helium star, and depending on the metallicity, it
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could launch intense stellar winds and therefore may be observed as a Wolf-Rayet

star (stage 3). The mass ratio and the orbit of the binary system at this stage

depend on how much matter was accreted by the secondary and how much angu-

lar momentum was lost by the binary during the first phase of mass transfer. The

stripped helium star eventually forms a black hole (stage 4). It is currently uncertain

whether this occurs via a supernova or a direct collapse.

After the initial primary forms a compact object, the secondary star expands as

well and initiates the second mass transfer phase (stage 5). Based on the mass ratio

of the system and the envelope structure of the donor, this episode can occur in a

stable (stage 5a) or unstable fashion (stage 5b or 5c). In case of the latter, a common

envelope phase is initiated ([152]). As the common envelop ensuing the binary exerts

friction on the system, the period is expected to dramatically decrease. If orbital

energy is not used efficiently to unbind the envelope, the change in the orbital

separation could be a few ∼ 1000R⊙. This process can lead to an efficient formation

of merging binary black holes (i.e. CEE channel). We distinguish two subtypes of

the common envelope channel based on the evolutionary phase of the donor star

during the second phase of the mass transfer. In the first type (5b), the donor star

has a radiative envelope (rCEE), while in the second (5c), the donor star has a

deep convective envelope (cCEE). The mass transfer stability criteria is sensitively

dependent on whether the envelope of the donor is mostly radiative or convective.

We also note that the binding energy of the envelope could be significantly different

for these two types of evolved stars.

If the second mass transfer phase occurs in a stable manner, the orbit can shrink

sufficiently, and thus lead to the formation of a GW source, if the mass ratios of

the binary at the onset of the mass transfer phase are relatively high (stage 5a).

For example, the orbit of a binary with a mass ratio q = Mdonor/Maccretor ∼ 3

and Maccretor ≈ 30M⊙ at the onset of the mass transfer phase, shrinks roughly by
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∼ 100R⊙, assuming the accretion rate of the black hole is Eddington limited. This

implies that binaries with initial orbital separations of a few ∼ 100R⊙ can form GW

sources efficiently via the stable channel.

In principle, GW sources could also be formed from systems, in which the first

phase of mass transfer is dynamically unstable. However, we do not discuss this

formation scenario in this chapter. This is because the merger rates associated with

this formation scenario are negligible in our models.

By the time the second phase of mass transfer occurs, the initial primary star is

typically already a black hole. We note that this can occur for a very large fraction of

the parameter space, especially if rejuvenation of the accretor is taken into account

after the first phase of mass transfer (see e.g. [358]). For example, systems with an

initial primary mass of MZAMS,1 = 100M⊙ can evolve in such a way, even if their

initial mass ratio are as close to unity as qZAMS = MZAMS,2/MZAMS,1 = 0.99. We find

that only those binaries form gravitational wave sources with non-negligible rates, in

which the second phase of mass transfer occurs with a compact accretor. Therefore,

in the rest of this chapter, when we mention the second phase of mass transfer, we

always refer to mass transfer episodes with BH accretors.

2.3 SeBa and model variations

We use the rapid population synthesis code SeBa for our binary simulations1 ([279],

[353]). An up-to-date description of the code can be found in [353]. In the following

sections, we only describe elements which are especially relevant for this study, or

which have been changed with respect to [353]. The most relevant parameters related

to stellar and binary physics used in all of our model variations are summarised in

1https://github.com/amusecode/seba
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Figure 2.1: The most common formation channels of gravitational wave sources from
isolated binaries as predicted in this chapter. cCEE means that the dynamically
unstable mass transfer is initiated by a giant donor, which has a deep convective
envelope, whereas for rCEE the donor still has mostly a radiative envelope.
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Table 2.1: Summary of the most important parameters in our rapid population
synthesis simulation with SeBa. The top of the table shows the standard model
used in this paper, while the bottom of the table shows the model variations. We run
simulations on a metallicity grid Z = 0.0001, 0.0003, 0.0005, 0.0007, 0.001, 0.003,
0.005, 0.01, 0.02 with all possible combinations of model variations unless stated
otherwise in section 2.3. For the detailed descriptions of stellar wind models see
Table 2.3.7.

Parameters not varied in this paper

Parameter Model/value Label

Single stellar tracks Hurley et al. [138] -
Tidal interactions Orbits are circularised by the time of the
mass transfer [279] -
SN prescription Delayed model of [97] -
Natal kick velocity distribution Verbunt et al. [365] -
Natal kick velocity scaling for BHs vkick,BH = (1− f) · vkick,NS · (MBH/MNS)

−1 -
Common envelope treatment α-formalism with αλ = 0.05 -
Angular momentum loss mode with BH or NS accretor γ = Md/Ma -
Accretion efficiency for BH and NS accretors Eddington limited accretion a

Model variations

Parameter Model/value Label

Stellar wind model 1.) fwind = fwind,WR = 1 and fLBV = 1.5 Model I
2.) fwind = 1/3, fwind,WR = 1 and fLBV = 1.5 Model II
3.) fwind = fwind,WR = 1/3 and fLBV = 1.5 Model III

Angular momentum loss mode with non-compact accretors 1.) γ = 2.5 (Portegies Zwart & Verbunt 279) γ = 2.5
2.) γ = 1 (Podsiadlowski et al. 272; Belczynski et al. 24) γ = 1

Accretion efficiency of non-compact accretors 1.) β = 0.3 β = 0.3
2.) β = 0.7 β = 0.7

Mass radius exponent of giants with radiative envelopes
1.) ζad,rad = 4 ζad,rad = 4
2.) ζad,rad = 7.5 ζad,rad = 7.5

Boundary of deep convective envelope 1.) Prescription of Klencki et al. [168] Teff,K

2.) convective above log10Teff = 3.73K (Belczynski et al. 24) Teff,IT

Table 2.1.

2.3.1 Treatment of binary interactions

In this section, we summarise how binary interactions are treated in SeBa. We

assume tidal interactions circularise the orbit by the onset of the mass transfer

([279], see also discussion in section 1.2.9). Change in the orbital separation and

eccentricity due to gravitational waves emission are calculated according to equations

1.36 and 1.37, based on [266].

A mass transfer episode occurs, if any of the stars in the binary fill their Roche-

lobe. We calculate the Roche-lobe radius according to [78]. The evolution of the
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orbital separation during a stable phase of mass transfer is determined according to

equation 1.14.

Although, the mass transfer efficiency (β) and the angular momentum loss pa-

rameter (γ) is expected to depend on the parameters on the binary (see e.g. refer-

ences in section 2.3.2), it is commonly assumed that these parameters are constant

in rapid population synthesis codes [see e.g. 293, 24]. In this chapter, γ is assumed

to be constant for a mass transfer episodes with non-compact accretors in all of

our model variations. In this case, the orbital evolution due to mass exchange is

determined by equation 1.15.

On the other hand, if the accretor is a black hole, we assume that the accretion

is Eddington limited and that the specific angular momentum leaving the system

is that of the accretor object, which implies γ = Mdonor/Maccretor (i.e. so-called

isotropical reemission). The evolution of the orbital separation for such a mass

transfer mode is determined by equation 1.16. For the systems considered here,

Eddington limited accretion implies that β ≈ 0, and in this case equation 1.17

becomes a good approximation for the orbital evolution due to this mass transfer

mode. This exponential term in equation 1.17 reveals that if the mass ratio of the

binary (q = Mdonor/Maccretor) is sufficiently high, the orbit will experience significant

shrinking. Therefore, in this case, a second phase of stable mass transfer could lead

to the formation of a short period BH-BH systems that merge due to GWs within

the Hubble time. We discuss the treatment of dynamically unstable mass transfer

episodes in section 2.3.4.

When the stars in the binary system lose mass via stellar winds, we assume

that a fraction of it is accreted via Bondi-Hoyle accretion [39], while the rest leaves

the system with a specific angular momentum of the donor, which corresponds to

γ = Ma/Md. In this case, the change in the orbital separation is determined via
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equation 1.29. Due to the high terminal velocities of the stellar winds of massive

stars, however, the accretion of stellar winds are negligible. Therefore, by a good

approximation, mass loss due to stellar winds leads to orbital widening as given by

equation 1.30.

2.3.2 First phase of mass transfer

If the accretor is not a remnant, we assume that γ = 2.5, following [279]. We also

test γ = 1, following [272] and [24]. In this study, we test two, constant values for

mass transfer efficiency when the accretor is a non-compact object; β = 0.3 and

β = 0.7. When the accretor is a neutron star or black hole, we assume that the

accretion is Eddington-limited and γ = Mdonor/Maccretor.

There are currently numerous uncertainties regarding mass transfer episodes with

non-degenerate accretors [e.g. 187]. The fraction of the transferred mass that is even-

tually ejected from the binary and the specific angular momentum that is removed

from the system depends on many factors. For example on whether an accretion disk

is formed during the mass transfer episode [e.g. 202], on how efficiently the accretor

star is spun up due to accretion [254], on whether accretion is possible above the

critical rotation of the accretor star [277] and on the response of the radius of the

accretor star on thermal timescale [see e.g. 275, 139, 293].

Detailed binary evolution models of massive stars indicate a low mass transfer

efficiency (β ≈ 0.1, on average) for mass transfer phases with evolved donors, if it

is assumed that accretion is not possible above critical rotation [e.g. 191]. If the

donor star is still on main sequence, tides can be sufficiently strong to counteract

the spinning up, leading to higher mass transfer efficiencies (see e.g. [316]). These

findings are broadly consistent with a few observational studies ([268]; [318] and
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see also [402]). On the other hand, there are theoretical and observational studies,

which conclude near-conservative mass transfers episodes among massive stars [e.g

312, 370], therefore a consensus regarding this physical process is still missing.

2.3.3 Mass transfer stability criteria and treatment of mass transfer

We determine the stability of mass transfer with the use of the so-called mass-radius

exponents ([326] and see also equation 1.19). As explained in section , three different

mass transfer modes can be distinguished: stable mass transfer on nuclear time scale

(ζL ≤ min(ζad, ζeq)), stable mass transfer on thermal timescale (ζad ≥ ζL ≥ ζeq.) and

unstable mass transfer (ζL > max(ζad, ζeq). In the first two cases, we assume that

the mass transfer rate is ṁ = Md/τ , where τ is the nuclear timescale in the first

and the thermal timescale in the second case. If the mass transfer is dynamically

unstable, we assume common envelope evolution (see section 2.3.4).

As a major simplification, we assume a constant ζad and ζth for a given stellar

evolutionary phase (these are summarised in Table 2.2). Giants with deep convective

envelopes tend to have low ζad, possibly even negative. Therefore, donor stars of

this type are likely to initiate unstable phases of mass transfers. At what stage

the deep convective envelope develops in massive stars is still very uncertain. It

is common to use effective temperature as a proxy for the evolutionary stage at

which such an envelope is developed (we will note this as Teff,boundary). We test

two assumptions. First, that a deep convective envelope develops at an effective

temperature logTeff = 3.73K, following [150] and [24]. In the second model variation,

we follow the prescription of [167]. This prescription gives Teff,boundary as a function

of luminosity and metallicity. The predicted values of Teff,boundary from [167] are

typically considerably cooler than log(Teff) = 3.73K.
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2.3.4 Common envelope evolution

In this study, we model common envelope evolution by adopting the energy for-

malism [e.g. 379, 409]. As the common envelope engulfs and exerts friction on the

binary, the orbital separation starts to shrink. It is assumed that a fraction (αCE)

of the energy liberated from the orbital energy is used to unbind the envelope. Then

the orbital separation by the end of the CEE phase is determined according to equa-

tion 1.28. Several studies published tabulated or fitted data for λ (i.e the parameter

describing the structure of the envelope, see section 1.2.7). for a range of masses and

evolutionary stages [e.g. 67, 388, 199, 57, 179, 168]. The values of these calculated

λ parameters can vary over orders of magnitude, depending on the radius and the

mass of the donor star and on the metallicity. [168] and [179] predict, however, that

for sufficiently massive stars (MZAMS ≳ 30M⊙), λ varies only by a factor of a few

(∼2-5) as a function of stellar parameters and metallicity, once its radius has ex-

panded sufficiently (R ≳ 500-1000 R⊙), given that the star still has mostly radiative

envelopes (see e.g. Fig. 1 in [179] and Fig. C.3 in [168]).

In this study, we assume a constant λ = 0.05, which is in reasonable agreement

with the results of [179] for stars with MZAMS ≳ 30M⊙ and R ≳ 500R⊙. We note

that we assume that Hertzsprung gap donors cannot survive CEE episodes [69].

This also implies that donor stars in GW progenitors typically have R ≳ 500R⊙ at

the onset of the CEE in our simulations. We assume αCE = 1.
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2.3.5 Mass transfer episode types based on the evolutionary phase

of the donor

We distinguish the following mass transfer phase types based on the evolutionary

stage of the donor star.

Case A: the donor is a main sequence star (see e.g. [316]). If the period of the

system is sufficiently short, the secondary might also fill its Roche-lobe, leading to

the formation of contact systems ([274]; [380]; [231]). The outcome of Case A mass

transfer phase is expected to be very different from those which start with an evolved

giant donor (i.e Case B and Case C). As opposed to giants, main sequence stars do

not have fully developed helium cores. During Case A mass transfer, fusion in the

developing helium core is expected to halt because of the rapidly dropping central

temperatures. Consequently, the mass of the naked helium star that is left after

the end of Case A mass transfer phase is lower than for binaries experiencing mass

transfer episodes with evolved donor stars (e.g. see [191]). In populaton synthesis

codes like SeBa, it is challenging to model Case A mass transfer episodes accurately.

There are two major reasons for this. Firstly, the stellar tracks of [138] do not track

the mass of the developing helium core on the main sequence. The core mass is only

determined at the start of the Hertzsprung gap phase. Secondly, a constant mass-

radius exponent is assumed for a given stellar evolutionary phase (see subsection

2.3.3). This means that the radius response of the donor during a Case A mass

transfer phase is assumed to be the same, regardless of how much mass had already

left the star (i.e. even, if in principle most of the hydrogen rich mass had already

left the star). The consequence of these two points is that, the amount of mass that

is transferred to the accretor can be significantly overestimated, and the mass of the

black hole that the donor eventually forms can be severely underestimated by codes

like SeBa. For a different apporach in a binary population synthesis code, see e.g. [10]
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or [180, 95], where in the last two, the stellar evolution is obtained by interpolating

in tabulated data from a dense grid of detailed interacting stellar models. This

approach allows for a more accurate modelling of Case A mass transfer episodes. To

conclude, the outcome of Case A mass transfer episodes predicted by codes based

on the stellar tracks of [138] should be treated with caution. Nevertheless, we still

show such systems in this work for completeness.

Case B : the donor star is crossing the Hertzsprung gap. During this evolutionary

phase of the donor star, a large and rapid increase in stellar radius occurs. The mass

transfer phase ends with the donor losing its hydrogen envelope, leaving a naked

helium star behind [but see 192]. Since the Hertzsprung gap phase lasts only for

a few ∼ 104 years, the helium core does not have sufficient time to significantly

grow and therefore the mass of the helium star (and therefore the black hole that

is eventually formed) is not strongly dependent on the exact initial separation of

the binary. Furthermore, these systems are not significantly affected by LBV winds

(assuming steady mass loss rates). As noted in section 2.3.4, we follow [69] and

assume that binaries with donor stars crossing the Hertzsprung gap cannot survive

CEE.

Case C : the donor star is in its core helium burning phase. We distinguish two

sub-categories: (i) Case Cr: core helium burning donor star with radiative envelope,

(ii) Case Cc: core helium burning donor star with deep convective envelope. We

assume that the mass transfer stability criteria is the same for Case B and for Case

Cr mass transfer phases (see Table 2.2). Yet, there are important differences in the

predicted outcome of these two episodes, as the core helium burning phase lasts

orders of magnitude longer with a slower expansion in radius. This means that for

Case Cr mass transfers, the mass of the remnant that the donor star eventually forms

is sensitively dependent on the initial separation, since the mass of the helium core

can grow significantly during the core-helium burning phase. Moreover, the effects
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of LBV winds are no longer negligible. Donor stars with deep convective envelopes

have very different envelope structures and therefore different mass transfer stability

criteria. As already mentioned, unstable mass transfer phases are more readily

realised for these systems (see Table 2.2 and A.1).

2.3.6 Supernova and natal kicks

The mass of the remnant after core collapse is computed based on the delayed

supernova model from [97] (see also Fig. 1.4). This prescription determines the

remnant mass as a function of CO core mass, which in SeBa is obtained from the

fits of [138]. The kick velocity for black holes is calculated as :

vBH = (1− fb)

(
MNS

MBH

)
vkick (2.1)

Where fb is the fallback (i.e. the fraction of matter that is initially ejected but

then accreted by the compact object), MNS is the canonical neutron star mass

MNS = 1.4M⊙ and vkick is a random velocity kick drawn from the distribution

inferred by [365] from proper motion measurements of pulsars. The distribution of

[365] is a combination of two Maxwellian functions with velocity dispersions of σ =

75 km/s, and σ = 315 km/s, and weights of 0.42 and 0.58, respectively.

2.3.7 Stellar wind prescriptions

Massive stars lose a substantial fraction of their mass via stellar winds. We can

roughly group stellar wind mechanisms into three groups; line-driven winds (which

also includes Wolf-Rayet winds), winds of Luminous blue variables (LBVs), and

dust-driven winds. Line-driven winds can be further distinguished based on whether
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Table 2.2: Summary of the mass transfer stability criteria used in this study for
each stellar evolutionary phase. For HG and CHeB stars with radiative envelopes
we show two values (4 and 7.5) as we test both values in our study. HW87 stands
for [130]

Main sequence Hertzsprung gap Core helium burning phase AGB phase Helium star Helium giant

ζad 4 4 or 7.5
For radiative envelope: 4 or 7.5

For fully convective envelope: HW87
HW87 15 HW87

ζth 0.55 -2
For radiative envelope: -2

For fully convective envelope: 0
0 1 -2

they are optically thin (typically stellar winds of main sequence and evolved stars

with hydrogen envelopes) or they are optically thick (line-driven winds of stripped

helium stars, i.e. Wolf-Rayet winds). In the following, we briefly summarise the

stellar wind prescriptions we use in this study, while Table 2.3.7 shows at what

evolutionary stage these prescriptions are applied.

Line driven winds of O/B stars are modelled in SeBa using the mass-loss rates

from [376], as long as the star is within the grid defined by [376], otherwise, the

empirical formula from [248] is used. These mass-loss rates are applied until stars

reach Teff ∼ 8000K (see Table 2.3.7).

We note that [376] estimates the global metallicity dependence to be Ṁ ∝ Z0.69

for O stars, by assuming a metallicity dependence of the final wind velocity to be

v∞ ∝ Z0.13, following [194]. This is consistent with the observations as shown by

[237], although their results still depend on the findings of [194]. We note that

however, [177] and [32] find weaker metallicity dependence of escape velocity, where

in the latter, the exponent can even be negative for high luminosity stars. In SeBa,

we assume Ṁ ∝ Z0.85 (i.e. ignoring the metallicity dependence of v∞), so that we

are consistent with other population synthesis studies (e.g. [69, 214, 107, 336], but

see e.g. [82] in which Ṁ ∝ Z0.69 is used. We assumed that solar metallicity is Z =

0.02.

If a main-sequence star is outside of the grid defined by [376], in which case,
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the empirical formula of [248] is used, we also assume a metallicity scaling ∼ Z0.85.

We note that this is different from the what was originally suggested by [182] for

this particular wind prescription, which is ∼ Z0.5. We do this so that there is a

consistent metallicity dependence for optically thin line-driven winds.

LBV stars, stars beyond the Humphreys - Davidson limit, experience very high

mass loss rates, in the order of ṀLBV ∼ 10−5-10−3M⊙yr
−1, although this is highly

uncertain. Even less is known about their possible eruptions, in which huge amount

of mass is lost in a very short time ([137]; [371]; [325]). For the mass-loss rates of

LBV stars, we follow the assumption of [26], i.e. the mass loss rate is constant and

has a value of ṀLBV = 1.5 · 10−3M⊙yr
−1.

If the star becomes a cool giant (ie Teff ≤ 8000K), we calculate the mass loss

rate according to Reimer’s empirical formula [285]. We compare it with the mass

loss from [248] and we take the maximum value. For the mass loss rates of thermally

pulsating AGB stars, we use the prescription of [363]. Mass loss rates for helium

stars and helium giants (Wolf-Rayet star winds) are calculated according to [307].

In section 2.5, we investigate the impact of uncertainites in stellar winds on

massive binaries that interact via mass exchange and on progenitors of GW sources.

We test three stellar wind models, which are the following: ’Model I’ with our

standard stellar wind model (fwind = fwind,WR = 1), ’Model II’ with the optically

thin line driven winds scaled down by a factor 3 (fwind = 1/3, fwind,WR = 1) and

’Model III’ where besides the optically thin line driven winds, Wolf-Rayet-like winds

are also scaled down (fwind = fwind,WR = 1/3). For the exact description of our

applied stellar winds prescriptions and scaling factors, see Table 2.3.7. With Model

II, we aim to study the implications of [178]; [339]; [32] in a simplified way. These

studies found that the prescription of [376] systematically overpredicts the mass loss

by a factor ∼ 2 − 3. With Model III. we investigate the general uncertainties in
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the mass loss rates of stripped helium stars (see e.g. [307]). The latter becomes

especially significant for interacting binaries, as envelope loss due to a mass transfer

episode can significantly increase the time spent as a Wolf-Rayet star.

2.3.8 Initial conditions

Observations suggest that about half of the stars are in binaries (or in higher order,

hierarchical systems) and this multiplicity fraction increases with increasing stellar

mass [74] see also 1.2). In particular, [303] showed that the binary fraction reaches

fb ≃ 0.7 for stars in the mass range M ≃ 15-60M⊙. The same observations showed

that the orbital period distribution of these young, massive binaries favour short

period systems:

fp(log p) ∝ (log p)π, for log p ∈ [0.15, 5.5], (2.2)

here period, p is in days and π = −0.55. Although, other studies suggested some-

what flatter distributions (e.g. [171] or [76] based on observations of B stars in the

Tarantula Nebula in the Large Magellanic Cloud).

According to [303], the mass ratio distribution of massive stars is nearly flat,

fq ∝ q−0.1, while the distribution of eccentricities follows fe ∝ e−0.42. A similar mass

ratio distribution is inferred by [171], while [76] finds fq ∝ q−2.9 for B stars in the

Tarantula Nebula, and [304] finds fq ∝ q−1 or O stars in the Tarantula Nebula.

The effects of uncertainties in initial conditions were investigated by [399], and

they found that only the changes in the initial mass function alters significantly the

properties of the merging compact binary object population [but see 166]. There

are observational and theoretical indications that the initial mass function might not
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be universal [see 56, and references therein]. In our simulations, we assume these

initial distributions are not correlated, however, although this might not be a valid

assumption [see e.g. 235, 166].

In this chapter we used the following initial conditions for our simulations:

• Initial mass function: the initial mass of the primary is drawn from a distri-

bution determined by [176]. In the mass range MZAMS = 20 - 100M⊙, this is

NIMF(MZAMS) ≃ M−2.3
ZAMS.

• Initial mass ratio distribution: we assume a uniform mass ratio distribution

between 0.1 and 1, where the mass ratio is defined as q = MZAMS,2/MZAMS,1,

that is the ratio of the mass of the initially secondary and the mass of the

initially primary star. A flat distribution is in a reasonable agreement with

observations of [303].

• Initial separation distribution: we assume a flat distribution in the logarithmic

space of binary separation in the interval of 1R⊙-10
4R⊙; Na ≃ log(a). This

is equivalent to Opik’s law, ie. a uniform distribution in log(p) [253].We note

that since we sample from the distribution of semimajor axis, some of our

systems have sub-day periods. However, we discard any systems that fill their

Roche-lobe at zero-age main sequence and we do not take them into account

for calculating event rates (see section A.1).

• Initial eccentricity distribution: the initial eccentricity assumed to follow a

thermal distribution [126], i.e. fe ∝ e.
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2.3.9 Simulation setup

In section 2.4, we explore the impact of uncertainties of first phase of mass transfer

on the merging binary black hole population. We do this by varying four parameters

in our simulations, namely:

1. γ, which expresses the specific angular momentum lost from the binary during

a non-conservative mass transfer phase as a fraction of the total specific angular

momentum of the binary. We vary γ only for non-compact accretors.

2. β, which describes the mass transfer accretion efficiency. We vary β only for

non-compact accretors.

3. ζad,rad, which is the mass-radius exponent for giant donors with radiative en-

velopes. It determines the boundary between stable and unstable mass transfer

episodes.

4. Teff,boundary, which is the effective temperature at which a deep convective en-

velope is expected to develop.

The details of our model variations are summarised in Table 2.1. Using only our

standard stellar wind model, we run simulations with all possible combinations of γ,

β ζad,rad and Teff,boundary (i.e 16 models in total, named M1..M16, see e.g. Table 2.3).

We simulate 106 binaries at each value of our metallicity grid for each model vari-

ations. Our metallicity grid is defined as Z = [0.02, 0.01, 0.005, 0.003, 0.001, 0.0007,

0.0005, 0.0003, 0.0001]. To make comparisons with other studies easier, we have con-

verted ζ to the critical mass ratio for each model variation in table A.1. We calculate

the merger rate density in the local universe, as summarised in section A.1.

In section 2.5, in which we investigate the impact of uncertainties in mass loss
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Table 2.3: A summary of our predicted rates for all of our model variation with our
standard stellar wind models (i.e. Model I)

Model name Model description Rstable [Gpc−3yr−1] RRCEE [Gpc−3yr−1] RCCEE [Gpc−3yr−1] Rtotal [Gpc−3yr−1]

M1 γ = 2.5, β = 0.3, ζad,rad = 4, Teff-K 13.8 5.9 3.7 23.4
M2 γ = 2.5, β = 0.7, ζad,rad = 4, Teff-K 10.2 8.7 7.5 26.4
M3 γ = 2.5, β = 0.3, ζad,rad = 4, Teff-IT 13.4 0.7 5.0 19.1
M4 γ = 2.5, β = 0.7, ζad,rad = 4, Teff-IT 9.1 0.9 11.0 21.0
M5 γ = 2.5, β = 0.3, ζad,rad = 7.5, Teff-K 60 3.3 4.0 67.3
M6 γ = 2.5, β = 0.7, ζad,rad = 7.5, Teff-K 88.9 4.2 7.8 100.9
M7 γ = 2.5, β = 0.3, ζad,rad = 7.5, Teff-IT 53.9 0.6 5.0 59.5
M8 γ = 2.5, β = 0.7, ζad,rad = 7.5, Teff-IT 77.4 0.3 10.6 88.3
M9 γ = 1, β = 0.3, ζad,rad = 4, Teff-K 2.2 11.8 19.4 33.4
M10 γ = 1, β = 0.7, ζad,rad = 4, Teff-K 2.4 12.8 15.0 30.2
M11 γ = 1, β = 0.3, ζad,rad = 4, Teff-IT 2.1 3.5 42.2 47.8
M12 γ = 1, β = 0.7, ζad,rad = 4, Teff-IT 2.4 1.4 24.2 28.0
M13 γ = 1, β = 0.3, ζad,rad = 7.5, Teff-K 43.9 7.4 19.0 70.3
M14 γ = 1, β = 0.7, ζad,rad = 7.5, Teff-K 73.3 6.0 13.8 93.1
M15 γ = 1, β = 0.3, ζad,rad = 7.5, Teff-IT 45.8 3.1 40.7 89.6
M16 γ = 1, β = 0.7, ζad,rad = 7.5, Teff-IT 76.0 0.6 25.1 101.7

rates due to stellar winds, we perform binary evolution simulations for 106 systems at

metallicities Z = 0.02, 0.01 and 0.005. We test three stellar wind models (e.g. Model

I, II, III, see section 2.3.7) and vary ζad,rad and γ, while assuming the convective

envelope prescription of [150] and β = 0.3.

We note, however, that with the metallicity specific star formation rate model

that we assume in this study (see equations B.11 and A.6), GW progenitors formed

at Z ≳ 0.005 do not contribute to the merger rate density in the local universe sig-

nificantly. Consequently, in our models, different assumptions about mass loss rates

of line-driven winds (which are only relevant at Z ≳ 0.005) also do not affect the

demographics of GW sources at z ∼ 0 significantly. However, whether merging bi-

nary black holes with masses MBH ∼ 30M⊙ could be formed in an environment that

is typical for the LMC and the SMC or even in the Milky Way (i.e. Z∼0.02-0.005)

remains an important and open question [see e.g. 330]. Furthermore, the models

for metallicity-specific star formation rates, as well as the metallicity dependence of

stellar winds are highly uncertain [see e.g. 53].
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Figure 2.2: The mass distribution of the primary of the merging binary black hole in
the local universe (z = 0) for all of our models with our standard stellar wind models
(e.g. fwind = fwind,WR = 1, see Table 2.1). The distribution is shown by stacked
histograms, where each colour indicates a different formation channel. In the legend
on the upper right corner in each panel, we show the percentage of each channel.
In Fig. A.10, we provide a comparison between these distributions and the primary
mass distribution of BH-BH binaries as inferred from the the third LIGO–Virgo
Gravitational-Wave Transient Catalog (GWTC-3) [9]
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Figure 2.3: 2D Histograms that show the masses of the merging binary black holes
for a few selected models at Z = 0.0007. Each histogram has been normalised to
the merger efficiency of their own model variation. The dashed lines show constant
mass ratios. We also show the observed GW detections from the third LIGO–Virgo
Gravitational-Wave Transient Catalog (GWTC-3) and associated measurement un-
certainties [9]. We do not show those detections, where any of the inferred merging
black hole mass is above MBH ≥ 45M⊙.
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Figure 2.4: Our simulated binaries in the initial mass ratio - initial separation space.
We show the orbital separation after tidal circularisation. The systems are simulated
with the following parameters; β = 0.3, ζad,rad = 7.5. Furthermore, we have used
the assumption of [150] regarding the development of deep convective envelopes. In
the left panel we show systems with γ = 2.5, in the right with γ = 1. We show
the outcome of each simulated binary with difference colours. We distinguish the
following types; (i) interacting, detached: these binaries interact via mass transfer
phases at least once and form detached BH-BH binaries which do not merge due to
gravitational waves within Hubble time, (ii) interacting, disrupted: these binaries
interact at least once and get disrupted due to the supernova kick of one of the binary
components, (iii) interacting, stellar merger: these systems interact at least once and
merge due to one of their mass transfer phases. Their first mass transfer phase is
typically stable or unstable with a MS or HG donor, (iv) non-interacting: none of
the stars fill their Roche-lobes, they either stay detached or get disrupted, (v) CEE
in 1st MT with CHeB donor: these binaries have a core-helium burning donor at the
onset of the first mass transfer phase, and they initiate a dynamically unstable mass
transfer (vi) GW source, stable channel: gravitational wave progenitors evolving
via two subsequent stable mass transfer phases, (vii) GW source, CEE channel:
gravitational wave progenitors evolving via a stable and an unstable mass transfer
phase.
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2.4 Results: the impact of uncertainties in stable mass

transfer

In Fig. 2.2, we show the primary mass distribution of merging binary black holes

in the local universe (z = 0) for the three dominant channels: stable, rCEE, cCEE

for all of our model variations. In Table 2.3, we show the corresponding predicted

cosmic merger rate densities.

The total predicted merger rate densities (Rtotal) are in a broad agreement with

the currently inferred rate from LIGO and Virgo observations [which is RGWTC3 =

28.3+13.9
−9.1 Gpc−3yr−1, see e.g. 6]. Rtotal of model variations with ζad,rad = 4 are within

a factor of two of this inferred value, while Rtotal of model variations with ζad,rad = 7.5

are larger than the observed rate by a factor of 3-4. In Fig. A.10 and section A.4,

we provide a comparison between the primary mass distribution of our models and

inferred distribution from GWTC-3 [9].

Fig. 2.2 clearly demonstrates that the relative rate of each formation channel

varies significantly with different model variations. Parameters γ and ζad,rad have the

largest impact. The stable channel dominates in 11 out of 16 model variations, and

the cCEE channel dominates in the remaining 5. The rCEE channel is non-negligible

only in 4 model variations. In 12 model variations, the vast majority of the most

massive systems originate from the stable channel [in agreement with 407, 42].

While GW sources form most efficiently via the CEE channel in models M1-M3

(see e.g. ζad,rad = 4 and γ = 2.5 models in Fig. A.11), Rtotal is still dominated by the

stable channel in these model variations. This is due to the relatively long formation

times associated with the stable channel and the monotonic increase of the cosmic

star formation rate up to z ∼ 2 (see e.g. [205]). Most of the sources of the stable
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channel are formed at higher redshifts than the sources of the CEE channel, and

at these higher redshifts the star formation rate is also higher, which leads to an

increased merger rate. [see similar conclusions in 247, 407]

Fig. 2.3 shows the predicted mass ratios distribution of GW sources and its

dependence on primary BH mass. For relatively massive systems (MBH ≳ 20M⊙),

this distribution is dependent on the assumptions on the uncertain binary physics.

The formation channels can yield a population of merging binary black holes with

a relatively narrow range in mass ratios (0.8 ≲ q ≲ 1.0) or a moderately wide mass

ratio distribution (0.5 ≲ q ≲ 1.0). The mass ratio distributions of the most massive

GW sources of the stable channel is most sensitive to the assumed mass transfer

stability parameter. In models with ζad,rad = 4, the typical mass ratios are between

0.8 ≲ q ≲ 1.0, while in models with ζad,rad = 7.5, the mass ratio distribution

becomes much broader, i.e. 0.5 ≲ q ≲ 1.0. We notice smaller variations in the

mass ratio distribution for the CEE channel with different assumptions in binary

physics, though model variations with γ = 1 produce somewhat broader mass ratio

distributions than models with γ = 2.5. The less massive systems generally have

much wider mass ratio distributions in all model variations.

Overall, we do not notice significant variations in the merger rate density, BH

mass range, or the shape of the mass distributions across different model variations.

Our results, therefore, show that while the main GW observables do not depend

sensitively on the uncertainties studied here, the relative importance of dominant

channels do. In other words, the formation paths of the majority of GW progenitors

can be entirely different depending on the assumptions on how the first phase of mass

transfer proceeds and yet the predicted demographics of merging binary black holes

are very similar [though we neglect spins in this study, see e.g. 22]. This highlights

why it is extremely challenging to infer physics of massive binary evolution solely

from GW observations, given the huge uncertainties in the current models.
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Next, we briefly summarise the most important ways how uncertainties related

to the first phase of mass transfer can affect the relative importance of the dominant

GW formation channels, while in sections 2.4.1 - 2.4.4, we discuss these effects in

detail.

1. The assumed angular momentum loss has a strong impact on which formation

channel dominates. Typically, the stable channel dominates in models with

γ = 2.5 (see e.g. first row in Fig. 2.2), while the cCEE channel dominates, if

γ = 1, however the latter depends on the assumed ζad,rad as well (compare e.g.

third and fourth row in Fig. 2.2).

2. An increased ζad,rad leads to a higher merger rate of the stable channel. How-

ever, this increase is only significant for relatively lower mass black holes

(MBH,1 ≲ 20M⊙). With lower mass transfer efficiencies (e.g. β = 0.3), we

find that the merger rate of binary black holes with MBH,1 ≳ 20M⊙ is not

affected at all, unless γ = 1.0.

3. The merger rate of the rCEE channel is only non-negligible with the convective

envelope prescription of [167]. Furthermore, the GW sources of this channel

comprise of relatively lower mass BHs (i.e MBH,1 ≲ 20M⊙) in all of our model

variations (see section 2.4.4).

2.4.1 The impact of angular momentum loss on the stable channel

As evident from Fig. 2.2, the merger rate density of the stable channel (Rstable)

depends sensitively on the assumed angular momentum loss during the first phase

of mass transfer (e.g. compare first with third row). In our γ = 2.5 models, this

formation channel is particularly efficient and is typcially the dominant out of the

three main formation paths considered here. On the other hand, in the γ = 1
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models, the merger rate of this channel is negligible, unless the mass-loss exponent

is increased, i.e. ζad,rad = 7.5.

In order to understand the reason for the relation between γ and Rstable, we need

to consider the following three important features of this formation channel:

1. The progenitors of the stable channel have relatively short initial orbital sepa-

rations. For these systems, the largest values of aZAMS is a few hundred solar

radii (shown in Fig. 2.4). If aZAMS is much larger than that, the orbit does not

shrink sufficiently by two phases of stable mass transfer, such that a merging

binary black hole would be formed.

2. There is a minimum initial orbital separation for the binaries of the stable

channel. We identify a minimum aZAMS associated with this channel, be-

low which binaries typically do not form GW sources. This minimum aZAMS

roughly coincides with the separation at which the initial primary would fill

its Roche-lobe just when it evolved off MS (see Fig. 2.4). If aZAMS is below

this minimum value, the first phase of mass transfer (Case A) leads to a stel-

lar merger eventually in the vast majority of cases (shown in Fig. 2.4). As

explained in detail in section A.2.3, even if the initial orbit is wide enough for

the system to survive the Case A mass transfer phase, the binary still likely

merges in the subsequent mass transfer event. In this case, the first phase of

Case A mass transfer leads to a less massive black hole from the initial primary

(because the formation of the helium core is halted) and to a more massive

secondary (because more mass is transferred to the accretor) with respect to

systems experiencing a mass transfer episodes at later stages. This results in

a relatively high mass ratio at the onset of the second phase of mass transfer

(qMT,2) and such systems merge as a result of a dynamically unstable second

phase of mass transfer (i.e. typically qMT,2 ≳ qcrit with ζad,rad = 4, where qcrit
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is the critical mass ratio, i.e. the mass ratio above which the mass transfer

episodes proceeds in a dynamically unstable fashion, see also Table A.1). To

conclude, systems with a first phase of Case A mass transfer typically merge

before forming BH-BH binaries [see also 100] and therefore, there exists a

minimum initial separation associated with the stable channel. .

3. The lower the angular momentum loss is, the wider the orbit becomes during

the mass transfer phase. This means that the orbital separation of binaries

with γ = 1 typically widens more during the mass transfer phase than with

γ = 2.5. The degree by which the orbit changes due to a first phase of (stable)

mass transfer is primarily determined by the initial mass ratio (qZAMS), γ and β

(see Fig. A.4). Systems that form GW sources via the stable channel typically

have initially near equal masses (0.7≲ qZAMS ≲1.0, but see e.g. [99]). This

is because such binaries develop sufficiently large mass ratios by the onset of

the second phase of mass transfer (see Fig. A.4), and therefore experience

efficient orbital shrinking during a stable phase of mass transfer with a black

hole accretor (see equation 3.16). For these initial mass ratio ranges, the orbit

of the binary significantly widens in the γ = 1 models, while the net change

in the orbital separation is very small in the γ = 2.5 models (see Fig. A.5).

We note that, if qZAMS is very small, the orbit shrinks due to the first phase

of mass transfer, even with γ = 1, but in that case qMT,2 will be small and

therefore the orbit will widen due to the second (stable) phase of mass transfer

and no GW source will be formed (compare Fig. A.4 with Fig. A.5).

Considering these three points, it is possible to understand why the stable channel

is inefficient with γ = 1. The orbit widens too much due to the first phase of mass

transfer, even for those binaries that start out with the minimum aZAMS associated

with this channel. Therefore, the binary black holes that eventually form this way

are too wide to merge due to GWs within the Hubble time.
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As shown in Fig. 2.2, stable channel can be efficient with γ = 1, if ζad,rad = 7.5.

In this case, the significant orbital widening due to the first mass transfer phase can

be counteracted by the effect of the second phase of the mass transfer for sources

with relatively large mass ratios at the onset of the second mass transfer (3.2 ≲

qMT,2 ≲ 5.5, see equation 3.16). Such sources can form, if the first mass transfer

phase is Case B and the mass transfer efficiency is relatively large (e.g. β = 0.7) or

if the first mass transfer is (very late) Case A, which typically leads to large values

of qMT,2.

The relationship between Rstable and γ is therefore dependent on the predicted

outcome of Case A mass transfer episodes. We emphasise again our point in section

2.3.1, that the treatement of Case A mass transfer in stellar evolutionary codes based

on [138], is extremely simplified and its predictions should be treated with caution.

While we should expect that the prediction of large values qMT,2 following a Case

A mass transfer phase is qualitatively true (and theferore a minimum aZAMS could

indeed exist for the stable channel), whether indeed the vast majority of them would

be above qcrit should be further investigated.

2.4.2 The impact of angular momentum loss on the CEE channel

Fig. 2.2 shows that the efficiency of the cCEE channel is also sensitively dependent

on the assumed γ, although in an opposite way as for the stable channel. RcCEE is

about a factor of 8 larger with γ = 1 than with γ = 2.5 in our low mass transfer

efficiency models. With β = 0.7, this difference is about a factor of two.

Below we explain the reason for this relationship. The binaries of the cCEE

channel have aZAMS of a few thousand solar radii. Only in this case, the binaries

are sufficiently wide by the onset of the second phase of mass transfer, such that the
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donor star (i.e. the initial secondary star) fills its Roche-lobe with a deep convective

envelope.

In general, binaries have wider orbital separations at the onset of the second

phase of mass transfer (aMT,2) with γ = 1 than with γ = 2.5. Consequently, there

are significantly more systems in the latter case for which the second phase of mass

transfer is Case Cc (compare the top panels of Fig. A.7). This also leads to a higher

RcCEE, since in this channel the second phase of mass transfer is by definition Case

Cc (see section 2.2.1). There are two reasons for this:

1. The rate of unstable first phase of mass transfers of the widest interacting

binaries sensitively depends on angular momentum loss. The binaries with

the longest periods that still exchange mass engage in Case Cc first phase of

mass transfer (see Fig. 2.4). As shown in Fig. 2.4, in our low mass transfer

efficiency model, the majority (∼ 80 per cent) of Case Cc episodes occur in an

dynamically unstable way, if γ = 2.5. For these binaries, the orbital separation

drastically decreases due to the first phase of unstable mass transfer and these

binaries typically do not form GW sources. On the other hand, the majority of

the same mass transfer episodes are stable with γ = 1, and as a result, the orbit

typically widens for these systems. This leads to larger values of aMT,2 and

consequently a higher rate of Case Cc second phase of mass transfers compared

to the models with γ = 2.5. Therefore, the critical mass ratio associated with

a first phase of Case Cc mass transfer is sensitively dependent on the assumed

γ and β, (see Fig. 2.4 and Table A.1). This can be understood by considering

that with larger angular momentum loss, the orbit shrinks at a faster rate at

the beginning of the mass transfer phase and therefore a dynamically unstable

mass transfer phase is more easily instigated.

2. The periods of binaries engaging in a first phase of Case Cr mass transfer tend
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to increase more with lower angular momentum loss. As a result, the number

of binaries that have large aMT,2 is higher in the models with γ = 1 with

respect to models with γ = 2.5, and consequently, so is the rate of a second

phase Case Cc mass transfer, since in wider binaries, the donor star fills its

Roche-lobe at a later evolutionary stage and therefore it is more likely that

this occurs when the star has already developed a deep convective envelope.

2.4.3 The impact of mass transfer stability parameter

Fig. 2.2 shows that Rstable increases and RrCEE decreases with increasing ζad,rad

(compare row 1 and 2, or row 3 and 4 of Fig. 2.2). This effect is not surprising;

larger ζad,rad translates to larger qcrit, which implies a larger parameter space for

stable mass transfer episodes, in case the donor star is evolved and has a radiative

envelope. At the same time, the degree by which the orbital separation shrinks due

to a stable phase of mass transfer significantly increases with increasing qMT,2 (see

e.g equation 3.16), which results in an efficient formation of GW sources via the

stable channel. For example, with qMT,2 = 3.2 (i.e. qcrit at ζad,rad = 4), the orbit

shrinks typically by ∼ 200 R⊙ due to a stable phase of mass transfer with a BH

accretor, while the same with qMT,2 = 5.5 (i.e. qcrit at ζad,rad = 7.5) is ∼ 1000 R⊙.

This means that the orbital shrinking due to a stable mass transfer with mass ratios

qMT,2 ≳ 5 can be as efficient as due to common envelope evolution in our models.

However, Fig. 2.2 also shows that only the merger rate of relatively lower mass

merging BH-BH binaries (i.e. MBH,1 ≲ 20M⊙) is significantly affected by an in-

creased ζad,rad (and γ = 2.5). In particular, when we increase ζad,rad from 4 to 7.5,

the merger rates of systems with MBH,1 ≳ 20M⊙ remains practically unchanged in

our low mass transfer efficiency model, and increases only by a factor of 3 in our high

mass transfer efficiency models (while the Rstable for the entire mass range increases
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almost by a factor of 9). The reason for this can be understood by inspecting Fig.

A.6. At low metallicities, where we expect the vast majority of the GW progenitors

to originate from, the maximum qMT,2 that binaries engaging in a first phase of Case

B mass transfer develop significantly decreases with increasing MZAMS,1. For exam-

ple, at Z = 0.0007 and for binaries with MZAMS,1 ≳ 60M⊙, this maximum of qMT,2

is about 3 and 3.5 for β = 0.3 and β = 0.7, respectively. Consequently, increasing

ζad,rad from 4 to 7.5 (corresponding to increasing qcrit from 3.2 to 5) does not have

a significant effect on Rstable for the most massive GW progenitors. An exception

to this can bee seen in the model variations with γ = 1. In these models, the most

massive GW sources of the stable channel have (a very late) Case A first phase of

mass transfer, and develop qMT,2 ≳3.2. In this case, increaseing ζad,rad affects the

merger rate of the most massive binary black holes too (see last two panels in the

4th row of Fig. 2.2)

2.4.4 The impact of different convective envelope prescriptions

In our models with the convective envelope prescription of [167], the maximum pri-

mary mass of the BH-BH binaries of the cCEE channel is about MBH,1 ≈ 20M⊙

(see e.g. first two columns of Fig. 2.2). This is about a factor of two lower than

with the prescription of [150]. This is because the models of [167] predict that most

massive stars (i.e. MZAMS ≳ 50M⊙) either never develop deep convective envelopes

or they do at a late evolutionary stage, which is not followed by a significant expan-

sion of stellar radius. This implies that the rate of Case Cc mass transfer episodes

with donor stars with MZAMS ≳ 50M⊙ is negligible and therefore so is RcCEE for

MBH,1 ≳ 20M⊙.

The merger rate of rCEE is negligible with the prescription of [150]. In these

models, stars develop a deep convective envelop soon after the onset of core-helium
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burning. Therefore, the occurrence rate of a second phase of unstable Case Cr mass

transfer is very low. This is no longer true for the models with the prescription of

[167], in which the rCEE channel can account for up to 42 per cent of all mergers

(see M10 in Fig. 2.2). However, the primary BH mass is always MBH,1 ≲ 20M⊙ for

this channel. This can be understood again by inspecting Fig. A.6. The maximum

value of qMT,2 is either below or slightly above qcrit for the most massive systems

experiencing a Case Cr mass transfer phase (depending on the assumed mass transfer

efficiency). Therefore, very few binaries with M1,ZAMS ≳ 50M⊙ initiate an unstable

Case Cr phase. We can also see that the values of qMT,2 are considerably lower for

Case C than for Case B mass transfer episodes. This is due to the strong LBV

winds that decrease the mass ratios of the binaries over time. Therefore, metallicity

independent LBV winds also contribute to the low RrCEE in our models.

2.4.5 Comparison to earlier studies

Relatively early rapid population synthesis studies predicted that merging binary

black holes overwhelmingly originate from the CEE channel [see e.g. 69, 27, 336],

while the contribution from the stable channel is negligible. On the other hand,

[247] found that the stable channel is the dominant source of merging binary black

holes. Qualitatively similar results were found by several subsequent studies [i.e.

99, 251, 407]. A common interpretation for this difference is that in the latter

studies, a significantly higher ζad,rad is assumed (or in case of detailed binary models,

computed). For example, [247] assumes ζad,rad = 6.5 following [102], which leads to

higher rate of stable mass transfer episodes with significant orbital shrinkage when

compared to, for example, [336].

Our results confirm that the value of ζad,rad indeed plays an important role for

Rstable (see discussion in section 2.4.3). However, our models also suggest that the
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significance of the stable channel is affected by the assumed angular momentum

loss mode as well, and we expect this to be also the reason why the models of [27]

predict a negligible Rstable. In particular, [27] assumes γ = 1 and a critical mass ratio

of qcrit = 3 for HG donors (for comparison, our assumed ζad,rad = 4 is equivalent

to qcrit = 3.2, if the accretor is a BH). Therefore, the models of [27] are fairly

similar to our M11 and M12 models (see Table 2.3). Our simulations of M11 and

M12 indicate that the stable channel is essentially negligible, in broad agreement

with [27]. However, in the models with a higher angular momentum loss (i.e. γ

= 2.5), but with the same ζad,rad, Rstable significantly increases and even dominates

for MBH,1 ≳ 25M⊙. In conclusion, the stable channel can embody a significant

formation channel for merging binary black holes not only for ζad,rad ≳ 6.5 but also

for strong angular momentum loss modes such as γ = 2.5.

In the majority of our model variations, the most massive merging binary black

holes originate from the stable channel (i.e. MBH,1 ≳ 25M⊙) in broad agreement

with [247]; [407] and [41]. In particular, our Fig. 2.2 can be directly compared to

Fig. 5 of [407] and Fig. 7 of [42]. Our models generally agree more with that of [407]

than with that of [42]. This is not surpising, as the models of [407] were generated

by COMPAS [293], which also use the fitting formulae of [138]. Smaller differences

between these models most likely can be attributed to different choices in binary

physics assumptions of [407], such as ζad,rad = 6.5, isotropic angular momentum

loss mode, i.e. γ = Md/Ma and a mass transfer efficiency, which is related to the

thermal timescale of the accretor star. The differences between our predictions and

the results of [42] are more significant. While they predict that the stable channel

dominates at high masses, the overall contribution of this channel is still small (∼6.4

per cent). Furthermore, they find several other channels to be efficient, including

ones in which only one phase of mass transfer occurs. These differences are most

likely due to the following: i) their model is produced with BPASS [83, 331], which
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uses detailed binary models, ii) they assume that if the accretor star accretes 5

per cent of its initial mass, it will evolve chemically homogeneously (which allows

channels with only one mass transfer episode to be efficient), iii) they assume a

super-Eddington accretion for BH accretors.

Furthermore, we find non-negligible differences in the reported final mass ratio

distributions. In particular [42] finds that most systems from the stable channel

have q ≲ 4 (most likely can be attributed to their assumption of super-Eddington

accretion rate), while [407] finds a relatively narrow range of 0.5≲ q ≲ 0.8. On the

other hand, the predicted mass ratios of the systems from the stable channel in our

models typically peak at q ≈1 and drop rapidly beyond q ≈ 0.8 with ζad,rad = 4 and

beyond q ≈ 0.5 with ζad,rad = 7.5 (see Fig. 2.3). [407] finds a mass ratio distribution

of the CEE sources in the range of 0.2≲ q ≲ 1.0, which peaks around q≈ 0.3 and

gradually decreases from that value with increasing q. While our predicted mass

ratios for this channel are typically in the same range, they peak around q ≈ 1 in

all of our model variations.

2.4.6 Remark about predicted merger rate densities

The predicted merger rate densities for the 16 model variations discussed in the

previous subsections have a relatively narrow range of Rtotal = 19.1-101.7 Gpc3yr−1.

This is a relatively small variaton in Rtotal, when compared to many previous popu-

lation synthesis studies [where the typical variations in the predicted Rtotal can span

several orders of magnitude, see e.g. 229, 70, 106, 28, 44]. Furthermore, our pre-

dicted rates are in a reasonably good agreement with the currently inferred merger

rate density from LIGO and Virgo observations (i.e. RGWTC3 = 28.313.9−9.1Gpc−3yr−1).

Below, we discuss that this apparent agreement with observations is most likely a

coincidence, and the small variations in the merger rate density is not in a disagree-
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ment with previous studies. More importantly, our models should not be mistaken

for accurate massive binary evolution models.

In Fig. 2.5 (which is an adopted version of Fig. 3 of [210]), we show the predicted

Rtotal of merging binary black holes originating from the isolated binary channel

from several population synthesis studies, including this one. A number of studies

predict a large variation in Rtotal, which spans about two orders of magnitude [e.g.

70, 28, 395, 44]. However, in these studies, two orders of magnitude variations in

Rtotal are typically only achieved, when assumptions regarding i) CEE physics, ii)

the magnitude of the natal kick or iii) the metallicity specific star formation rate

are varied. We do not vary any of the parameters related to the aforementioned

processes. Studies that also do not perform such variations, typically find a range

of Rtotal within one order of magnitude, i.e. similar to the range presented in this

chapter [see e.g. 250, 251, 22, 319].

We finally note that the apparent agreement between the currently observed

merger rate (i.e. RGWTC3 = 28.313.9−9.1Gpc−3yr−1) and our predicted Rtotal is most

likely a pure coincidence. Firstly, there are simply too many poorly understood

elements in our models. Many of these significantly affect the predicted Rtotal, such

as CEE, natal kick, star formation rate and the metallicity distribution of stars [for

the latter and how the related uncertainties affect Rtotal, see 55, or ”Chruslinska et

al. 2019” in Fig. 2.5 ]. Secondly, models employed in this study should be regarded

as toy models, which serve the purpose to explore how sensitive the demographics

of merging BH-BH binaries are on certain poorly constrained processes. However,

they are not sufficiently detailed nor accurate to reliably model the formation of GW

sources. For example, many processes related to mass transfer are parametrised

in an overly simplified way (i.e. constant β, λ, αCEE, γ that do not depend on

the parameters of the stars). Therefore, our models cannot precisely represent a

sufficiently realistic evolutionary path of a given massive star population.
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Figure 2.5: Figure adopted from [210], summarising the merger rate density predic-
tions of merging binary black holes originating from the isolated binary channel at
z ≈ 0 from various population synthesis studies
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2.5 Results: the impact of stellar winds

In this section, we investigate how different assumptions about mass loss rates of line-

driven winds affect the evolution of interacting massive binaries (subsection 2.5.1)

and progenitors of GW sources (subsection 2.5.2). We test three different models,

these are Model I with fwind = fwind,WR = 1, Model II with fwind = 1/3, fwind,WR = 1,

and finally Model III fwind = fwind,WR = 1/3. The three different stellar wind models

are summarised in Table 2.3.7 (see also subsection 2.3.7). Finally, in subsection 2.5.3,

we discuss the importance of LBV winds and the Humphreys-Davidson limit on GW

sources.

2.5.1 The effects of stellar winds on binary evolution

In Figure 2.6, we show the remnant mass as a function of initial mass for single

stars and for stars in interacting binaries at Z = 0.01. We see that stars in interact-

ing binaries produce considerably lower mass black holes compared to their single

counterparts.

There are two major reasons for this. Firstly, as the donor star loses its hy-

drogen envelope as a result of the mass transfer phase, its hydrogen-shell burning

is halted and therefore so is the growth of its helium core. As the helium core is

expected to grow only slightly during the very short Hertzsprung gap phase, but

significantly during the core-helium burning phase (see later Fig. 2.7), the remnant

mass depends on whether the system undergoes Case B or Case C mass transfer. In

particular, at metallicities Z ≳ 0.005, the radial expansion after the onset of core

helium burning of stars with MZAMS ≳ 40M⊙ is negligible (Fig. A.1). Practically,

all interacting massive binaries with MZAMS ≳ 40M⊙ initiate Case A or Case B mass
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Figure 2.6: The mass of the remnant as a function of initial mass at Z = 0.01 for stars
in interacting binaries and single stars for our three stellar wind models. Model I
shown by solid lines, Model II shown by dashed lines and Model III shown by dotted
lines. The black lines show the remnant mass for single stars (e.g. their hydrogen
envelope is not stripped as a result of a mass transfer episode), the blue lines show
the remnant mass for stars, which lose their envelopes just at the moment when
they cross the Hertzsprung gap (e.g. at zero-age Hertzsprung gap), the yellow lines
show stars, which lose their envelopes at the end of the Hertzsprung gap phase (e.g.
terminal-age Hertzsprung gap gap). Here we ignored the accretion by the BH in an
eventual second phase of mass transfer, which is a valid assumption, if the accretion
is Eddington-limited

106



2.5. Results: the impact of stellar winds

Single Binary Binary II Binary III
0

25

50

75

100

M
 [M

]

27.6M

37.2M

9.3M

23.3M

27.6M

40.5M

13.7M

16.3M

12.4M

46.4M

20.3M

18.7M

12.4M

46.4M

9.6M

28.3M

Line-driven in MS
LBV winds

Mass transfer
Wolf-Rayet winds

SN
Remnant

3.5 3.6 3.7 3.8 3.9
Time [Myr]

20

40

60

80

M
 [M

]

Single
Binary
Binary II, fwind = 1/3
Binary III, fwind = fwind, WR = 1/3

Figure 2.7: The importance of stellar winds with and without binary interactions
are compared by showing the evolution of a star with an initial mass of MZAMS,1 =
100M⊙ at metallicity Z = 0.01 as a single star, and as a binary with a companion of
MZAMS,2 = 90M⊙ and with an initial orbital separation of aZAMS = 400R⊙. We show
the binaries for three different stellar wind models. Labels ’Binary’, ’Binary II’ and
’Binary III’ correspond to Model I (fwind = 1), Model II (fwind = 1/3) and Model
III fwind = fwind,WR = 1/3 ), respectively. We assume circular orbits. The top panel
shows the remnant mass and the mass lost due to different mechanisms. The bottom
panel shows the mass of the stars as a function of time. The green symbols indicate
the starting points of different stellar evolutionary phases; triangle: hydrogen-shell
burning phase, hexagon: core helium burning phase, diamond: helium star, cross:
helium giant. For clarity, we also show the curves starting from the hydrogen-shell
burning phase.
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Figure 2.8: The primary mass distribution of merging binary black holes for different
stellar wind models and different assumptions for mass transfer stability criteria
for giants with radiative donors (ζad,rad) and angular momentum loss during mass
transfer with non-compact accretor (γ) at metallicities Z = 0.02, 0.01 and 0.005.
For all models shown here the convective envelope prescription of [150] and β = 0.3
is assumed. This histograms are normalised to the merger efficiency.
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transfer episodes at these metallicities. Consequently, the yellow curves in Fig. 2.6

(corresponding to systems initiating mass transfer at the end of the Hertzsprung

gap phase of the donor star) show approximately the maximum remnant mass that

stars with MZAMS ≳ 40M⊙ from interacting binaries can have at Z = 0.01. Because

of the early envelope stripping, the helium cores of the donor stars cannot grow

significantly via hydrogen shell burning. As a result, they also form less massive

remnants than their non-interacting counterparts.

Secondly, the lifetime of the Wolf-Rayet phase of a star in an interacting binary

increases compared to that of the single star. The primary star in the interacting

binary spends most, if not all of its core helium burning lifetime as a stripped helium

star. As a consequence, the star in the binary ends up losing more mass due to Wolf-

Rayet winds than its single counterpart. Since the Wolf-Rayet winds directly affect

the mass of the helium core, the mass of the black hole sensitively depends on total

mass lost during this evolutionary phase. The single star also loses a significant

amount of mass via LBV winds. However, this impacts only the hydrogen envelope,

and not the mass of the helium core.

The difference between interacting and non-interactive binary evolution is illus-

trated in Fig. 2.7, where we compare the evolution of a single star with an initial

mass of MZAMS = 100M⊙, with the evolution of a binary with the same primary

mass as the mass of the single star. The mass of the black hole originating from single

stellar evolution is appreciably higher (MBH = 23.3M⊙) than the black hole formed

through binary evolution (MBH = 16.2M⊙, but also compare the black with the yel-

low lines in Fig. 2.6). In the lower panel of Fig. 2.7, we compare the evolution of the

masses of these two systems starting from the Hertzsprung gap phase. During this

phase, the helium core of the single star grows only slightly, from Mcore ∼ 31.2M⊙

to Mcore ∼ 31.7M⊙ (also compare the blue with the yellow lines in Fig. 2.6), while

it increases up to Mcore ∼ 35.2M⊙ by the end of the core helium burning. As previ-
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ously mentioned, at these metallicities, the most massive binaries are only expected

to undergo Case C mass transfer phase in negligible numbers. This implies that

the masses of stripped helium stars (MHE,binary), which evolve from an MS star with

MZAMS = 100M⊙ in an interacting binary is not above MHE,binary ∼ 31.7M⊙ for

the vast majority of the cases. The single star also loses its envelope eventually,

mostly due to LBV winds. However, this occurs well after the onset of the core

helium burning phase. During this phase, the mass of the helium core can grow

uninterrupted. As a result, a more massive helium star is formed, e.g. in this case

MHE,single = 35.2M⊙.

We also see that while in Model II single stars form appreciably more massive

BHs than in Model I, this difference is much smaller for interacting binaries. As

shown in Fig. 2.7, in Model II, the primary star of the binary system develops

a more massive helium core before the envelope loss (MHE,binary ≈ 40.3M⊙) than

in Model I (MHE,binary ≈ 31.7M⊙). However, this stripped star in the interacting

binary loses an enormous amount of mass via Wolf-Rayet winds and ends up with

a black hole that is only about 2.4M⊙ more massive than the black hole evolving

from the same system in Model I (compare the solid lines with the dashed lines in

Fig. 2.6). The decrease in the difference in remnant masses for interacting binary

systems compared to single systems is the result of the increased amount of mass

lost during the Wolf Rayet phase (∼ 20.3M⊙ as opposed to ∼ 13.7M⊙). In Fig. 2.7,

we also show the evolution of the binary with Model III, in which the Wolf-Rayet

winds are also scaled down by a factor of three. In this case, the mass of the final

black hole is about MBH ∼ 28.3M⊙, which is about 10M⊙ more than than the black

hole forming in the binary with Model I (compare the solid lines with dotted lines

in Fig. 2.6).
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Figure 2.9: 2D histograms of masses of the merging binary black holes for the three
stellar wind models at Z = 0.01. We have separated sources that have Case A first
mass transfer phase (green) and sources that have Case B first mass transfer phase
(blue). The histograms have been normalised to the merger efficiency at Z = 0.01.

2.5.2 The effect of stellar winds on merging binary black holes

In this subsection, we discuss how the maximum mass of merging binary black holes

are affected with different stellar wind models. In Fig. 2.8, we show the primary mass

distribution of merging binary black holes for all of our three stellar wind models

and with different values of ζad,rad and γ at metallicities Z = 0.02, 0.01, 0.005. The

difference in the maximum mass in Model I and Model II is only ∼ 4M⊙ and

therefore not significant. This is not surprising, as we found similar results for

interacting binaries in section 2.5.1.

Whether the most massive black holes in Model III form GW sources depends on

what we assume about the mass transfer stability criteria for giants with radiative

donors. With ζad,rad = 4, the most massive systems in Model III form BH-BH

binaries that are too wide to merge within Hubble time, or experience stellar merger

and never form BH-BH binaries. Therefore, in that case, the maximum masses of

the GW sources do not differ significantly between Model II and Model III. However,

with ζad,rad = 7.5, the primary masses of merging binary black holes can reach up

to MBH ∼ 30M⊙ for Model III at Z = 0.01, which is significantly larger than that
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of the most massive GW progenitors in Model II (MBH ∼ 20M⊙). In order to

understand this in more detail, let us consider how the most massive merging black

hole binaries are formed at metallicties Z ≳ 0.005:

• The most massive GW sources form via the stable channel. This is due to

our assumption that envelope ejection during CEE is only possible with core-

helium burning donors. At such high metallcities the expansion of radius in

such donors is negligible for MZAMS ≳ 40M⊙ (see Fig. A.1) and therefore so

are the rates of Case C mass transfer events for such systems.

• Binaries with the most massive stars only form GW source, if they have

qMT,2 ≳ 4-5. The orbit only shrinks efficiently due to a stable phase of mass

transfer with a BH accretor, if qMT,2 is large (see equation 3.16). In relatively

high metallicity environments (Z ≳ 0.005), the orbital separations of binaries

with the most massive initial masses are typically so wide at the onset of the

second phase of mass transfer due to stellar winds (see Figure A.9), that only

systems with qMT,2 ≳ 4-5 form BH-BH binaries that merge within the Hubble

time.

Considering these two points, we can understand why binaries with the most massive

stars do not form GW sources with ζad,rad = 4. In these model variations qcrit =

3.2 at the onset of the second mass transfer phase (see Table A.1). Consequently,

a binary with qMT,2 ≈ 4-5 experiences an unstable phase of mass transfer and the

system merges before it could form a BH-BH binary. If q ≲ qcrit, then the BH-BH

binary that is formed is too wide to merge within the Hubble time.

In Fig. 2.9, we show a 2D histograms of the masses of the merging binary black

holes at Z = 0.01 for each stellar wind model. We distinguish sources based on the

type of the first mass transfer episode (Case A is shown by green and Case B is shown
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by blue). The most massive systems in Model I and Model II experience a Case B

first phase of mass transfer. The most massive black holes from these models have

mass ratios 0.8 ≲ qfinal ≲ 1.0. On the other hand, the gravitational wave sources

with the most massive primaries are predicted to form in a very different way in

Model III. These binaries have their first mass transfers with (late) main sequence

donors and the mass ratio distribution of the merging binary black holes are in the

range of 0.6 ≲ qfinal ≲ 0.8. In Figure A.9, we show typically formation histories of

the most massive merging binary black holes from each mode and we discuss their

evolution in detail in section A.3.

2.5.3 The effect of LBV winds on the merging binary black hole

population

Stars that cross the Humphreys-Davidson limit are predicted to lose a significant

amount of mass via LBV stellar winds. However, the underlying mechanism for the

mass loss, the predicted mass loss rates and its metallicity dependence are extremely

uncertain [see e.g. 325].

If the progenitors of merging binary black holes have sufficiently wide initial or-

bital separations, such that the donor stars cross the Humphreys-Davidson limit,

before they initiate a mass transfer episode, then LBV winds will affect the de-

mographics of this merging binary black hole population. This can occur in the

following ways. Firstly, the range of the mass ratio distribution is decreased to

lower values at the onset of the second mass transfer by the LBV mass loss rates.

This affects the number of mergers of the rCEE channel (see also e.g. Fig. A.6

and discussion in section 2.4.4). Secondly, intense mass loss rates widen the orbit.

This can increase the number of binary black holes which are too wide to merge
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Figure 2.10: We show the positions of the donor stars at the onset of the second
mass transfer phase of GW progenitors in the HD diagram at Z = 0.0007 with 2D
histograms for two different model variations. The blue 2D histogram shows the
systems of the stable channel, while the red shows the systems of the CEE channel.
The yellow line shows the Humphreys-Davidson limit. We also show a few stellar
tracks with the same masses as in Fig. A.1, as well as the their most importnt evo-
lutionary steps with green shapes (see Fig. A.1). In the legend fStable,HD, expresses
the number of systems in the stable channel, in which any of the stars cross the
Humphreys-Davidson as a fraction of all stable channel GW sources. fStable,LumHD

is the same but expressed as a fraction of only those stable channel sources, in
which any of the stars in the binary would cross the Humphreys-Davidson limit, if
it evolved without any binary interactions

within Hubble time. Finally, extremely high LBV mass loss rates can also affect the

maximum size that the stars eventually reach. In principle, if the mass loss rates

are sufficiently high (ṀLBV ∼ 10−3M⊙yr
−1), the red-ward evolution of massive stars

could be truncated by LBV winds, as they would lose their hydrogen-rich envelopes

soon after the onset of core-helium burning.

The latter is why LBV winds have been associated with the lack of observed

red super giants above luminosities of log(L/L⊙ ≈ 5.8 (see e.g. [186], but also see

[128]; [108]; [302] for different possible scenarios). In the context of gravitational

wave progenitors, [229] found that, if the LBV mass loss rate is in the order of

ṀLBV = 10−3M⊙yr
−1 or higher, the merger rate of binary black holes drastically

decreases. However, we show that, if the BH-BH mergers are dominated by the
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stable channel, then this is not necessarily true. This is because for such binaries

both of the mass transfer phases occur in relatively small orbits, typically when the

donor is at the beginning of its hydrogen shell burning phase. Therefore, stars in a

large fraction of these systems never cross the Humphreys-Davidson limit.

In Fig. 2.10, we show the donor stars at the onset of the second phase of mass

transfer in the Hertzsprung-Russel diagram for the stable and the CEE channel at Z

= 0.0007 for two model variations. We chose these particular models because they

have the lowest and the largest number of GW progenitors of the stable channel, in

which any of the stars cross the Humphreys-Davidson limit during their evolution.

We also show the percentage of the binaries in the stable channel, in which any

of the stars evolves beyond the Humphreys-Davidson limit (fStable,HD). These are

fStable,HD = 0.9 per cent in the model with γ = 2.5 and fStable,HD = 29.4 per cent in

the model with γ = 1. This already indicates that in some of our model variations,

only a negligible number of GW progenitors of the stable channel is affected by

LBV winds. We note that this fraction is dependent on the mass of the stars, In

particular, in the model with the γ = 1, all stars with donor mass above 80 M⊙

initiate the mass transfer phase after they crossed the Huprheys-Davidson limit.

We also show fStableHD for all model variations at all metallcities in Fig. A.12.

This clearly demonstrates that especially at lower metallicties (at which most GW

sources are predicted to originate from), the majority of the systems in the stable

channel never become LBV stars.

As evident from Fig. 2.10, the most massive GW progenitors in the CEE channel

initiate the second phase of mass transfer well beyond the Humphreys-Davidson

limit, since the donors of these systems typically have a deep convective envelope

before they fill their Roche-lobes.

115



2.6. Conclusion

If the LBV mass loss rates were a magnitude higher than our assumed value, all

binaries in the CEE channel with stars that cross the Humphreys-Davidson limit

would lose their hydrogen rich envelopes before those would become mostly con-

vective. This would decrease the predicted merger rate and the maximum black

hole mass of this formation channel, broadly consistent with [229]. On the other

hand, this is not the case for the stable channel, as a significant fraction of these

systems never evolve beyond the Humphreys-Davidson limit. Even those systems

which do, the stars of these binaries typically spend there less than ∼ 10 per cent

of their Hertzprung gap lifetime. This means that even, if the mass loss rate is

ṀLBV = 10−3M⊙yr
−1, the donor would only lose ∼ 1M⊙ mass, and therefore the

predictions for the stable channel are little affected by a steady, intense LBV mass

loss. We show this in Fig A.13, where we determined the mass that would be lost

by the donor stars of the stable channel due to LBV wind with a mass loss rate of

ṀLBV = 10−3M⊙yr
−1 for the γ = 2.5, β = 0.3 models at each metallicity. We see

that even with such an enormous mass loss rate, the vastr majority of the donor

stars would only lose 1-2 M⊙.

2.6 Conclusion

We performed a parameter study on the classical isolated binary formation channel

of gravitational sources. Our primary aim was to investigate how sensitively the

demographics of merging binary black holes depend on current uncertainties related

to the first phase of mass transfer (between two hydrogen rich stars) and on stellar

winds. For this, we used the rapid population synthesis code SeBa to simulate the

evolution of massive binaries over a metallicity range Z = 0.0001−0.02 with several

model variations each with different assumptions about the binary physics. In the

first part of this chapter (section 2.4), we varied the (i) angular momentum loss
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and (ii) the mass transfer efficiency during first phase of mass transfer, (iii) the

mass transfer stability criteria for giants donors with radiative envelopes and (iv)

the effective temperature at which evolved stars develop deep convective envelopes.

In the second part of this chapter (section 2.5), we also varied the mass loss rates of

line-driven winds (see Table 2.1 for an overview for all of our model variations).

We find that current uncertainties related to the first phase of (stable) mass trans-

fer have a huge impact on the relative importance of different dominant channels,

while the observable properties (i.e. merger rate, mass and mass ratio distribu-

tion) of merging binary black holes are not significantly affected. This implies that

models with different binary physics assumptions might yield the same predicted

demographics of merging binary black holes, the origin of the majority of GW pro-

genitors could be entirely different. This shows why it is very challenging to infer

physics of massive binary evolution solely from GW observations in a meaningful

way, given the large uncertainties in our current models (see also [30]).

In order to break the degeneracy between the uncertain parameters and the

predicted population of merging binary black holes, it is clear that we have to analyse

the gravitational wave data along with electromagnetic observations. In particular,

regarding the first mass transfer phase, observations of WR-O/B binaries and high

mass X-ray binaries could offer invaluable clues about how the first mass transfer

episode proceeds. Especially an extensive catalogue of the former type would be

useful, as these systems have not yet experienced core-collapse, and their mass ratios

and orbital separations are directly related to the mass transfer efficiency and the

angular momentum carried away by the expelled matter.

In our model variations, we identify two dominant evolutionary paths, one in-

volves two stable mass transfer phases (stable channel), and one in which a stable

mass transfer episode is followed by an unstable mass transfer phase (CEE channel
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with two variant: cCEE and rCEE, see see Fig. 2.1). Below, we summarise our

most important results:

• Impact of angular momentum loss on the dominant channels (section 2.4.1 and

2.4.1): The assumed angular momentum loss during the first phase of mass

transfer determines how the orbital separation changes during mass exchange

and has an indirect effect on the rate of stable and unstable mass transfer

phases. Consequently, it has also a strong impact on the merger rate of differ-

ent formation channels. We find that typically the stable channel dominates

in our models with γ = (dJ/dMtot)/(J/Mtot) = 2.5, while, the merger rate of

cCEE channel remains low. On the other hand, in our models with γ = 1,

the merger rate of the stable channel is typically negligible, while the cCEE

channel is efficient.

• Impact of mass transfer stability criteria (section 2.4.3): The merger rate

of the stable channel increases with increasing ζad,rad. This is because the

degree of orbital shrinkage due to a stable mass transfer phase with a black

hole accretor becomes substantially more efficient with increasing mass ratios.

However, we find that only the merger rate of relatively lower mass BH-BH

binaries is significantly affected (i.e. MBH ≲ 20M⊙), when ζad,rad is increased

from 4 to 7.5 (corresponding to a qcrit of 3.2 and 5.5). This is because at lower

metallicities (which are the most relevant for GW sources), the maximum mass

ratios of the most massive binaries at the onset of the second mass transfer

phase is limited to 3-3.5, depending on the mass transfer efficiency.

• Line driven stellar winds (section 2.5.1 and 2.5.2): Although, decreasing the

mass loss rates of optically thin line driven winds by a factor of three signifi-

cantly increases the masses of the black holes formed without mass exchange

(see Fig. A.1), we do not find an appreciable difference in the masses of merg-

ing binary black holes (Fig. 2.8). The primary reason for this is that stars
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in interacting binaries experience a longer Wolf-Rayet phase due to envelope

stripping than their single counterparts. Although, with weaker winds on the

main sequence, stars develop a more massive helium core, they also experience

significantly higher Wolf-Rayet mass loss rates after the envelope stripping

(since the more massive helium core will be more luminous after envelope loss,

and this leads to considerably higher mass loss rates). However, if the Wolf-

Rayet mass loss rates are simultaneously decreased too, we find a significant

increase in the masses of gravitational wave sources, but only in the model

variations with ζad,rad = 7.5.

• LBV winds (section 2.5.3): Intense LBV mass loss rates can have signifi-

cant effect on the CEE channel. If the mass loss rates are above ṀLBV ∼

10−3M⊙yr
−1, the merger rate of the CEE channel becomes negligible. On the

other hand, the stable channel is not appreciably affected, as these binaries

have so short periods, such that their envelopes are stripped as a result of

a mass transfer episode before or very soon after they cross the Humphreys-

Davidson limit.
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Chapter 3

Stellar triples with chemically

homogeneously evolving inner binaries

authors: Andris Dorozsmai, Silvia Toonen, Alejandro Vigna-Gomez, Selma de Mink,

Floris Kummer

This chapter is a reformatted copy of Dorozsmai et. al 2023 [73], published in

MNRAS (https://academic.oup.com/mnras/article/527/4/9782/7469482) and

available on arXiv with the number of 2307.04793 (see https://arxiv.org/abs/

2307.04793). My contribution to this work was (i) to implement chemically homo-

geneously evolving stars and contact (inner) binaries in the triple evolution code,

TRES, (ii) to execute the simulations, (iii) to develop a code for the data analysis of

the population synthesis simulations, to formulate strategies for post-processing to

interpret the results, (v) to make the figures, (vi) and to write the manuscript. This

project was originally proposed by Silvia Toonen and Selma de Mink. The triple

evolution code, TRES, was developed by Silvia Toonen. Silvia Toonen, Alejandro

Vigna-Gomez, Selma de Mink and Floris Kummer provided a substantial amount
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3.1. Abstract

of scientific advice, and helped me to significantly improve the structure and the

quality of the manuscript.

3.1 Abstract

Observations suggest that massive stellar triples are common. However, their evolu-

tion is not yet fully understood. We investigate the evolution of hierarchical triples

in which the stars of the inner binary experience chemically homogeneous evolution

(CHE), particularly to understand the role of the tertiary star in the formation of

gravitational-wave (GW) sources. We use the triple-star rapid population synthesis

code TRES to determine the evolution of these systems at two representative metal-

licities: Z = 0.005 and Z = 0.0005. About half of all triples harbouring a CHE inner

binary (CHE triples) experience tertiary mass transfer (TMT) episodes, an event

which is rare for classically evolving stars. In the majority of TMT episodes, the

inner binary consists of two main-sequence stars (58-60 per cent) or two black holes

(BHs, 24-31 per cent). Additionally, we explore the role of von Zeipel-Lidov-Kozai

(ZLK) oscillations for CHE triples. ZLK oscillations can result in eccentric stellar

mergers or lead to the formation of eccentric compact binaries in systems with initial

outer pericenters smaller than ∼ 1200 R⊙. Approximately 24-30 per cent of CHE

triples form GW sources, and in 31 per cent of these, the tertiary star plays a sig-

nificant role and leads to configurations that are not predicted for isolated binaries.

We conclude that the evolution of CHE binaries can be affected by a close tertiary

companion, resulting in astronomical transients such as BH-BH binaries that merge

via GW emission orders of magnitude faster than their isolated binary counterparts

and tertiary-driven massive stellar mergers.
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3.2 Introduction

An accurate and detailed understanding of the evolution of massive stars is essential

for various important open questions in astrophysics, such as nucleosynthesis of

heavy elements, the origin of supernova events, gamma-ray bursts, and GW sources

(e.g. [187]). Observational evidence shows that the fraction of stars in hierarchical

triples or in higher-order multiple-stellar systems increases with the mass of the

primary star ([85, 305]). In particular, [235] showed that the majority of O-type

stars reside either in triple or quadruple stellar systems. This implies that in order

to understand the evolution of massive stars, and to correctly interpret the various

astrophysical phenomena related to them, we need to consider stellar interactions

in hierarchical triples.

The evolution of hierarchical triples involves a complex interplay between three-

body dynamics, stellar evolution, and stellar interactions [e.g. 354]. Three-body

interactions can result in e.g. ZLK oscillations [411, 195, 175, 243], a secular effect

where the eccentricity of the inner binary can be significantly enhanced as a result

of dynamics. ZLK oscillations coupled with various dissipative processes (e.g., tides,

GWs) can shrink the orbit [e.g. 224, 87, 346] and prompt the merger of the inner

binary [e.g. 264, 368]. These type of mergers can result in astronomical transient

events such as Type Ia supernova [e.g. 158, 355, 340] or double compact object

mergers [e.g. 16, 19, 295, 117, 93, 333]. Furthermore, stellar evolution can affect

the orbital dynamics of the triple. For example, radial expansion and mass loss can

prompt ZLK oscillations or dynamical instabilities [265, 320, 232, 357, 121].

Population synthesis studies of stellar triples show that the inner binaries in

hierarchical triples have increased stellar interactions compared to isolated binaries

[e.g. 356, 334, 120]. Similarly, tertiary-driven dynamics could play an essential role
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in double compact object mergers. While GW sources detected by the LIGO/Virgo

collaboration [LVC, e.g. 4, 3, 7, 345] have been studied in the context of stellar triples,

this has been done so far only in a limited parameter space. For example, for systems

in which the inner binary is wide enough such that interaction between the two stars

in the form of mass exchange can be neglected [e.g. 323, 19, 295, 93, 367, 222], or in

which the stars of the inner binary merge during the main sequence [333]. There are

still major uncertainties and a need to explore and to understand the population of

merging binary BHs from hierarchical triples.

In this paper, we focus on the evolution of hierarchical triples in which the

stars of the inner binaries are chemically homogeneously evolving. CHE stars have

been discussed in the context of rapidly-rotating stars [207, 389, 390], which can

experience enhanced mixing during the MS stage. This mixing allows hydrogen-rich

matter in the radiative envelope to be deposited into the convective core, where it

is fused to helium. At the same time, helium is mixed throughout the star. This

prevents the build-up of a chemical gradient inside the star and the classical core-

envelope structure. As a result, the stars remain very compact over their lifetime.

CHE has been proposed to occur in very close binaries where the tidal deformation

of both stars is strong and they are forced to rotate rapidly [403, 329]. More recently,

CHE binaries received renewed interest as they have been proposed as a new pathway

to form BH binaries that can merge within the age of the universe [401, 213, 217,

406, 292]. Recently, [367] studied triples with CHE inner binaries in the context of

sequential merging BH-BHs with masses that fall in the pair-instability mass gap.

Specifically, they considered sequential mergers of hierarchical co-planar triples, a

simplified approach which neglected three-body dynamics. In this paper, we remove

the constraints of co-planarity and explore, for the first time, the evolution of massive

stellar triples with CHE inner binaries in the entire parameter space. As isolated

CHE binaries are known to be promising GW progenitors, we will mostly focus on
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the role of the tertiary star in the evolution of the inner binary in the context of

GW astronomy.

This paper is structured as follows. In section 3.3, we introduce TRES, the triple

evolutionary code we use in this study, and the adaptations we have made to model

CHE and contact binaries. In section 3.4, we discuss the results of our population

synthesis in TRES and identify the most important evolutionary channels. In section

3.5, we show that the initial parameters of the tertiary star are sufficient to predict

the evolutionary channel of each system. Finally, in section 3.6, we use analytical

and numerical methods to explore our synthetic population of stellar triples in the

context of GW sources.

3.3 Methodology

We use TRES to simulate the evolution of our hierarchical triples [see 354, for a

detailed description of the code]. TRES couples secular dynamics of stellar triples

with stellar evolution, and takes into account additional physical processes such as

stellar interactions and dissipative processes.

TRES determines the evolution of each star by using the fitting formulae of [138]

to the stellar tracks of [276] from the rapid binary synthesis code SeBa [279, 353],

while interactions between the stars are determined by TRES. TRES treats three-

body dynamics in the following way. For secular evolution, we include secular three

body dynamics (subscript ‘3b’) including quadrupole ([123]) and octupole terms

([91] with corrections of [246]). Regarding the additional physical processes, we

take into account: i) general relativistic effects (GR) and GW emission [subscript

‘GR’ 266, 35], ii) tidal friction [subscript ‘TF’ 139], iii) the effects of stellar winds

124



3.3. Methodology

under the assumptions of fast, adiabatic wind at the mass loss rate provided by

SeBa (subscript ‘wind’), iv) precession due to ZLK, GR, tides [subscript ‘tides’ 324]

and intrinsic stellar rotation [subscript ‘rotate’ 87], and v) the change in the stellar

rotation due to stellar evolution based on spin angular momentum conservation

(subscript ‘I’). This gives rise to a set of first-order ordinary differential equations,

that are solved numerically. These equations are:



ȧin = ȧin,GR + ȧin,TF + ȧin,wind

ȧout = ȧout,GR + ȧout,TF + ȧout,wind

ėin = ėin,3b + ėin,GR + ėin,TF

ėout = ėout,3b + ėout,GR + ėout,TF

ġin = ġin,3b + ġin,GR + ġin,tides + ġin,rotate

ġout = ġout,3b + ġout,GR + ġout,tides + ġout,rotate

ḣin = ḣin,3b

θ̇ = −1
Jb,inJb,out

[J̇b,in(Jb,in + Jb,outθ) + J̇b,out(Jb,out + Jb,inθ)]

Ω̇1 = Ω̇1,TF + Ω̇1,I + Ω̇1,wind

Ω̇2 = Ω̇2,TF + Ω̇2,I + Ω̇2,wind

Ω̇3 = Ω̇3,TF + Ω̇3,I + Ω̇3,wind

(3.1)

where a, e, g, h and Jb represent the semimajor axis, eccentricity, argument of

pericenter, line of ascending nodes, and the orbital angular momentum for the inner

(subscript ‘in’) and outer (subscript ‘out’) orbit. The dot represents the time deriva-

tives. Lastly θ ≡ cos(i), where i is the mutual inclination between the inner and

outer orbit, and Ω1,Ω2,Ω3 the spin frequency of the primary, secondary and tertiary

star respectively. Per definition the primary and secondary stars are the stars in the

inner binary, with the primary star initially more massive than the secondary star,

and the tertiary star orbits the inner binary.

We highlight three aspects of the orbital evolution of hierarchical triples that are
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particularly relevant for the systems we study in this paper. Firstly, if the apsidal

precession of the inner binary due to short range forces, such as tides (ġin,tides)

and GR effects (ġin,GR) occurs on a much shorter timescale than the precession

due to three-body dynamics (ġin,3b), ZLK oscillations will be quenched [see e.g.

133, 80, 35, 87, 346, 71, 197, 269, 13]. The timescale of ZLK oscilations can be

approximated as [e.g. 147, 133, 160]:

tZLK =

(
M1 +M2

GM2
out

)1/2
(
aout

a
1/2
in

)3

(1− e2out)
3/2. (3.2)

The timescale related to the apsidal precession due to tides are [e.g. 324, 197]:

ttides =

(
M1

15kamµ
1/2
in M2

)(
a
11/2
in

R5
1

)(
(1− e2in)

5

1 + 3
2
e2in +

1
8
e4in

)
, (3.3)

where kam the apsidal motion constant, which we assume to be 0.0144 for MS and

helium stars, µin = G(M1 + M2), i.e. the standard gravitational parameter for

the inner binary and R1 is the radius of the inner star. The timescale related to

precession due to general relativistic effects is [e.g. 234, 35, 233]:

tGR =
c2

3µ
3/2
in

a
5/2
in (1− e2in). (3.4)

If tZLK ≫ min(tGR, ttides), then three-body dynamics are suppressed. If the timescales

are comparable, then the maximum eccentricity induced by the ZLK oscillations is

diminished. In principle, rotation-induced oblateness in the inner binary also induces

apsidal precession [gin,rot, see e.g. 87]. However, as long as the rotational period of

the inner stars is not shorter than the orbital period (which is true for all systems

considered here), ġtides ≫ ġrot and therefore precession due to stellar rotation does

not play a role in suppressing three-body dynamics [197].

Secondly, octupole terms in the three-body dynamics are typically negligible
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for CHE triples, as the mass ratio of the inner binary is always very close to one.

Finally, we estimate the time it takes for the inner binary to merge due to GWs

following [266], if the tertiary is dynamically decoupled from the inner binary. If ZLK

oscillations are still relevant during the inspiral phase, we follow the approximation

of [233]:

tGW ≈ tGW,Peters(ain, ein,max)(1− ein,max)
−1/2, (3.5)

where tGW is the time required for the merger, tGW,Peters is the time to merger

based on the relation of [266], ein,max is the maximum eccentricity reached during

ZLK oscillations and ain is the initial inner semimajor axis. The approximation

in equation 3.5 is based on [381] and it neglects the effects of precession due GR.

When the latter is taken into account, [346] finds that equation 3.5 underestimates

the actual merger timescale typically by a factor of 2-3.

3.3.1 Modelling of chemically homogeneous evolution

We follow [292] in order to incorporate CHE stars in TRES. That means that we

assume a star evolves chemically homogeneously, if the angular frequency of the spin

of the star is above a certain critical value, i.e. ωstar > ωCHE,crit. [292] provides a fit

to this critical value based on MESA [261] models at different masses and metallicities.

In order to determine whether a star evolves chemically homogeneously, we check

whether our simulated star is spinning above ωCHE,crit at every timestep. If a star

meets this criterion we do not evolve its radius during that timestep. We assume

that the star by the end of core hydrogen burning forms a helium star with a mass

MHe,ZAMS = MTAMS, where MHe,ZAMS is the initial mass of the helium star and

MTAMS is the terminal age main sequence mass of the star. With these assumptions,

CHE stars experience an instantaneous drop in radii at the end of their MS phase
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[compare main sequence stellar evolution with helium star evolution in 138]. This

is a simplification of the results of detailed simulations of CHE stars, where the

latter suggests a gradual contraction of the radius during the MS [e.g. 207]. If

a CHE star loses angular momentum (e.g. due to stellar winds), its rotational

frequency decreases. If the frequency reduces to below the critical value, we assume

the evolution of the star transitions back to the classical non-CHE case.

For simplicity, we only consider systems in which the stars of the inner binary

are CHE from zero-age main sequence (ZAMS). Stars that do not evolve chemically

homogeneously from ZAMS could, in theory, become CHE if they attained a suffi-

ciently high-spin frequency before a significant chemical gradient is built up in their

interior. This can be achieved for example, if a star is spun up by accretion during

a mass transfer event [e.g., 48, 105]. We neglect such systems in this study.

3.3.2 Contact binaries

We follow the implementation of [292] for modelling contact binaries [which is based

on the models of 217]. We assume that contact binaries, i.e. binaries in which both

stars fill their Roche-lobes, can maintain co-rotation and consequently survive the

contact phase without merging as long as neither of the stars fill the outer Lagrangian

points (L2 and L3). For contact binaries, [217] finds that mass is transferred between

the two stars back and forth until they reach an equal mass ratio. We follow [217]

and approximate the L2 point as

RL2,2 −RRL,2

RRL,2

= 0.299 tan−1(1.84q0.397), (3.6)

where RRL,2 is the Roche-lobe radius of the secondary star, which we approximate

following [78].
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If the stars in the inner binary are in contact but without filling their L2 points,

we assume that the masses of the binary equalise via a fully conservative mass trans-

fer phase. We follow [292] and assume this mass equalisation occurs instantaneously

and readjust the orbit of the inner binary as [see, e.g. 326]:

afin
ainit

=

(
M1,initM2,init

M1,finM2,fin

)2

, (3.7)

where ainit, afin are the initial and the final orbital separation and M1,init, M2,init are

the initial masses of the primary and the secondary, respectively. The final masses

are M1,fin = M2,fin = 1/2 · (M1,init +M2,init) by definition. The assumption of mass

equalisation for contact binaries results in the prediction of the CHE channel leading

to mostly equal-mass binary BH mergers [e.g. 217].

3.3.3 Stellar winds

The mass loss rates of stellar winds and their effects on the evolution of the star

are determined by SeBa [138, 353], while the effects on the orbit of the triple are

determined by TRES (equation 3.1). In this study, we use the same implementation

of stellar winds for massive stars as in Chapter 2 with one difference; the mass loss

rates of helium stars and giants are calculated according to the empirical formula of

[116] instead of [307].

For reference, we summarise the mass loss rates prescriptions used in this study.

For MS stars, we follow [376], if Teff ≤ 50 kK and [248], if Teff > 50 kK. For

evolved stars crossing the Hertzsprung gap or core helium burning (CHeB) stars,

we follow [376], if Teff ≥ 8 kK or the maximum between [248] and [285], if Teff < 8

kK. For evolved stars beyond the Humphreys-Davidson limit, we assume ṀLBV =

1.5 · 10−4 M⊙yr
−1 [25]. For Asymptotic Giant Brach stars and double shell burning
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supergiants, we calculate the maximum between [248], [285] and [363]. Finally, for

helium stars we follow the empirical form from [116] in the form ṀWR = 0.5 · 10−13 ·(
L
L⊙

)1.5 (
Z
Z⊙

)0.86
with a clumping factor of η = 0.5 from [115] and a metallicity

scaling of ṀWR ∼ Z0.86 [374].

In order to compute the change in the orbit due to stellar winds, we assume

stellar winds are spherically symmetric and fast compared to the orbital velocity;

additionally, we neglect wind accretion by the companions. In that case the inner

and the outer orbit of the triple widens as

ȧin,wind =

(
afinal
ainit

)
in

=
M1,init +M2,init

M1,final +M2,final

, (3.8)

and

ȧout,wind =

(
afinal
ainit

)
out

=
M1,init +M2,init +M3,init

M1,final +M2,final +M3,final

, (3.9)

where subscripts ‘init’ and ‘final’ refer to properties before and after the stellar

winds carried mass away from the stars in a given timestep. We assume that the

eccentricity remains unchanged by stellar winds [134, 135].

We neglect stellar wind accretion by the other stars in the triple system [see e.g.

39]. Neglecting accretion is justified for line-driven winds due to their large terminal

velocities [see e.g. 376]. The assumptions of a fast and spherically symmetric wind

might not always be valid [e.g. 45], and rapidly rotating stars might not have fully

symmetric outflows [104]. Particularly, stellar winds in certain binary-configurations

might even lead to orbital shrinking [314].
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3.3.4 Remnant formation

The mass of the compact object remnant is computed based on the delayed super-

nova model from [97] (i.e. same as in Chapter 2). The natal kick velocity for BHs

is calculated the same way as in Chapter 2, i.e. according to equation 2.1. We

determine the change in the inner and outer orbit due to the core collapse of any of

the stars in the triple system based on the formalism developed in [270].

Models of [97] predict that the most massive stars collapse directly (typically

MZAMS ≳ 40M⊙), without any ejecta, and the only mass loss during the remnant

formation is due to neutrino losses, which is assumed to be 10 per cent of the pre-

core-collapse mass of the star. Additionally, we assume that the neutrino emission

is spherically symmetrical and do not impart natal kicks onto the BH. In this case,

the orbit is only changed due to the instantaneous mass loss [e.g. via Blaauw kick,

see 34]. We note that, if the pre-core-collapse orbit is circular, a Blauuw kick due to

neutrino losses does not lead to a significant change in the inner orbital elements.

However, this is no longer the case for eccentric pre-core-collapse orbits. In particu-

lar, if the core collapse occurs near the pericenter, the orbit can become significantly

wider [e.g. 129].

By the onset of core-oxygen burning, the core temperatures of the most massive

stars can reach above Tcore ∼ 3×109K. Under these conditions, the emitted gamma-

ray photons in the core are energetic enough to form electron-positron pairs. This

leads to pair-instability (see e.g. [92], [283], [20], [96]). Depending on the mass

of the star, this instability can result in a pulsation pair instability supernova, in

which the star experiences a series of pulsations leading to severe mass loss [i.e. or

PPISN, see e.g. 391, 217, 384, 287], or pair instability supernova, in which the star is

completely disrupted and no remnant is formed [PISN, see e.g. 391, 217, 384, 287].

For the treatment of pair-instability in massive stars, we follow [337]. If the mass
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of the helium star pre-core-collapse is MHE,pre−SN ≥ 35M⊙, the star is assumed to

undergo PPISN, and its remnant mass is determined by the fitting formula of [337],

based on the detailed stellar simulations of [218]. If 60 ≤ MHE,pre−SN ≤ 130M⊙,

we assume the star undergoes PISN, and leaves no remnant behind. In principle, if

MHE,pre−SN ≥ 130M⊙, photo-disintegration prevents the pair instability supernova

to occur and the star collapses directly into a BH ([38], [385], [124], [406]), however

this does not occur for any of our simulated systems.

3.3.5 Tertiary mass transfer (TMT) episodes

If the tertiary star fills its Roche-lobe, it will transfer mass to the inner binary. There

have been some efforts to study and model this process [405, 193, 60, 109, 328, 239],

but this complex scenario remains to be fully understood.

In order to calculate the Roche-lobe of the tertiary star, we assume the inner

binary can be approximated as a point mass and estimate the Roche radius with

the fitting formula of [78]. This assumption is valid in the regime where the orbital

separation of the outer star is much larger than that of the inner binary (e.g. aout ≫

ain). TRES determines the stability of TMT based on extrapolating typical methods

from binary star evolution, i.e. by using critical mass ratios [see e.g. 354]. This

parameter is defined as qcrit = Mdonor/Maccetor, i.e. the ratio of the mass of the

donor and the mass of the accretor star at the onset of the mass transfer episode.

The mass transfer phase is assumed to be dynamically unstable, if the mass ratio

of the system is above the critical mass ratio, i.e. q > qcrit. We obtain qcrit for

each stellar evolutionary stage from [139] and [57]. We quote these values for the

two most common donor types in our simulations [a complete description of our

assumptions about qcrit can be found in 354]. These are qcrit = 3 and qcrit = (1.37 +

2[Mdonor,core/Mdonor]
5)/2.13 for Hertzsprung gap stars (i.e. hydrogen shell burning
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stars which have not regained thermal equilibrium yet) and core helium burning

(CHeB) stars, respectively. The term in the squared bracket is the core mass to

total mass ratio of the donor. If this equals to ∼ 0.45 - 0.65, which is fairly typical

for massive CHeB stars (see Chapter 2), then qcrit ≈ 0.7-0.75. This reflects the

assumption made by [138], CHeB stars tend to have deep convective envelopes [cf.

167], and are therefore more likely to experience unstable mass transfer episodes

[e.g. 130].

Stable TMT could be accompanied with the formation of a circumbinary disc

or it could occur in a ballistic accretion fashion. These two types could lead to

significantly different evolution of the inner orbit [405]. We assume that TMT occurs

via ballistic accretion, if ain(1 + ein) ≥ Rcd at the onset of the TMT phase, where

Rcd is (i.e. adapting the fitting formulas for mass transferring binaries of [201] and

[362] to triples, see also equation 1.18):

Rcd = 0.0425 aout(1− eout)

[
1

qout

(
1 +

1

qout

)]1/4
. (3.10)

TMT: Evolution of the inner orbit

If the tertiary star fills its Roche-lobe, TRES stops the simulation of the system.

However, when discussing potential GW progenitors (Section 3.6), we determine

the orbital evolution due to TMT by applying simplified assumptions, if the mass

transfer episode is dynamically stable. In this subsection we describe our assump-

tions about the evolution of the inner orbit during a stable phase of TMT, while in

subsection 3.3.5 we discuss the evolution of the outer orbit.

We distinguish three particular TMT configuration cases, based on the evolu-

tionary stage of the inner binary and on whether or not the transferred mass forms
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a circumbinary disc around the inner binary:

1. an inner binary with compact objects and with ballistic accretion,

2. an inner binary with compact objects and with a circumbinary disc,

3. a non-compact inner binary.

(i) An inner binary with compact objects and with ballistic accretion. Hydrody-

namical simulations of [405] showed that in case of a TMT episode with ballistic

accretion, the transferred mass eventually engulfs the inner binary and exerts fric-

tion on it. This leads to a scenario that could be considered similar to the common-

envelope evolution of binaries [see section 1.2.7 or e.g. 255, 152], since in both cases

drag forces exerted by a gaseous medium supplied from the donor star lead to the

orbital shrinking of the binary. Inspired by this similarity, [405] applied a modi-

fied version of α-formalism [originally developed for common-envelope evolution, see

equation 1.28 or e.g. 360, 398, 67] to model the inner binary evolution of triples

experiencing TMT [see also 119]. For the configuration case (i), we take the same

approach.

Below we explain how the post-mass-transfer inner orbit is determined based on

this formalism in detail. ∆Mtrnsf is the mass that is transferred from the tertiary in

a timestep ∆t. When ∆Mtrnsf ends up encompassing the inner binary, it has binding

energy of Ebind. As the inner orbit is shrinking due to the friction during the TMT

episode, the orbital energy of the inner binary changes by ∆Eorb. We assume that

a fraction (αTMT) of ∆Eorb is used to unbind ∆Mtrnsf . We can write an equation

expressing the energy balance as:

αTMT∆Eorb = Ebind, (3.11)
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with

∆Eorb =
GM1M2

2ain,fin
− G (M1 +∆Mtrnsf/2) (M2 +∆Mtrnsf/2)

2ain,init
, (3.12)

and

Ebind =
−G(M1 +M2)∆Mtrnsf

λTMTainit
, (3.13)

where λTMT is a parameter related to the structure of ∆Mtrnsf , parameterising its

binding energy, ain,init is the initial orbital separation before ∆Mtrnsf is transferred

to the inner binary and ain,fin is the final orbital separation after ∆Mtrnsf is expelled

from the inner binary. We assume that the total mass transferred to the inner binary

throughout the entire TMT episode equals to the mass of the hydrogen envelope of

the tertiary Mout,env (but see [192]). Then assuming a constant αTMT and λTMT, the

orbit changes due to the entire TMT episode as:

ain,fin
ain,init

=
M1M2

2(M1+M2)Mout,env

αTMTλTMT
+
(
M1 +

Mout,env

2

)(
M2 +

Mout,env

2

) . (3.14)

As both αTMT and λTMT are unknown, we combine them and try three different

values: αTMTλTMT = 0.05, 0.5, 5. Here αTMTλTMT = 5 is the fiducial value used in

[119], which is in a good agreement with the hydrodynamical simulations of [405],

in which the inner stars are on the MS during the TMT episode. We note that

we neglect the possibility of TMT episode with ballistic accretion transitioning to a

TMT episode with a circumbinary disc.

Additionally, for configuration type (i), we assume that the inner binaries cir-

cularise as a result of the mass transfer phase (as ain,new = ain(1 − ein)). We note

that this assumption might not be correct for highly eccentric inner binaries. For

example, [110] showed that binaries at the onset of common-envelope events with
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e ≳ 0.95 might retain eccentricities as high as e ∼ 0.2.

(ii) An inner binary with compact objects with circumbinary disc. If a circumbi-

nary disc is formed during a mass transfer phase towards an inner BH-BH binary we

assume that the orbit of the inner binary remains unchanged. The actual physics

underlying such a process are very complex [see 185, for a review on circumbinary

accretion from gaseous medium]. The circumbinary disc may exert a torque on the

inner binary and extract angular momentum from it, while the accreted matter can

transfer angular momentum onto the inner binary. Furthermore, the circumbinary

disc and the inner binary could be tidally distorted by the tertiary star.

It is commonly assumed that circumbinary accretion of a BH-BH binary from a

gaseous medium leads to the shrinking of its orbit due to the torques exerted by the

circumbinary disc and due to dynamical friction of the gas (e.g. [21, 338, 17, 347,

75, 226, 301]). However, a consensus regarding this physical process is still missing,

with some hydrodynamical simulations suggesting that accretion from circumbinary

disc could even lead to to orbital widening instead of orbital decay [e.g. 240, 238].

(iii) A non-compact inner binary. If the mass transfer occurs with a MS-MS

accretor, we assume that this results in the merger of the inner binary. We make

this assumption because these binaries have very short periods and a sizeable fraction

of them are in contact and most likely they would expand due to TMT, overfilling

their L2 point, which would lead to a merger (see later subsection 3.6). As we discuss

in in subsection 3.6, we do not consider GW sources from those triple systems, in

which the TMT occurs towards a binary with evolved (i.e. non-MS), non-compact

stars.

We do not model unstable phases of TMT (as we will show later, they are very

rare among the systems we discuss in this paper) . We note, however, that during
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this type of mass transfer episode, the outer orbital separation is predicted to rapidly

decrease due to the common-envelope-like evolution in triple system; this could result

in a regime where the secular approximation from the triple is no longer valid [e.g.

109, 60, 328].

TMT: Evolution of the outer orbit

When determining the evolution of the outer orbit due to a stable phase of TMT, we

apply the same method for all accretor types, irrespective of whether a circumbinary

disc is formed. We calculate the evolution of the outer orbit during the TMT phase,

based on the following relation:

ȧout
aout

= −2
Ṁ3

M3

[
1− β

M3

M1 +M2

− (1− β)

(
γ +

1

2

)
M3

Mtot

]
, (3.15)

where β is the fraction of mass accreted by the inner binary, γ is the specific angular

momentum lost from the system as a fraction of the specific angular momentum of

the triple and Ṁ3 is the mass transfer rate from the tertiary star. Equation 3.15 can

be derived from angular momentum arguments. It is an adaptation of the relation

describing the orbital evolution of a circular, mass transferring binary comprised of

point particles [see equation 1.14 or e.g. 326], applied to a triple experiencing a TMT

episode. This adaptation is valid, if the tertiary star is sufficiently far away from the

inner binary, such that the inner binary can be treated as a point particle with a

mass of M1+M2. We assume that eventually all the transferred mass is isotropically

expelled from the triple (β = 0), from near the inner binary. This expelled matter

thus carries away a specific angular momentum that is equal to that of the inner

binary (γ = M3/(M1 + M2), see also [119], for a similar approach). In this case
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equation 3.15 can be expressed as

aout,fin
aout,init

=
Mtot,init

Mtot,fin

(
M3,init

M3,fin

)2

exp

(
2
M3,fin −M3,init

M1 +M2

)
. (3.16)

In case of BH-BH inner accretors, these assumptions might be valid, as the accretion

rate of BHs might be capped by the Eddington-limit, and most of the mass could

indeed be expelled from the system, for example in the form of a jet (e.g. [159, 410])

. On the other hand, MS stars are likely to accrete more efficiently, and therefore

β = 0 might no longer be a good approximation.

3.3.6 Initial conditions

We sample 105 triples at two representative (moderate and low) metallicities: Z

= 0.005 and Z = 0.0005. We simulate each hierarchical triples from ZAMS. After

drawing the parameters for a given triple system, we further check, if it is dynami-

cally stable [based on the criteria of 220] or if the stars in the inner binary are CHE

at ZAMS. If any of the two criteria are not met, we do not evolve the triple system

and only take it into account for the normalisation of event rate calculations. We

terminate the simulation of a triple system when either a Hubble time (assumed to

be 13.5 Gyrs) has passed, or when the tertiary star fills its Roche lobe, a merger oc-

curs, a dynamical instability occurs or if any of the stars becomes unbound from the

triple. We also stop the simulation, if any of the stars in the inner binary transitions

back from CHE to classical evolution. That is, we only consider triples in which the

stars of the inner binary chemically homogeneously evolve throughout their entire

MS lifetimes. We refer to this population as CHE triple population.

In this study, we motivate the choice of the initial distributions of the parameters

of the inner binaries based on recent surveys of massive binaries [e.g. 303, 171]. In
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such surveys, a possible tertiary companion is not always unequivocally identified

and therefore it is not clear whether the inferred distributions also hold for triples

or only for isolated binaries.

We assume the ZAMS mass of the primary star (M1,ZAMS) follows the power-law

mass distribution of [176], i.e. N∼M−2.3
ZAMS for MZAMS ≥ 0.5M⊙ and N∼M−1.3

ZAMS

for MZAMS < 0.5M⊙. We sample M1,ZAMS from a mass range of 20-100M⊙. The

lower limit approximately coincides with the lowest initial mass at which CHE is

still possible in a tidally locked binary [e.g. 292], while the upper limit is roughly the

maximum mass at which the stellar tracks used in TRES are still reasonably accurate.

We assume a flat inner mass-ratio (i.e. qin,ZAMS = M2,ZAMS/M1,ZAMS) distribution,

which is in broad agreement with [303]. We restrict the range of qin,ZAMS to 0.7-1

given that inner binaries in which both of the stars are chemically homogeneously

evolving and have qin ≤ 0.7 would merge early during the MS (where we found the

lower limit of 0.7 from our simulations). We sample the inner semimajor axis from

a log-uniform distribution ([253]; and in broad agreement with [303]) in the range

of 16 to 40 R⊙. We assume that the inner binaries are tidally locked at ZAMS. This

has three implications: i) the inner binaries have circular orbits, ii) their rotational

angular frequency is synchronised with the orbital angular frequency, and iii) the

spins of the stars are aligned with the orbital angular momentum vector.

We draw the properties of the outer binary from the same distributions that we

assume for the inner binaries, with the exception of outer eccentricities. Observations

of hierarchical multiple systems of galactic solar-type stars support the assumption

that the distributions of the initial parameters of the inner and the outer binaries

are the same [350, 351]. We sample the outer semimajor axis from a loguniform

distribution in the range of 100 to 105 R⊙. We assume that the distribution of the

outer mass ratio (i.e. qout,ZAMS = Mout,ZAMS/(M1,ZAMS+M2,ZAMS)) is flat on a range

of 0.1 to 1, furthermore the mass of the tertiary is restricted to a range of 5-100M⊙.
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We assume non-spinning tertiary stars. The eccentricities of the outer orbit are

drawn from a thermal distribution [e.g 126]. The mutual inclination between the

inner and outer orbit is assumed to be uniform in cos(iZAMS), where iZAMS is the

initial inclination (i.e. an assumption that there is no preferred orientation of the

orbits and they form randomly). The initial argument of the pericenter is assumed

to be uniformly distributed between −π and π.

In Section 3.6, we compare our CHE triple population to a CHE isolated binary

population. To this end, we also perform population synthesis of isolated binaries

with CHE stars. We sample 105 isolated binaries at Z = 0.005 and Z = 0.0005

and evolve them with TRES. We sample from the same initial distributions that

we assumed for the inner binaries of our triple population. Similarly to the triple

population, we discard systems that are not CHE at ZAMS and stop the simulation,

if a Hubble time has passed, or if any of the stars in the binary transitions from

CHE to classical evolution. We only analyse binaries, in which the stars remain

CHE throughout their entire MS lifetime (hereafter CHE binaries).

Throughout the paper, we estimate birth rate and merger rate densities of differ-

ent evolutionary channels (discussed in detail in appendix, section B.2). In order to

determine each of these quantities, one must know how common single and multiple

stellar systems are. We assume two different stellar populations, with different bi-

nary and triple fractions. In the first, we assume that about 73 per cent of massive

stars are found in triples [with multiplicity fractions of fsingle = 0.06, fbinary = 0.21,

ftriple = 0.73, see e.g. 235]1, whereas in the second test population, we assume there

are no triples and about 70 per cent of massive stars are in binaries [fsingle = 0.3,

1[235] finds that 73 per cent of O stars are either in triples or quadrupoles. Therefore ftriple =
0.73 should be considered as a rough upper limit. We also note that [351] finds that there is a
strong correlation between the inner period and the triple multiplicity; among solar type stellar
systems, 96 per cent of the spectroscopic binaries with periods less than 3 days has a tertiary
companion. Therefore CHE triples, which have also inner binaries with periods of few days, could
have exceptionally high triple fractions too.
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Table 3.1: An overview of our sampled triples based on the evolutionary type of the
inner binary. For the definitions of the different categories, see text in section 3.4.1.

Z = 0.005 Z = 0.0005 Combined

% of simulation % of CHE at ZAMS % of simulation % of CHE at ZAMS Birth rate [Gpc−3yr−1]

CHE at ZAMS 10.3 100 9.9 100 13.7
- CHE triple 7.6 73.5 7.5 75.7 9.6
- Transition to classical evolution 1.6 15.5 0 0 1.9
- Merges during contact phase 0.9 9 1.7 17.5 1.4
- Simulation error 0.2 2 0.6 6.7 0.2

fbinary = 0.7, ftriple = 0, see e.g. 303] 2.

3.4 Results of population synthesis simulations

In Table 3.4, we provide an overview of our sampled systems based on the evolution-

ary type of the inner binary. Out of our sampled population of triples, only about

10 per cent of the triples have an inner binary where both stars evolve chemically

homogeneously from ZAMS (CHE at ZAMS triples, see Table 3.4), and we follow

the further evolution only for these triples. About 75 per cent of CHE at ZAMS

triples qualify as CHE triples and we focus on these systems for the majority of the

paper. For the remaining 25 per cent, we distinguish three scenarios:

• The inner stars transition to classical evolution. As the orbit of the inner

binary widens due to stellar winds, the rotational frequencies of the inner

stars decrease, because the stellar tides enforce synchronization between the

stellar spins and the (new longer) orbital period. If the inner orbit widens

sufficiently, the angular rotational frequencies of the inner stars drop below

ωCHE and therefore these stars transition to classical evolution. This occurs

only in our moderate metallicity model (15.5 per cent of all CHE at ZAMS

triples at Z = 0.005 and 0 per cent at Z = 0.0005).

2Strictly speaking, [303] did not make any statements about triple fractions, but they found that
70 per cent of massive stars have companions that are sufficiently close such that mass exchange
will occur some time in their evolution.
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• The inner binary does not survive the contact phase during the MS phase

of the inner stars. We assume a merger takes place when both stars overflow

their outer Lagrangian point during the contact phase. This occurs during

mass equalization in the contact phase or due to GW emission, which lead to

shrinkage of the inner orbit. As orbital widening due to stellar winds prevent

mergers, the process occurs more efficiently at low metallicities (about 9 per

cent of all CHE at ZAMS triples at Z = 0.005 metallicity and 17.5 per cent at

Z=0.0005).

• Computational issue. Finally, we note that the simulation of about 2 (6.7)

per cent of CHE at ZAMS triples fails at Z = 0.005 (Z = 0.0005). This can

occur because either no solution is found for the secular orbital evolution of

the system, or the computation time exceeds the allowed CPU time (which is

5000 seconds per system). Computational issues arise more often for systems

that are close to the dynamical instability (i.e. have low aout/ain). Therefore,

our estimates for the occurrence rates of systems, in which stellar merger due

to ZLK oscillations or dynamical instability occurs should be considered as a

lower limit (see next subsection).

3.4.1 Main evolutionary outcomes

In Table 3.2, we show the most common evolutionary outcomes for CHE triples. We

distinguish 5 different evolutionary channels.:

• No post-MS mass transfer phase: During the MS, it may be in a contact, but

the system does not experience any other form of mass transfer events. The

inner binary eventually forms a BH-BH binary in all these triples.

• Stellar merger of the inner binary due to ZLK: Stellar merger occurs in the
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Table 3.2: A summary of the different channels (in bold font) and their sub-channels
(in normal font) identified of CHE triples. The rows with bold fonts in the second
and third column express the number of systems in each channel as a percentage of
all CHE triple systems. The rows with normal fonts in the second and third column
express the number of systems in each sub-channel as a percentage of all systems in
their respective main channel. See equation B.8 and the accompanying discussion
in appendix B.2 for the definition of birth rate density.

Channel % at Z = 0.005 % Z = 0.0005 Birth rate density [Gpc−3yr−1]

No post-MS MT 27.2 10.8 2.3
- Inner binary evolution decoupled from tertiary 97.4 98.6 2.2
- Driven by three-body dynamics 2.6 1.4 0.1

Stellar merger of the inner binary due to KL 3.3 2.5 0.4
- double helium star accretor 74.7 58.5 0.3
- helium star-MS accretor 7.9 35 0.04
- helium star-BH accretor 17.4 6.5 0.06

Tertiary mass transfer 55.4 52.1 5.2
- MS-MS accretor 58 60.8 3.1
- BH-BH accretor 30.9 24.3 1.5
- Other types of accretors 11.1 14.9 0.6

Unbound systems 10.7 34 1.4
- Core collapse SN 100 16 0.9
- (P)PISN 0 84 0.5

Dynamical instability 3.5 0.6 0.3

inner binary due to ZLK oscillations.

• Tertiary mass transfer (TMT): The tertiary star fills its Roche lobe.

• Unbound systems: This evolutionary outcome takes place, if any of the stars

becomes unbound from the system. This occurs when a stellar remnant is

formed in the system, with three major subtypes: (i) natal kick imparted

onto the remnant object during the SN explosion, (ii) instantaneous mass loss

during pulsational PISN, or (iii) complete disruption of the star due to PISN.

• Dynamical instability: These systems eventually become dynamically unsta-

ble, where the secular approximation is no longer valid.

We discuss these channels in detail in sections 3.4.3 - 3.4.13.
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3.4.2 Examples for the evolution of a few selected systems

In the following, we present the evolution of a few selected systems from some

of the channels introduced in section 3.4.1. In all of these example systems, the

initial parameters of the inner binary are the same: M1,ZAMS = M2,ZAMS = 70M⊙,

ain,ZAMS = 22.4R⊙. These have been specifically chosen such that this system would

form a GW source via the binary CHE channel within the Hubble time, if it was

an isolated binary (i.e. in about 8.9 Gyrs). The inner binary is tidally locked and

therefore ein,ZAMS = 0. The stars of the inner binary are in contact from ZAMS

and equalise in mass soon after ZAMS. The initial mutual inclination is iZAMS = 90◦

in all systems discussed below, which allows for ZLK oscillations to develop, unless

they are suppressed by short range forces [see e.g. 197].

In order to understand the evolutionary paths of CHE triples introduced below,

we first show which configurations of CHE triples lead to efficient ZLK oscillations

(see Fig. 3.1). We evolve the previously introduced CHE inner binary as an isolated

system, and take four snapshots during different evolutionary stages (ZAMS, end of

MS, at the onset of core collapse, and at the formation of an inner BH-BH binary).

For each snapshot, we show a range of possible tertiary companions to this inner

binary with different tertiary masses (Mout) and outer semi major axes (aout) and

identify those regions, where three-body dynamics are relevant.

As shown in the leftmost panel, precession due to tides completely suppresses

three-body dynamics when the inner stars are still on the MS for almost the entire

parameter space of CHE triples. The limited number of triples for which this is

not true typically become dynamically unstable later in the evolution (e.g. compare

panel 1 with panel 4). By the time of hydrogen depletion in the inner stars, the

stellar radii of CHE stars shrinks typically by a factor of 3-5 with respect to their

ZAMS value. Therefore, at this stage tides become less efficient (since ttides ∼ R−5,
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see equation 3.3) and precession due to GR becomes the major limitation to three-

body dynamics. For the systems shown in Fig. 3.1, ZLK oscillations occur only, if

aout ≲ 500R⊙ . During the CHeB phase of the inner stars, the typical timescale

of precession due to GR further increases, as a result of the strong Wolf-Rayet

winds that significantly widen the inner orbit. As long as the inner orbit widens

faster than the outer orbit (which is always true if the tertiary star is the initially

least massive star in the system), the timescale related to ZLK oscillations will not

significantly increase. Therefore during this stage, the parameter space where three-

body dynamics are relevant increases. This is also shown in the rightmost panel of

Fig. 3.1; by the time the inner binary forms BHs, triples with aout ≲ 2000R⊙ will

develop ZLK oscillations.

Example for stellar merger of the inner binary due to ZLK oscillations

First, we discuss the evolution of a CHE triple, in which the inner binary merges

as a double helium star due to strong ZLK oscillations (shown in Fig. 3.2). This

triple has a tertiary with an initial mass of Mout,ZAMS = 32.1M⊙ and a circular outer

orbit with aout,ZAMS = 200R⊙. As indicated by Fig. 3.1, when the stars of the close

inner binary are still on the MS, precession associated with strong tides suppresses

the effects of the three-body dynamics [see also e.g. 368]. At 3.9 Myrs, the stars

of the inner binary evolve off the MS. By this time, these stars had lost a small

amount of mass due to stellar winds and the inner orbit had widened by only 2 per

cent as a result. Similarly, the outer orbit also widens only by a negligible amount.

Consequently, the timescale of the ZLK oscillations does not change significantly. On

the other hand, the tidal effects become much weaker, as the radii of the stars had

decreased by a factor of 5 with respect to their ZAMS value. As a result, the ZLK

oscillations are no longer suppressed (see also second panel of Fig 3.1). At this stage,

there are two competing mechanisms that drive the evolution of the pericenter: ZLK
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oscillations and the strong Wolf-Rayet-like winds, which decrease and increase the

pericenter, respectively. For this triple, the ZLK timescale is extremely short (few

years) and a large inner eccentricity of ein ≈ 0.65 is reached shortly after the onset

of CHeB, during which the orbital widening due to stellar winds is negligible. At

this stage, the pericenter becomes sufficiently small such that the helium stars fill

their Roche-lobes at the point of closest approach. We assume this results in the

merger of the inner binary.

Example for TMT towards an eccentric BH-BH binary

The next triple we discuss experiences a TMT episode towards an eccentric BH-

BH inner binary (shown in Fig 3.3). This system has the same parameters as

the previously discussed triple, but with a slightly larger initial outer semimajor

axes: aout,ZAMS = 421R⊙. When the inner stars evolve off MS, ZLK oscillations

are quenched by precession due to GR (compare the second panels of Fig. 3.1 and

Fig. 3.3). Three-body dynamics become later effective, as the orbit of the inner

binary widens significantly and faster than the outer orbit due to strong WR winds

(compare the third panels of Fig. 3.1 and Fig. 3.3, although by this stage the

parameters of the inner binary differ slightly). As a result tGR increases by a factor

of 5, while tZLK barely changes. As ZLK cycles become only effective once the inner

orbit has sufficiently widened, the inner binary does not come into contact despite

reaching similarly high inner eccentricities as in the previous system.

As the stars of the inner binary have the same mass, they co-evolve, and they

become stellar remnants at the same time. This occurs around 4.2 Myr, when the

inner eccentricity is ein,max = 0.75. Since core-collapse occurs in an eccentric orbit, a

large range of possbile post-supernova orbits is possible (ain = 42-186 R⊙) depending

on where exactly the stars are in their orbit. In the particular example shown in Fig
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3.3, the core collapse occurs while both stars are near the pericenter (which is less

likely as they spend more time near the apocenter). This leads to an inner semi-

major axis of ain = 171R⊙ after BH-BH formation. As the outer orbit is circular

at the onset of the core-collapse, it only widens by a moderate amount. As the

inner period to outer period ratio has increased by a factor of 7, the timescale of

the ZLK oscillations also further decrease, making the three-body dynamics even

more relevant for the further evolution of the system. The evolution of this triple

therefore demonstrates, that if the ZLK oscillations are strong enough to induce

eccentricities before the formation of an inner BH-BH binary, the importance of

three-body dynamics can be significantly increased during the last stages of the

evolution of the triple, depending on (i) where the inner stars are in their orbit

when the formation of the compact objects occur and (ii) on the eccentricity of the

outer orbit.

After the formation of the inner BH-BH binary, the tertiary star evolves off the

MS, and at 6.1 Myr fills its Roche-lobe and transfers mass to the highly eccentric

(ein = 0.94) BH-BH binary at a highly inclined orbit (i = 71.5◦). At this stage, we

stop the simulation (but see later section 3.6, where we predict the further evolution

of some of these systems). We note, however, that even if the TMT episode does

not affect the inner binary, it still merges due to GWs about a factor of 8 faster than

its isolated binary counterpart due to the high eccentricities induced by the ZLK

oscillations.

Example for TMT towards a circular BH-BH binary

Next, we show the evolution of a CHE triple, which also experiences a TMT episode

towards a BH-BH binary, but in which three-body dynamics remain suppressed

throughout the entire evolution. The initial outer semimajor axis is aout,ZAMS =
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1069R⊙. For this system the timescales of the ZLK oscillations remain too long with

respect to the timescale associated with precession due to GR effects throughout

the entire post-MS phase. At the onset of core-collapse, at which the parameter

space for ZLK oscillations is typically the largest for CHE triples with inner binaries

composed of non-compact objects, the outer semimajor axis is aout,ZAMS = 1720R⊙

and the tertiary mass is Mout = 31.9M⊙.The third panel in Fig. 3.1 implies that

the three-body dynamics is just quenched by the relativistic precession at this stage.

Therefore, the inner orbit remains circular when the BHs are formed, and the inner

orbit only widens moderately due to BH formation. The inner and the outer orbit

after the formation of a BH-BH binary are ain = 46.6R⊙ and aout = 1860R⊙ and

therefore the ZLK oscillations remain quenched. At 6 Myr, the tertiary reaches a

radius of 547 R⊙ and fills its Roche-lobe while crossing the Hertzsprung gap. The

last two examples suggest (and we will show in section 3.5 that this is generally true

for the vast majority of CHE triples) that three-body dynamics are only relevant for

the evolution of CHE triples, if the tertiary star is on a sufficiently short orbit, such

that it will eventually fill its Roche-lobe and initiate a TMT episode. Conversely, if

the tertiary star remains detached throughout the evolution of the triple, the inner

binary evolves effectively as an isolated binary for the vast majority of CHE triples.

3.4.3 No post-MS mass transfer

In no post-MS mass transfer triples, the tertiary star remains bound and detached,

while the stars of the inner binary form a BH-BH binary. The inner stars are in

contact in the majority of the cases (e.g. around 90 per cent at Z = 0.005). There are

no other mass transfer phases during the evolution of these systems (by definition).

About 27 per cent of CHE triples evolve this way in our moderate metallicity model

(see Table 3.2). This decreases to 11 per cent at Z = 0.0005. The main reason for
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Figure 3.1: We illustrate the parameter space where ZLK oscillations develop for
typical CHE triples at different evolutionary stages at Z = 0.005. Each panel repre-
sents triples with a specific inner binary (with masses M1, M2 and inner separation
ain as indicated in the top left of each panel) but with varying tertiary masses, Mout

(x-axis) and outer semimajor axes, aout (y-axis, logscale). The parameters of the
inner binary in each panel are the same as that of an isolated CHE binary with
M1,ZAMS = M2,ZAMS = 70M⊙, aZAMS = 22.4R⊙ at different evolutionary stages (see
text in section 3.4.2). First panel: two CHE main sequence stars at zero-age main
sequence, second panel: helium stars at the onset of core-helium burning (HeMS),
third panel: two helium stars at the end of core-helium burning (HeRGB), fourth
panel: at the formation of a BH-BH inner binary. We assume circular inner and
outer orbits and a mutual inclination of i = 90◦. The light blue and the dark blue
lines show regions, where the ZLK timescale equals to the timescale of apsidal pre-
cession due to tides and GR effects, respectively (see equation 3.2, 3.4, and 3.3).
Consequently, triples above any of these two lines do not exhibit ZLK oscillations,
as they are quenched by these short range forces. The green line represents the
boundary of dynamical instability. The shaded grey region represents triples where
ZLK oscillations are effective.
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Figure 3.2: A schematic drawing showing the evolution of a triple system in which
the stars in the inner binary experience stellar merger due to ZLK oscillations. The
first line below each drawing shows the evolutionary stage of each star. The first
is for the primary, the second is for the secondary, and the third is for the tertiary
star. CHE MS refers to a chemically homogeneously evolving MS star, HeMS to a
core-helium burning helium star, and HeRGB to a helium star that has finished core-
helium burning. The parameters of the triple at ZAMS are: M1,ZAMS = M2,ZAMS =
70M⊙, ain,ZAMS = 22.4R⊙, iZAMS = 90◦, Mout,ZAMS = 32.1M⊙, aout,ZAMS = 200R⊙,
eout = 0. The outer eccentricity remains eout ≲ 0.01 throughout the evolution.

Figure 3.3: A schematic drawing showing the evolution of a triple system with
that eventually experiences a TMT episode (i.e. the most common evolution-
ary outcome, see Table 3.2). The triple system with the following initial pa-
rameters: M1,ZAMS = M2,ZAMS = 70M⊙, ain,ZAMS = 22.4R⊙, iZAMS = 90◦,
Mout,ZAMS = 32.1M⊙, aout,ZAMS = 200R⊙, eout = 0. The outer eccentricity remains
eout ≲ 0.01 throughout the evolution.
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this difference is the larger number of PISN that occurs at lower metallicities, which

prevent the formation of BHs.

After the formation of the BH-BH binary, the system may merge due to GW

emission within a Hubble time. This occurs for all systems of this type at Z = 0.0005.

However at Z = 0.005, the stellar winds are strong enough such that 32 per cent

of the inner binaries of these triples end up with orbits that are too wide to merge

within a Hubble time due to GW emission. We note that these are not necessarily

all of the GW sources from our simulations, as triples in other channels discussed

here can also potentially form merging binary BHs (see discussion in section 3.6).

For the majority of these triples (> 97 per cent), the inner binary evolves essen-

tially unaffected by the tertiary star (see also section 3.5). Therefore, the properties

of the inner binaries of this channel are nearly indistinguishable from those of iso-

lated CHE binaries. The initial outer pericenters of the triples of this channel are

large enough such that the outer star remains detached (i.e. ap,out,ZAMS ≳ 2000-

3000R⊙ at Z = 0.005 , see also section 3.5). At such large tertiary separations, the

three-body dynamics remain suppressed during the entire evolution of the triple.

The properties of the subgroup in which three-body dynamics drive the evolution

of the inner binary are very different. Firstly, they have very short initial outer

pericenters (i.e, ap,out,ZAMS ≈ 100-700R⊙), and secondly, the tertiary has a relatively

low mass (typically Mout,ZAMS = 10-30 M⊙). In these systems, the ZLK oscillations

drive the eccentricity of the inner BH-BH binary up to large values (e.g. ein ≳ 0.7-

0.9). Above a given eccentricity, the GW emission becomes so efficient that the inner

binary decouples from the tertiary and it plunges due to GWs [see e.g. 323, 295].

These systems typically have a relatively low-mass tertiary star compared to the

stars in the inner binary, such that the inner binary merges as a BH-BH binary due

to GW emission before the tertiary star would evolve off the MS and fill its Roche-
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lobe. Overall, the parameter space for this subgroup is very small, and therefore we

predict a negligible GW merger rate (see later discussion in section 3.6).

3.4.4 Stellar merger of the inner binary due to ZLK

In this scenario, the inner binary merges due to three-body dynamics, before it

would form a BH-BH binary. At Z = 0.005, about 3.3 per cent of the CHE triple

population evolves this way. In our low metallicity model, this fraction decreases

slightly, to 2.2 per cent. This is because at lower metallicities, the inner period to

outer period ratio increases less due to the weaker stellar winds, and therefore ZLK

oscillations remain less efficient (see equation 3.2).

Mergers in this channel occur in inner binaries, in which one or both of the stars

have already evolved off MS, otherwise the strong tidal effects typically quench the

ZLK oscillations (see section 3.4.2). As shown in Table 3.2, most of the merger

occurs between two helium stars (59-75 per cent). The rest occurs between a helium

star - MS star or helium star - BH binaries. The majority of the double helium star

mergers (>90 per cent) originate from triples, in which the stars in the inner binary

were in contact during MS and co-evolved. This also implies that the majority of

them have equal masses at the time of the merger. The masses of these helium inner

stars typically range from 29 to 94 M⊙ at Z = 0.005.

The outer orbital period of the triples from this channel has to be sufficiently

short, such that the ZLK oscillations are strong enough such that they prompt the

inner binary to merge. The outer pericenter at the moment of the merger typically

ranges from 100 to 200 R⊙ and it does not exceeds 700 R⊙. The eccentricities of

the inner binary at the moment of the merger typically have values of ein ≈ 0.5-0.9.

For all of these triples, the tertiary is a MS star at the time of the merger and less
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massive than the stars of the inner binary, otherwise it would evolve faster than the

stars in the inner binary and would fill its Roche-lobe, while the inner stars are still

on MS. If the outer orbit does not significantly change after the merger, the tertiary

star is expected to transfer mass to the merger product, once it evolved off the MS.

3.4.5 Systems with tertiary mass transfer (TMT)

Among CHE triples, this is the most common evolutionary pathway. In these sys-

tems, the outer star eventually initiates a mass transfer phase while the inner binary

is detached or in contact. Approximately 55 (52) per cent at Z = 0.005 (Z = 0.0005)

of all CHE triples experience this type of evolution (see Table 3.2). This means that

a TMT episode would eventually occur in about 40 per cent of all stellar systems

containing a binary with CHE stars (with fbinary = 0.21, ftriple = 0.73). While

systems containing binaries with CHE stars are rare (see e.g. typical birth rates in

Table 3.4), they form GW sources very efficiently [e.g. 213, 401, 217]. Therefore,

our predictions suggest that the evolution of a non-negligible fraction of potential

GW progenitors could experience a TMT episode. This is an interesting result, as

TMT is thought to be very uncommon for classically evolving hierarchical triples,

which would have implied that they play a limited role in important astrophysical

phenomena [see e.g. 405, 356, 120, 184]. In particular [356] found that about 1 per

cent of triples with primaries in the intermediate mass range belong to this evolu-

tionary channel. Similarly, [405] predicts that about only 1 per cent of the observed

725 triples in the catalogue of [349] would eventually initiate TMT.

In the following sections (3.4.6-3.4.11), we discuss the properties of the triples of

this channel at the onset of TMT. While predicting the outcome of a TMT episode

is currently extremely challenging, highlighting several important aspects of these

systems (e.g. dynamical stability of TMT, timescales of TMT epsiodes, the amount
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of transferred mass, the type of accretors, etc.) helps to better understand the

nature of these systems and the role they potentially play in the evolution of GW

progenitors.

3.4.6 Donors of TMT episodes

Here, we discuss the stellar evolutionary stage of the donor star at the onset of the

mass transfer episode, as it is highly relevant for determining if the mass transfer

episode occurs in a dynamically stable or unstable way [which has a dramatic effect

on the outcome of the TMT, compare e.g. 405, 110].

In particular, convective envelopes can be developed by core-helium-burning or

asymptotic giant branch stars. Mass transfer episodes initiated by such cool-giant

donors with deep convective envelopes are more likely to occur in a dynamically un-

stable way than mass transfer phases initiated by giant donors with mostly radiative

envelopes [e.g., 130, 326, 167].

At Z = 0.005, around 80 per cent of the donors of TMT systems are stars crossing

the Hertzsprung gap. At this metallicity, the largest expansion in the radius of the

star occurs during this evolutionary phase, which makes binary interaction during

this stage the most likely. The second most common donor type is a CHeB star

with 11.3 per cent, while the rest are either stars on the first giant branch (when

the tertiary Mout,ZAMS ≲ 8M⊙) or stars on the asymptotic giant branch.

At lower metallicities, CHeB donors are more prevalent. At Z = 0.0005, only 58

per cent of the tertiary donors are HG stars while 40 per cent are CHeB stars; this

is because the onset of CHeB occurs at a higher effective temperature with respect

to systems at Z = 0.005. Consequently, at lower metallicities, the onset of CHeB
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Figure 3.4: We show the properties of the donor star at the onset of tertiary mass
transfer episode. The right panels show the amount of mass transferred from the
tertiary to the inner binary for systems undergoing TMT at Z = 0.005, and the left
panels show the outer mass ratio, qout = Mout/(M1+M2), at the onset of the tertiary
mass transfer phase. Different colours correspond to different evolutionary stages of
the donor as shown by the legend. We exclude cases where the donor is a MS star.
Furthermore, we distinguish BH-BH inner binaries (upper panels) and MS-MS inner
binaries (lower panels), which are the main types of accreting systems. The unfilled
histogram in the panels on the right show the transferred mass as a fraction of the
total mass of the inner binary for all donor types. All histograms shown have been
normalised with respect to the population of CHE evolving triples.
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is followed by a larger increase in radius with respect to their higher metallicity

counterparts (see e.g. Fig. 1.10). This in turn implies that stars are more likely to

fill their Roche-lobes at this evolutionary stage.

3.4.7 Stability of TMT episodes

The vast majority of mass transfer episodes in this channel occur in a dynamically

stable way (99.9 per cent at Z = 0.005 and 98.8 per cent at Z = 0.0005). This is

due to the relatively low mass ratios at the onset of the mass transfer phase (i.e.

typically qout < qcrit, see left panel of Fig. 3.4 for our moderate metallicity model,

and Fig. B.1 for our low metallicity model). Typical mass ratios for systems with

HG donors are qout = 0.4-0.8, while for CHeB donors, they are qout = 0.3-0.5 . The

values for CHeB donors are smaller because of the strong LBV winds that CHeB

star experience decrease the mass ratios over time. Unstable mass transfer phases

exclusively occur with CHeB donors in our simulations.

These low mass ratios also imply that the expansion due to stellar evolution

drives the TMT episodes [e.g. 326]. Consequently, we expect TMT episodes with

HG donors to last 104 yrs, while TMT epiosdes with CHeB donor could last much

longer up to 105-104 years.

3.4.8 Accretors of TMT episodes

In this subsection, we discuss the type of accretors of TMT episodes. The evolution-

ary stage of the inner binaries has a crucial role in the outcome of TMT episodes.

If the inner binary comprises CHE MS stars, a TMT episode probably leads to the

merger, as CHE binaries have very short periods and the majority of them are in
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contact at the onset of the TMT [see also 40]. On the other hand, if the inner binary

consists of BHs, TMT epsiode is unlikely to lead to a merger by itself, however, in

principle, could be a source of (observable) X-ray emission [e.g. 156].

As shown in Table 3.2, the two most common types of accretors are MS-MS

and BH-BH binaries. In only 11-15 per cent of CHE triples experience TMT with

different accretors, such as an inner binary consisting of two helium stars or a helium

star with a MS or BH companion.

We highlight the relatively large fraction of BH-BH accretors (24-31 per cent

of CHE triples experiencing TMT). For classically evolving triples, mass transfer

towards a BH-BH binary is highly unlikely. Firstly, in systems in which a TMT

episode were to occur towards a BH-BH inner binary, the stars of the inner binary

need to be more massive than the tertiary, such that they form BHs before the

outer star fills its Roche-lobe. Secondly, the outer star has to be sufficiently close,

otherwise it would remain detached throughout its evolution. This, in turn, puts a

limit on the largest possible inner orbit, if the system is to remain dynamically stable.

The maximum inner orbit for such systems is so small that classically evolving inner

stars (which eventually expand) would initiate mass transfer and would most likely

merge, which would reduce the triple to a binary and a tertiary mass transfer would

never occur [see e.g. Fig. 14 in 356]. On the other hand, if the triple has CHE inner

stars, the stars will not expand and not merge with one another, instead the system

will evolve to contain a BH-BH binary by the time the tertiary fills its Roche-lobe.

3.4.9 Mass transferred towards the inner binary

We discuss the amount of mass that is transferred during the TMT episode. This

is an important aspect, as the relative transferred mass determines the angular
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momentum reservoir available to change the orbit of the inner binary.

Assuming that the entire envelope of the donor star is transferred towards the

inner binary, the amount of transferred mass ranges between 1-40M⊙ for BH-BH

accretors and between 10-50M⊙ for MS-MS accretors (see right panel of Fig. 3.4

for Z = 0.005 and B.1 in section of B.1 of Appendix for Z = 0.0005). Systems with

MS-MS accretors typically receive a larger amount of mass than BH-BH accretors,

because the tertiary star is typically more massive in the former case. This is because

for the tertiary to fill its Roche lobe while the inner stars are still on the MS, the

initial tertiary star needs to be evolve faster and hence be more massive than the

MS stars. The relative transferred mass expressed as a fraction of the total mass of

the inner binary (i.e. Mtransferred/Mtot,inner) has the same maximum value (∼ 0.5) for

both BH-BH and MS-MS accretors (see grey histogram in right panel of Fig. 3.4).

3.4.10 Formation of circumbinary disc

We discuss how common it is for TMT systems to develop a circumbinary disc at the

onset of the mass transfer episode. As explained in section 3.3.5, whether a TMT

episode is accompanied by a formation of a circumbinary disc can have important

consequences for the evolution of the inner orbit.

We find that about 63 per cent of all TMT systems develop circumbinary discs

in our moderate metallicity model, while in the rest TMT proceeds in a ballistic

fashion. Systems in which a circumbinary disc is formed during the TMT phase

typically have larger outer pericenters at the onset of the mass transfer (ap,out ≈

300-6000 R⊙) than in those where TMT proceeds in a ballistic manner (ap,out ≈

100-600 R⊙).
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TMT with a circumbinary disc is more prevalent at lower metallcities. About 74

per cent of all TMT systems develop circumbinary discs at Z = 0.0005. This occurs

because the ratio of the inner and the outer orbital separation decreases less by the

onset of the mass transfer phase due to weaker stellar winds (see equation 3.10).

TMT episodes with inner BH-BH binaries are somewhat more likely to occur in

a ballistic fashion than with MS-MS inner binaries. About 45 (23) per cent of TMT

systems with BH-BH inner binaries do not develop circumbinary discs at Z = 0.005

(Z = 0.0005), while 32 (27) per cent of TMT episodes with MS-MS inner binaries

occur in a ballistic fashion. This is mainly because the inner apocenter to outer

pericenter ratios at the onset of TMT are typically higher for inner BH-BHs than

for inner MS-MS binaries (see equation 3.10). This difference is due to Wolf-Rayet

winds, supernova kicks and possible ZLK oscillations that BH-BH inner binaries

experienced prior to the TMT episode.

3.4.11 Three-body dynamics prior to TMT

Three-body dynamics can increase the eccentricities of the inner binary. This can,

for example significantly decrease the coalescence time due to GWs [e.g. 233, 35,

381, 346].

Three-body dynamics is almost always suppressed during the MS phase of the

inner binaries due to the strong tides (see also section 3.4.2). Consequently, the

inner orbits of TMT systems with MS-MS inner binaries are always circular at the

onset of the mass transfer episode. On the other hand, this is no longer the case

when the inner stars are in their post-MS.

In Fig. 3.5, we show the cumulative distribution of the inner binary eccentricities
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at the onset of the mass transfer phase of TMT systems with BH-BH accretors at

Z = 0.005. We see that systems without circumbinary discs tend to have eccentric

inner orbits at the onset of mass transfer. The high eccentricities are caused by

ZLK cycles during the post-MS evolution of the inner binary. About 40 per cent of

such triples have ein ≳ 0.4 at this stage. This is in contrast with the systems with

circumbinary discs; about 90 per cent of the systems have eccentricities ein ≲ 0.1.

The difference is due to the smaller inner period to outer period ratios that systems

without circumbinary discs have (see equation 3.2). In our low metallcity model,

high eccentricites at the onset of TMT are much less common (see Fig. B.2 in section

of B.1 of Appendix). For these systems the inner period to outer period ratio does

not increase significantly because of the weak stellar winds.

3.4.12 Unbound systems

In this channel, one of the stars in the triple becomes unbound as a result of core-

collapse. We distinguish systems based on whether this occurs via PISN or via

classical core collapse [e.g. 97]. As shown in Table 3.2, PISN does not occur in

our moderate metallicity model, whereas at Z = 0.0005, it becomes quite prevalent;

about 84 per cent of the unbound systems occur due to PISN.

If the triples becomes unbound as a result of a classical core-collapse, we further

distinguish whether it is due to the core-collapse occuring in the inner binary (97 per

cent of all classical core-collapse systems at Z = 0.005 and 99 at Z = 0.0005) or of

the tertiary star (3 per cent at Z = 0.005 or 1 per cent at Z = 0.0005). As the inner

binary consists of CHE stars, they have large initial masses (i.e. MZAMS ≳ 30M⊙)

and furthermore they develop more massive CO cores than their classically evolving

counterparts. Therefore, they get weak (if any) natal kicks when they form BHs

according to our implemented natal kick prescription. Yet weak natal kicks, or even
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Figure 3.5: The cumulative distribution of the inner binary eccentricities of systems
experiencing TMT with BH-BH accretors at the onset of the mass transfer phase
at Z = 0.005. The green curve shows the systems with circumbinary discs formed
during the mass transfer phase. The blue curve shows the systems where ballistic
accretion occurs.
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completely symmetrical instantaneous mass loss due to neutrino losses [which we

assume to be 10 per cent of the pre-collapse mass according to 97] can unbind the

tertiary star, if the outer star has high eccentricities. We find that in systems in

which one of the stars becomes unbound due to the core-collapse in the inner binary,

the outer eccentricities are large, about 70 per cent of them eout ≥ 0.8. In the vast

majority of the cases (about 99 per cent of such unbound systems), only the tertiary

is ejected, while the inner binary remains bound.

If the triple becomes unbound due to the core-collapse of the tertiary star and

with low outer eccentricity, it almost always occurs as a result of a strong natal

kick. Consequently, most of such unbound systems have initial tertiary masses

of Mout,ZAMS ≈ 8-25M⊙ (see also discussion in section 3.5), as these systems are

expecetd to receive the largest kicks according the supernova prescription of [97] .

3.4.13 Systems which become dynamically unstable

These triples typically have very short initial outer pericenters (ap,out,ZAMS ≈ 70-

400R⊙) and therefore are very close to the stability limit at ZAMS. Such systems

can transition to non-secular or non-hierarchical evolution, if ain/aout, eout or qout,

significantly increases during evolution [see 220]. Among CHE triples, there are

primarily two processes that can trigger this change: stellar winds and core collapse.

If the relative wind mass loss rate (e.g. Ṁ/M) in the inner binary is higher than

that of the tertiary star, ain/aout and qout will increase, which can prompt the triple

to experience a dynamical instability [see also 163, 142, 265, 357]. 30 per cent of

the systems of this channel destabilise due to stellar winds and the destabilisation

occurs when the stars of the inner binary are in their post-MS phase. At this stage,

the inner stars experience strong Wolf-Rayet winds, while the tertiary star is still
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on the MS with significantly lower mass loss rates.

In the remaining 70 per cent, the instability sets in due to the collapse of the core

of one of the stars. We find that this only occurs when BH formation takes place in

the inner binary. As noted in section 3.3.4, CHE stars typically form BHs via direct

collapse, such that qout only increases slightly. Furthermore, the direct collapse is

expected to be accompanied by a weak Blauw-kick due to neutrino losses such that

ain/aout and eout only increase significantly, if the inner or the outer pre-core-collapse

orbits are eccentric, respectively. The pre-core-collapse inner orbit is eccentric in 72

per cent of the systems of this channel. And the eccentricity is caused by ZLK

oscillations. In the remaining 28 per cent, three body-dynamics is not efficient in

driving up the eccentricity because the mutual inclination is outside of the critical

Kozai range [see e.g. 243]. Therefore, the core collapse occurs when the inner orbit is

circular. These systems still become unstable during the BH formation, because 1)

either ain/aout already increased strongly due to stellar wind mass losses before the

BH formation or 2) the outer orbit is eccentric and the core collapse occurs while the

tertiary star is near the outer pericenter (leading to a significant increase in eout).

The occurrence rate of this channel is strongly dependent on metallicity (3.5 per

cent of all CHE triples at Z = 0.005 and 0.7 per cent at Z = 0.0005, see Table

3.2). This dependence is due to the reduced strength of stellar winds and ZLK

oscillations (which are responsible for any eccentricity in CHE inner binaries) at

lower metallicities.
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3.5 The origin of each evolutionary channel

In this section, we discuss the initial parameters of the triples from each evolutionary

channel introduced in section 3.4.1. We find that initial parameters can be used as a

proxy to determine the final evolutionary outcome of CHE triples. In particular, the

evolutionary outcome can be parameterised by the initial mass and orbital separation

of the tertiary star. The parameters of the inner binary play a less important role in

this regard, as the parameter space for CHE inner binaries is already quite reduced.

We illustrate this in the left panel of Fig. 3.6 by showing an ensemble of CHE triples

at Z = 0.005, in which the parameters of the inner binary are the same, but the

mass and the orbital separation of the tertiary star are varied (therefore this grid

represents only a small subset of the entire CHE population discussed in section

3.4.1). The inner binary consists of two 70 M⊙ stars with a circular initial orbit

with ain,ZAMS = 22.4R⊙ (similar to the example systems discussed in section 3.4.2).

The initial tertiary mass ranges from 5 to 100M⊙, while aout,ZAMS ranges from 200

to 104R⊙.

3.5.1 Initial parameters of systems of different evolutionary chan-

nels

The majority of the triples shown in the left panel of Fig. 3.6 experience TMT

episodes. Their initial outer orbital separations are relatively short and range

roughly from 100 to 3300 R⊙. The evolutionary phase of the inner stars at the onset

of the TMT episode depends on the initial mass of the tertiary star. For the systems

shown in the left panel of Fig. 3.6, the inner binary at the onset of TMT comprise

of BHs, if Mout,ZAMS ≲ 59M⊙, helium stars, if 59M⊙ ≲ Mout,ZAMS ≤ 70M⊙, and

MS stars, if Mout,ZAMS ≥ 70M⊙. The majority (53 per cent) of the TMT systems
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in the left panel of Fig. 3.6 have a BH-BH inner binaries. For the entire population

of CHE triples presented in section 3.4.1, the same percentage is smaller (i.e 31 per

cent) at the same metallicity (see Table 3.4). As shown in Fig. 3.7, this quantity

(i.e. the ratio of the number of TMT systems with BH-BH inner binaries and the

number of all TMT system) scales proportionally to the initial mass of the secondary

star in the inner binary. This means that TMT episodes occur more frequently with

BH-BH accretors among CHE triples with more massive inner stars. This is due to

our assumptions about the initial distribution of the triples (section 3.3.6). If the

TMT occurs towards a BH-BH inner binary, the tertiary has to be initially the least

massive in the triple. With increasing M2,ZAMS, the fraction of triples for which

M2,ZAMS > Mout,ZAMS increases because of our assumptions of a maximum initial

stellar mass of MZAMS,max = 100M⊙ and a flat outer mass ratio distribution.

In 15 per cent of the triples shown in the left panel of Fig. 3.6, the inner

binary merges before BH formation or before a TMT episode occurs. All such

mergers in the grid occur between two helium stars, and are due to ZLK oscillations

that arise when the stars of the inner binary evolve off the MS. The initial outer

orbital separations in this channel are very short, i.e. 200 to 241R⊙, while the

tertiary masses range between 32 ≤ Mout,ZAMS/M⊙ ≤ 68. For lower tertiary masses

(Mout,ZAMS < 32 M⊙), the ZLK oscillations are not strong enough to boost the inner

eccentricity and cause a mass transfer episode in the inner binary. For larger tertiary

masses (Mout,ZAMS > 70 M⊙), the tertiary typically fills its Roche-lobe before the

stars of the inner binary evolve off the MS. However, during the main sequence

phase of the inner stars, the effects of ZLK cycles are quenched and consequently no

mergers are prompted by three-body dynamics before the tertiary initiates a TMT

episode.

Triples of the no post-MS MT channel in the left panel of Fig. 3.6 have initial

outer orbits aout ≳ 2000-3000 R⊙. Their initial tertiary mass is also typically outside
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of the range of ∼8-25 M⊙, such that the system does not dissociate due to SN kicks.

As we show in the next subsection, three-body dynamics are not important for the

evolution of these systems.

In the lower panel of Fig. 3.8, we show the inital pericenter (aouter,ZAMS) dis-

tribution of the entire CHE triple population for each evolutionary channel at Z =

0.005. As it can be seen, the range of initial pericenters are in agreement with those

shown in Fig. 3.6 for all channels except for the unbound systems (since for the

unbound systems, the outer eccentricity plays a crucial role, as explained in section

3.4.12, and in the grid we assume circular outer orbits). This again confirms that the

parameters of the tertiary star play the most important role in determining the evo-

lutionary path of a CHE triple. As evident from comparing the lower panels of Fig.

3.8 and Fig. B.4, the range of aouter,ZAMS of systems with TMT episodes increases

with decreasing metallicity. At lower metallicity, the stellar winds are weaker and

consequently, the outer orbit widens less. Therefore, the maximum aouter,ZAMS at

which the tertiary stars can still fill their Roche-lobes also increases with decreasing

metallicity.

3.5.2 Initial parameters of triples with three-body dynamics

In the right panel of Fig. 3.6, we show the maximum eccentricities that the inner

binaries reach during their evolution (ein,max). About 29 per cent of the triples shown

in the right panel of Fig. 3.6 reach ein,max ≥ 0.4 due to ZLK cycles. In all of these

triples, the tertiary star eventually fills its Roche-lobe (although in some cases, the

inner binary merges first).

For the systems shown in Fig. 3.6, ZLK cycles are efficient when aout,ZAMS ≲

1200R⊙ and Mout,ZAMS ≲ 70M⊙. When the outer orbit is aout,ZAMS ≳ 1200R⊙, the
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ZLK cycles are quenched by various short range forces (e.g. precession caused by

tides or general relativistic effects). If aout,ZAMS ≲ 1200R⊙ but Mout,ZAMS ≳ 70M⊙,

the tertiary star fills its Roche-lobe while the stars in the inner binary are still on the

MS. The inner binaries of these triples do not develop high eccentricities, as ZLK

cycles are quenched during MS due to strong tides (see section 3.4.2), and TMT

episode with MS-MS accretors are expected to result in the merger of the inner

binary (see section 3.6).

The right panel of Fig. 3.6 also shows that ein,max does not decrease smoothly

with increasing outer orbital separations, instead it drops rather abruptly across

aout,ZAMS ≈ 1200R⊙. Triples with aout,ZAMS ≈ 1200R⊙ reach very large inner eccen-

tricties (ein,max ≈ 0.9), while at slightly larger orbital separations (i.e. aout,ZAMS ≈

1500R⊙) the ZLK cycles are completely quenched.

These above mentioned effects are qualitatively also true for the entire CHE

triple population presented in section 3.4.1 (see upper panel of Fig. 3.8). At Z =

0.005, the ZLK oscillations are only efficient, if ap,out,ZAMS ≲ 1200R⊙. This implies

that three-body dynamics are only relevant for those triples, in which the tertiary

star would eventually fill its Roche-lobe (compare the upper and lower panels of Fig.

3.8). Consequently, if the tertiary in a CHE triple remains detached throughout its

evolution, the evolution of the inner binary will almost always be kinetically decou-

pled from the tertiary star (This is essentially the both TMT and ZLK oscillations

require small outer orbits.. If ap,out,ZAMS ≲ 1200R⊙, a wide range of inner eccen-

tricites are possible (ein,max = 0-0.9) for all ap,out,ZAMS. In this case, the value of

ein,max is primarily determined by the mutual inclination of the triple [see also e.g.

13].

In our low metallicity model (Z = 0.0005) the maximum initial outer pericenter

at which three-body dynamics are still relevant is lower compared to our moderate
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Figure 3.6: Left panel: we show the evolutionary outcome of collection of triples
with fixed inner binary parameters and different parameters for the tertiary at a
metallicity Z = 0.005. The parameters of the inner binary are the same for each
system shown in the grid, i.e. M1,ZAMS = M2,ZAMS = 70,M⊙, ain,ZAMS = 22.4R⊙,
ein = 0. The initial tertiary mass Mout ranges from 5 to 100M⊙ on a linear scale,
while aout,ZAMS ranges from 200 to 1000R⊙ on a logarithmic scale. We assume
zero outer eccentricity and an initial inclination of 90◦. Right panel: we show
the maximum eccentricity of the inner binary reached during the evolution. The
parameters of the inner binary are the same as in left panel

metallicity model (right panel in Fig. B.4 in section B.1 of Appendix). At such low

metallicities, stellar winds do not widen the orbit of the inner binary significantly

and thus the timescales of the ZLK cycles do not decrease as much as at Z = 0.005.

3.6 Gravitational waves sources

We now discuss the possible formation channels of GW sources that originate from

CHE triples and their properties. In section 3.6.1 we predict the merger rate densities

and compare them to that of GW sources from isolated CHE binaries. For this,

we assume two test populations with different stellar multiplicity fractions. One

population is composed of only single and binary stellar systems (i.e. with stellar
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Figure 3.7: The distribution of the initial secondary masses of the entire CHE triple
population that undergo tertiary mass transfer at Z = 0.005. We only show those
systems which have either BH-BH or MS-MS accretors. The grey unfilled histogram,
with the corresponding secondary x-axis on the right hand side, shows the number
of systems with BH-BH accretors as a fraction of all systems undergoing tertiary
mass transfer phases.
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Figure 3.8: Upper panel: The distribution of the initial pericenter of a few selected
evolutionary types of the entire CHE triple population at Z = 0.005. The histograms
have been normalised to the full population of the CHE evolving triples. The his-
tograms shown are stacked. Each colour represents a different evolutionary type.
For clarity we do not show all the types introduced in section 3.4.1, see text for
discussion. Lower panel: The distribution of the initial outer pericenter of the entire
CHE triple population at Z = 0.005. We distinguish systems based on the maximum
eccentricity of the inner binary reached during their evolution. The histograms are
normalised to one and stacked.
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multiplicity fractions at ZAMS of fsingle = 0.3, fbinary = 0.7, ftriple = 0), in the other

triples dominate (fsingle = 0.06, fbinary = 0.21, ftriple = 0.73).

In sections 3.6.2 - 3.6.5 we discuss the properties of each GW formation channel

from CHE triples and binaries. These predictions are based on the synthetic popu-

lations discussed previously, and in cases where the simulations are stopped before

the formation of a BH-BH binary, we predict the further evolution of CHE triples

beyond the stopping conditions (Section 3.3.6) by applying simple assumptions (as

detailed below).

The four main identified formation channels of GW sources within our CHE

triple population are (see also Fig. 3.9):

• Effectively isolated inner binary: For such triples, three-body dynamics is sup-

pressed by various short-range forces and the tertiary star remains detached

throughout the entire evolution. The inner binary therefore evolves effectively

as an isolated binary and the properties of these GW sources are indistinguish-

able from those of the CHE binary channel. There are two ways these systems

can form: i) with the tertiary star bound to the triple (systems from the no

post-MS MT channel, see section 3.4.3) and ii) systems in which the tertiary

star becomes unbound from the triple (from the unbound channel discussed in

section 3.4.12). For the latter, we assume that the orbit of the inner binary is

not affected by the tertiary unbinding from the triple system.

• TMT with a BH-BH accretor: This channel comprises systems in which the

tertiary star fills its Roche-lobe when the inner binary is a BH-BH binary.

The inner binary components do not coalesce during the TMT phase, but will

merge afterwards due to GW emission. In these systems, the tertiary star

can affect the evolution of the inner binary in two major ways, via the TMT
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Figure 3.9: The possible formation channels of merging binary BHs from our CHE
triples population.
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episode and via three-body dynamics (see section 3.4.5). In section 3.3.5, we

introduced our assumptions regarding the evolution of the inner orbit during

a TMT episode.

• TMT with a MS-MS accretor: In this scenario, there are two sequential

mergers taking place in the system [see also e.g. 333]. First, the inner binary

merges when the stars are still on the MS as a result of mass transfer from

the tertiary to the inner binary. This reduces the triple to a binary. We

assume that the merger product of the inner binary evolves further in a classical

way (as opposed to CHE). Consequently, the merger product expands and

eventually fills its Roche-lobe and transfers mass to the initial tertiary star.

The orbit shrinks due to this second phase of mass transfer and as a result, a

merging double compact object is formed. The second phase of mass transfer is

essential. Systems in which no mass transfer takes place after the inner binary

merger might form detached BH-BH binaries but are too wide to merge due

to GWs within the Hubble time. We note that double MS mergers among

CHE triples typically occur due to TMT episodes as three-body dynamics are

suppressed during the MS phase.

• Dynamical mergers: In the triples of this channel, ZLK oscillations are very

efficient and drive up the inner eccentricities to ein ≈ 0.6-0.9 after the stars of

the inner binary have become BHs. Such systems merge due to GW emission

within a few Myrs. The tertiary remains detached until the inner binary

merges and therefore these triples belong to the no post-MS MT channel. As

discussed in section 3.4.3, these systems are rare.

We ignore the possibility of GW source forming in a CHE triple through a stellar

merger that do not occur between two MS stars. Such mergers can occur due to TMT

or three-body dynamics with (i) helium star-MS binaries or (ii) double helium star

binaries. We justify the omission of the first type, as they are relatively rare. This
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Figure 3.10: The pericenter of the outer orbit before and at the onset of TMT for MS-
MS inner (upper panel) and BH-BH inner binary accretors (lower panel) as calcu-
lated with equation 3.16 at Z = 0.005. The grey line shows the ratio of the pericentre
after the TMT and at the before the TMT episode (i.e. ap,out,afterTMT/ap,out,beforeTMT

with the corresponding values shown in the upper x-axis). We note that for we have
normalised these distributions to 104 (such that the numbers on the y-axis are in
the order of unity).
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Table 3.3: Summary of the statistics of GW sources from the population with triples
(with fsingle = 0.06, fbinary = 0.21, ftriple = 0.73), and from the population without
triples (with fsingle = 0.3, fbinary = 0.7, ftriple = 0). The ’of all CHE systems’ is the
number of systems, expressed as a fraction of all systems containing a binary that
contains two, tidally-locked CHE stars. Formation efficiency gives the number of
systems expressed as a faction of all stellar systems (see equation B.1). Merger rate
density is the merger rate density in the local universe (see equation B.15).

of all CHE systems
at Z = 0.005 [%]

of all CHE systems
at Z = 0.0005 [%]

Formation efficiency
at Z = 0.005

Formation efficiency
at Z = 0.0005

Merger rate density
[Gpc−3yr−1]

Population with triples
CHE triple channels: 29.1/31.9 23.7/23.7 6.9 · 10−7/7.2 · 10−7 9.2·10−7 12.7/11.8
- Effectively isolated inner binary 19.3 12 4.6 · 10−7 3.0 · 10−7 8.8
- TMT with BBH & BA (sc. 1/sc. 2) 3.8/6.6 2.3/2.3 9 · 10−8/1.2 · 10−7 5.8 · 10−8/ 5.8 · 10−8 1.4/0.5
- TMT with BBH & CBD 5.9 7.8 1.4 · 10−7 1.9 · 10−7 2.4
- TMT with MS-MS channel 0.3 5 6 · 10−9 1.2 · 10−7 0.2
- Dynamical mergers 0.2 0.1 4 · 10−9 2.0 · 10−9 0.05
CHE binaries 8.7 12.9 7.2 · 10−7 5.2 · 10−7 11

Population without triples
CHE binaries 65 88.6 1.2 · 10−6 1.2 · 10−6 44.2

type of merger occurs in 0.2-2 per cent of all CHE triples depending on metallicity.

For the second type, the merger product is a helium star, it is not expected to

significantly expand and it is unlikely to ever fill its Roche-lobe. Without a phase of

mass transfer that leads to orbital shrinkage, the binary remains too wide to merge

within a Hubble time. However, if the merger remnant can accrete matter during

the TMT phase it could regain a hydrogen-rich envelope, and expand later in its

evolution. For simplicity, we neglect this scenario.

3.6.1 Rates of GW mergers

In the population without triples, the predicted merger rate density is Rmerger =

44.2Gpc−3yr−1 (see Table 3.3). This is about a factor of two higher than predicted

by [292], giving a rough agreement given the simplicity of our rate calculation (see

discussion in Appendix B.2). The total merger rate density of the population con-

taining triples is Rmerger = 23 Gpc−3yr−1. This is about a factor of two lower than

that of the population without triples. There are two reasons for this difference.

Firstly, stellar mergers frequently occur in CHE triples, preventing the formation of
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compact BH-BH binaries. While all CHE binaries form BH-BH binaries, only about

60 (45) per cent of CHE triples form (inner) BH-BH binaries at Z = 0.005 (Z =

0.0005).

Secondly, the number of systems formed in the population with triples is always

lower per unit stellar mass formed than in the population without triples, as triple

systems, on average, have larger total masses than binaries and/or single stars.

In the population with triples, about half of the GW mergers are from formation

channels involving CHE originate from triples. The role of the tertiary is negligible

for 69 per cent of GW progenitors from CHE triples. In the remaining 31 per cent,

the evolution of the inner binary is affected by the tertiary star via TMT and/or

three-body dynamics.

3.6.2 Isolated binaries

At Z = 0.005, about 68 per cent of the CHE binary population forms a BH-BH

binary that merges within the Hubble time, while at Z = 0.0005, all CHE binaries

merge due to GWs within the age of the universe. In our moderate metallicity model,

the delay times of these BH-BH binaries from this population ranges from 3 to 50

Gyr (and therefore the delay time of GW sources ranges from 3 to 13.5 Gyr). In

our low metallicity model, the delay times are considerably shorter, ranging roughly

from 100 to 600 Myrs. At Z = 0.005, only those binaries merge which were in contact

during their MS phase. At Z = 0.0005, about 97 per cent of all GW progenitors

were in contact during their MS phase. Since we assume such binaries equalise in

mass, we predict that the vast majority of GW sources consist of equal mass black

hole binaries from this population (in broad agreement with [217]). The masses of

the merging binary black holes from this channel range from 20 to 42 M⊙ at Z =
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0.005 and 33 to 54 M⊙ at Z = 0.0005.

3.6.3 Effectively isolated inner binaries

This is the dominant channel among CHE triples with a predicted merger rate

density of 8.8 Gpc−3yr−1. At Z = 0.005 (Z = 0.0005), about 19 (12) per cent of all

CHE systems (e.g CHE binaries and CHE triples, see section 3.3.6) are expected

to form GW sources via this channel. In 53 per cent of the GW progenitors of

this channel, the tertiary star becomes unbound by the time both stars in the inner

binaries form BHs. This percentage drops to 38 per cent at Z = 0.0005.

The demographics of this channel are nearly indistinguishable from the isolated

binary population. The merger efficiency of this channel, which we define as the

GW sources as a fraction of BH-BH inner binaries formed via a certain channel, is

68 per cent. Unsurprisingly, this is the same as the merger efficiency of the isolated

CHE binary channel. Similarly to the CHE binary case, the majority of the inner

binaries of these triples were also in contact during their MS phase and therefore

this channel also produces overwhelmingly equal mass mergers.

3.6.4 TMT with a BH-BH accretor

This is the dominant formation channel in which the evolution of the inner binary

is affected by the tertiary star. The predicted merger rate density is Rmerger = 3.8

Gpc−3yr−1, which accounts for about 16 per cent of all GW mergers from CHE

systems. About 10 per cent of all CHE systems form merging binary BHs via this

channel.
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With our simplistic models of TMT (see subsection 3.3.5), we predict that the

outer orbit widens as a result of the TMT episode for all triples considered in this

study. In the lower panel of Fig. 3.10, we show how the outer pericenter changes

after the mass transfer phase for triples experiencing TMT with a BH-BH inner

binary accretor for our moderate metallicity model (and in the lower panel of Fig.

B.5 for our low metallicity model). The orbital separations widen typically by a

factor 1.5-2.

Even, if the inner orbit remains unchanged due to TMT, the outer orbit widens

so much, such that three body-dynamics become typically negligible after the TMT

episode for the majoirty of these triples. For example, at Z = 0.005, in those TMT

systems, in which ZKL oscillation are effective prior to the mass transfer event, 70

per cent of the inner binaries become decoupled from the tertiary star after the

TMT episode. If the evolution of the inner BH-BH inner binary is decoupled from

the tertiary, its orbital evolution is solely determined by the emission of GWs (and

therefore the coalescence time can be determined according to [266], otherwise, we

use equation 3.5).

As noted in section 3.3.5, we make different assumptions about the evolution of

the inner orbit based on whether a circumbinary disc is formed during TMT. We

therefore discuss the properties of GW sources from these two subtypes separately.

Accretion through a circumbinary disc

The predicted merger rate of this channel is 2.4 Gpc−3yr−1. The merger rate effi-

ciency is just 6 per cent higher than the merger rate efficiency from isolated binaries.

The slight increase is due to the small number of eccentric inner binaries at the on-

set of the mass transfer (∼10 per cent of systems undergoing TMT with BH-BH
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accretors and circumbinary discs have ein>0.4, see Fig. 3.5). The small difference

is not surprising as we have assumed here that the orbit of the inner binary does

not change due to circumbinary disc accretion. However, if circumbinary disc ac-

cretion leads to a significant increase (decrease) in the inner period, the compact

object merger fraction decreases (increases) significantly as well. Clearly, better

models are required to understand circumbinary accretion of a BH binary from a

mass transferring tertiary star.

Ballistic accretion

The properties of these GW sources depend on how the inner binary evolves due

to TMT. If we simplistically assume that that the inner orbit does not change (i.e.

Scenario 1, see section 3.3.5), then the merger rate density of this channel in the

local universe is Rmerger = 1.4 Gpc3yr−1. In this case about 3.8 (2.3) per cent of

all stellar systems containing a CHE binary form GW sources via this channel at

Z = 0.005 (Z = 0.0005). The merger efficiency of this channel is 75 per cent at Z

= 0.005, which is slightly higher than that of the CHE binary population (68 per

cent). As discussed in section 3.4.5, a considerable fraction of these sources have

high eccentricities, namely, 48 per cent with ein ≳ 0.4 at Z = 0.005 and 10 per cent

at Z = 0.0005. This results in shorter delay times and more mergers with respect

to the isolated CHE binary channel (top left panel of Fig. 3.11).

If the orbital evolution can be described by equation 3.14 (i.e. Scenario 2, see

section 3.3.5), then the inner pericenters of BH-BH binaries decrease by 1-3 orders

of magnitude due to the TMT episode, depending on the efficiency parameter αTMT.

In this case, all inner bineries become dynamically decoupled from the tertiary star

after the TMT episode. As shown in the left panel of Fig. 3.12, the peak of the orbital

separation distribution shifts from 32R⊙ to 25, 5 and 1 R⊙ with αTMT = 0.05, 5, 5.
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With such short periods, nearly all (i.e. typically ≳ 99 per cent) of the inner binaries

eventually emerge. However, none of the inner binaries merge during the mass

transfer, in fact they merge due to GW emission afterwards. In Fig. 3.11, we show

that the typical delay times in Scenario 2 are also orders of magnitude shorter with

respect to that of isolated CHE binaries. With αTMT = 0.05, the delay times of these

GW sources is dominated by the stellar evolution. Such timescales could make TMT

episodes relevant in young clusters in which star-formation is still active. Even when

assuming a weaker friction exerted by the transferred mass (i.e. αTMTλTMT = 5)

resulting in the smallest orbital shrinkage in our models, most of the BHs merge

within a few hundred Myr at Z = 0.005.

Despite the higher merger efficiency, the predicted merger rate density for Sce-

nario 2 is considerably lower (i.e. Rmerger = 0.5Gpc−3yr−1) than in Scenario 1.

This is due to the extremely short delay times, implying the progenitor stars must

have formed recently, when the cosmic star formation rate is low [e.g. 206]. As the

cosmic star formation rate is expected to increase strongly from z = 0 to z = 2 ,

we expect the merger rate density of this channel to be significantly higher at z ≈ 2

than at z = 0. This would make these sources more relevant for third-generation

GW detectors.

We mention two interesting aspects of this channel. Firstly, depending on the

efficiency parameter of the TMT episode, these systems could be in the LISA fre-

quency band [12] during the mass transfer phase. In the right panel panel of Fig.

3.12, we show the frequency at which the BH-BH binaries emit GWs after the mass

transfer episode. With αTMT = 0.5, about half, and with αTMT = 0.05, all of our sys-

tems enter the mHZ regime during the mass transfer phase. The evolution through

the LISA frequency range would be primarily driven by gas dynamics instead of

GW emission [see also 288]. Such sources would be detectable by LISA, if the cor-

responding luminosity distances are not larger than ∼ 10 kpc and ∼ 104 kpc in case
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of αTMT = 0.5 and αTMT = 0.05, respectively [see e.g. Fig. 1 in 12].

Secondly, a TMT episode could be accompanied by a detectable electromagnetic

signal, as the transferred mass is expected to heat up when it reaches the inner

BH binary. If the delay time between this signal and the GW merger is within the

lifetimes of typical observing missions, then the GW merger could be associated with

this electromagnetic counterpart [see also e.g. 400]. We find that the time between

the end of the TMT episode and the GW merger in case of αTMTλTMT = 0.05 is

shorter than a year for 6 per cent of these sources at Z = 0.0005. This implies that

in this case a electromagnetic counterpart could be detected, shortly before the GW

merger. This is in contrast with the possible electromagnetic signatures associated

with BH mergers in AGN discs, where the electromagnetic counterpart would occur

after the GW merger [see e.g. 225]

3.6.5 TMT with a MS-MS accretor

This channel has a low merger rate density of Rmerger = 0.2 Gpc−3yr−1. Even though

25 per cent of all systems containing a CHE binary experience a double MS merger

in the inner binary at Z = 0.005, only 1.1 per cent of them form merging binary

BHs. This low merging efficiency is due to two reasons. Firstly, if the mass transfer

episode between the merger product and the tertiary star proceeds in a dynamically

unstable way, the process mostly ends in stellar merger and no double compact

binary is formed. Secondly, if the same mass transfer proceeds instead in a stable

way, the binary BH typically has too wide orbit to merge within the Hubble time. We

note, however, that these predictions are sensitively dependent on uncertain stellar

physics (such as the efficiency of CEE phase, mass-loss radius exponent and binding

energy of stars with MZAMS ≳ 100M⊙). We also note that the merger efficiency is

significantly higher in our low metallicity model, 12.3 per cent of triples with double
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MS merger forms merging binary BHs. As the merger efficiency seems to increase

with decreasing metallicity, and we only calculate the merger rate density based on

two metallicities, it is likely that we underestimate the merger rate density for this

channel (see more detailed explanation in Appendix section B.2).

In case of a TMT episode with a MS-MS accretor, we always assume that the

inner binary merges due to the mass transfer phase. We justify this assumption

by the fact that CHE MS-MS binaries tend to be on very close orbits (∼20-30 R⊙)

compared to their stellar radii (∼5-10R⊙). A significant fraction of them are already

in contact. Furthermore, these stars may swell up as a result of accretion, this type

mass transfer event is likely to end in merger [e.g. 40, 193].

The merger product is a rejuvenated MS star with a mass of M1+2 = M1 +

M2. This means that we neglect any accretion during TMT and we assume a fully

conservative merger without mass outflows. At Z = 0.005, the mass of the inner

binary merger remnant M1+2 ranges from 65 to 188 M⊙. The distribution has a

peak around ∼ 100M⊙. At Z = 0.0005, the mass of the merger product ranges from

70 M⊙ to 190 M⊙.

The orbital separations after the TMT episode are shown in the upper panel of

Fig. 3.10 (and Fig. B.5 for our low metallicity model). We can see that the outer

orbit widens typically by a factor of 1.7-2.5 and the orbital separations range from

150 to 6800 R⊙. While the ranges are similar at both metallicities, at Z = 0.0005,

the typical orbital separations are significantly shorter.

Most of the systems experience a second phase of mass transfer after the TMT

episode (62 per cent at Z = 0.005 and 96 per cent at Z = 0.0005) and typically the

donor star is on the Hertzsprung gap during this second phase of mass transfer (

about 99 per cent at Z = 0.005, and about 86 per cent at Z = 0.0005). More evolved
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donor stars are not expected to occur frequently, as the onset of CHeB occurs at a

cooler effective temperature with increasing mass and followed by a less significant

subsequent radial expansion [138]. In particular for MZAMS ≳ 100M⊙, stars are

predicted to expand negligibly after the CHeB, even at low metallicities.

Regarding the stability of the mass transfer between the merger remnant and

the initial tertiary, we find that it occurs in a dynamically unstable manner in 66

(30) per cent of cases at Z = 0.005 (Z = 0.0005). We assume that CE phases with

a donor star on the Hertzsprung gap result in a merger, following [69] [but see also

167, 219]. At both metallicities, binary BHs are only produced when the second

phase of mass transfer proceeds in a stable manner. Furthermore, in order to form a

GW source, the orbit needs to be compact enough (aout ≲ 1000R⊙) at the onset of

the second mass transfer event. This only occurs in about 5 per cent (30 per cent)

of systems with stable mass transfer at Z = 0.005 (Z = 0.0005).

This is the only GW formation channel of CHE triples that yields a significantly

different mass and mass ratio distributions than the CHE binary channel. The

masses of the merging binary BHs range from 16 to 27 M⊙ at Z = 0.005 and 17 to

54 M⊙ at Z = 0.0005. The mass ratios range from 0.7 to 0.8 at Z = 0.005 and 0.5 to

1.0 at Z = 0.0005. All other channels produce merging binary BHs with masses that

range from 20 to 42 at Z = 0.005 and 33 to 54 at Z = 0.0005. The vast majority (≳

90 per cent) of these systems have equal masses, as the inner binaries had been in

contact during their MS phase.

3.6.6 Dynamical mergers

The merger rate density of this channel is very low, Rmerger = 0.05 Gpc−3yr−1. The

delay times of these systems are very short and range from 4 to 20 Myrs. Similarly

183



3.6. Gravitational waves sources

0.00

0.25

0.50

0.75

1.00

1.25 Scenario 1 Scenario 2, TMT TMT = 5

0 1 2 3 4 50.00

0.25

0.50

0.75

1.00

1.25 Scenario 2, TMT TMT = 0.5

0 1 2 3 4 5

Scenario 2, TMT TMT = 0.05

log10(tdelay/Myr)

No
rm

al
ise

d 
di

st
rib

ut
io

n

TMT w/ BHBH, b.a TMT w/ BHBH, cbd Effectively isolated Isolated CHE binaries

Figure 3.11: The time delay distribution of the GW sources from the CHE triple
population shown by a stacked histogram. As a comparison, we also show the
time delay distribution of the GW sources from CHE isolated binaries at the same
metallicity (gold). The different colours of the stacked histograms refer to different
evolutionary paths of the triples (shown by the legend in the top of the panel)
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Figure 3.12: Orbital parameters of GW sources that evolve through the TMT chan-
nel with BH-BH accretors and ballistic accretion at Z=0.005. In the upper panel we
show the inner pericenter of the inner BH-BH binary (ap,in). The black line repre-
sents ap,in at the onset of TMT. The coloured lines show the orbital characteristics
at the end of the mass transfer for scenario 2, where the change in the orbit has
been estimated using an energy formalism with three different values of αTMTλTMT

(equation 3.12 and 3.13). Lower panel: we show the frequency of the GW radiated
by the inner BH-BH binary before and after the tertiary mass transfer phase.
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to the GW progenitors that have experienced TMT episodes with ballistic accre-

tion, the short delay times imply that the merger rate density could be about an

order of magnitude larger at z ≈ 2. About 25 per cent of these systems have eccen-

tricities ein ≳ 10−4 when the characteristic GW frequency reaches 10 Hz, making

eccentricities detectable by third-generation detectors [200].

For all systems, the tertiary star is still on the MS when the inner binary merges

due to GWs with outer pericenters of ap,out ≈ 120-790R⊙. It is therefore expected

that the initial tertiary star will eventually fill its Roche-lobe, once it evolves of the

MS.

3.7 Conclusion

We studied the evolution of hierarchical triples with CHE stars in the inner binary

with a rapid populations synthesis approach. We performed simulations with the

triple population synthesis code TRES at two representative metallicities: Z = 0.005

and Z = 0.0005. We showed that the evolution of CHE stars can be altered by the

presence of a tertiary star in several ways. This can potentially lead to a formation

of a number of diverse and unique astrophysical phenomena, e.g. TMT phases with

BH-BH accretors, highly eccentric mergers of helium stars, and mergers of binary

BHs with very short (few Myrs) delay times.

To summarise our main findings:

1. Tertiary mass transfer (TMT) episodes are common among CHE triples:

Unlike in classically evolving hierarchical triples, we predict that a TMT phase

is very common among CHE triples. The tertiary star fills its Roche-lobe in
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about 50 per cent of all triples with CHE inner binaries. The same fraction

for classically evolving systems is predicted to be a few percent at best [see

e.g. 405, 356, 120, 184]. We find that the mass transfer episodes initiated by

the tertiary star typically occurs in a dynamically stable way.

2. BH-BH inner binaries that accrete from the tertiary star are also common:

About 31 (24) per cent of the tertiary-driven mass-transfer episodes occur with

BH-BH accretors at Z = 0.005 (Z = 0.0005). Previous population synthesis

studies suggest that such a scenario is probably not possible for triples with

classically evolving stars [see e.g. 356, 120]. Therefore, mass transfer towards

a BH-BH inner binary represents a unique scenario for triples (or higher-order

multiples) with CHE stars in the inner binaries. An exciting prospect would

be a possible EM counterpart from such an event [e.g. 400].

3. Importance of three-body dynamics: ZLK oscillations can be effective for

CHE triples, if the stars in the inner binary have evolved off the MS (otherwise

precession due to strong tides quench ZLK cycles) and if the initial outer

pericenter is ap,outer,ZAMS ≲ 2000R⊙ (otherwise ZLK cycles are quenched by

various short range forces throughout the entire evolution of the inner binary).

ZLK oscillations are only present in those CHE triples, in which the outer

pericenter is so short that the tertiary star would eventually fill its Roche-lobe.

The inner eccentricities of these systems can reach values up to ein,max ∼ 0.9

(upper panel of Fig. 3.8). The effects of three-body dynamics are negligible

for those CHE triples in which the triple remains detached. In this case, the

inner binary evolves effectively as an isolated binary.

4. Three-body dynamics can drive the inner binary to a stellar merger: In about

3 per cent of CHE triples, the inner binary merges before BH-BH formation.

The most common type is a merger of a double helium star binary, that comes

into contact in a highly eccentric orbit (Table 3.2).
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5. CHE triples form GW sources efficiently: About 30 (24) per cent of the CHE

triple population forms BH binaries that merge due to GWs within Hubble

time at Z = 0.005 (Z = 0.0005). We predict a merger rate density of GW

sources from CHE triples of Rmerger ≈ 12Gpc−3yr−1 (Table 3.3). We also

predict that about half of the GW sources from CHE systems originate from

triples. In 69 per cent of all GW sources from CHE triples, the inner binary

evolves effectively as an isolated binary and therefore its properties are indis-

tinguishable from those of CHE binaries. In the remaining 31 per cent, the

evolution of the GW progenitor is affected by three-body dynamics and/or

TMT episodes.

6. Tertiary mass transfer and three-body dynamics could lead to the formation

of BH-BH binaries that merge within Myrs

The vast majority of those GW progenitors of CHE triples, in which the evolu-

tion of the inner binary is not decoupled from the tertiary object, experience a

TMT episode with a BH-BH inner binary. In this case, we model the evolution

of the inner binary during the TMT phase with energy arguments [following

405, see also subsection 3.3.5] and with different assumptions on how efficiently

the transferred mass shrinks the orbit of the inner binary. We find typical val-

ues for the delay time of these GW sources of few hundred Myrs and few

Myrs in our model variation with the least and the most orbital shrinkage,

respectively.
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Chapter 4

Conclusion and recommendations

In this thesis, I studied the evolution of massive stars in binary and triple systems

in the context of gravitational wave astronomy with a rapid population synthesis

approach. The studies presented here take one of the first necessary steps toward

resolving the following important open questions in modern astrophysics; what is

the origin of merging stellar mass black hole binaries and how much can we can

learn about massive star evolution using gravitational wave astronomy. This first

step is to explore how the demographics of merging binary black holes depend on

uncertain physics of multiple systems of massive stars. Such an exploration allows us

i) to identify features in the demographics of merging binary black holes that could

potentially aid us in inferring information about the poorly understood evolutionary

processes of massive stars, ii) to understand which aspects of stellar evolution models

need the most urgent improvements to allow for a correct interpretation of merging

binary black hole statistics in a stellar physics context, iii) to understand what type

of complimentary, electromagnetic observations of massive stars should be combined

with the gravitational wave observations in order to improve our understanding

about massive star evolution.
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In Chapter 2, I showed that the first phase of stable mass transfer for isolated

massive binaries plays an important role in determining the dominant formation

channel for merging binary black holes but its related uncertainties do not affect the

most important GW observables significantly, such as merger rate, mass and mass

ratio distributions. This highlights one of the many challenges to use detections

of GW transients to learn about the origin of compact binary mergers and the

evolution of their progenitors. In order to overcome this particular challenge, an

extensive catalogue of WR-O/B binaries with solutions for mass ratios and orbital

periods would be indispensable. Comparing the mass ratio and period distribution

of WR-O/B binaries to those of ZAMS systems would reveal invaluable clues about

the (average) mass transfer efficiency and angular momentum loss mode during a

mass transfer episode between two hydrogen rich stars. At the same time, more

realistic mass transfer models need to be implemented in binary evolution codes

and their astrophysical implications should be thoroughly explored (i.e. models

in which the choice of the mass transfer efficiency and angular momentum loss

are determined by physically motivated processes, rather than assuming a constant

value throughout the entire mass exchange episode, as commonly assumed in rapid

population synthesis codes).

An additional, important recommendation, following from the results presented

in Chapter 2, is to improve the modelling of Case A mass transfer episodes for mas-

sive binaries and to investigate the long term evolution of systems experiencing such

mass transfer phases. In Chapter 2, we have shown that numerous defining features

in the demographics of merging binary black holes arise due to our predictions that

the majority of binaries, which experience Case A mass transfer episodes would

eventually merge. However, Case A mass transfer episodes in rapid population syn-

thesis codes are typically modelled in an extremely simplified way (including in this

thesis as well) and therefore, it is imperative to explore the role of this mass transfer
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mode in the context of GW astronomy with more realistic models.

In Chapter 3, I studied the evolution of massive stellar triples in which the inner

binaries consist of chemically homogeneously evolving stars (i.e. CHE stars). Earlier

studies showed that isolated binaries comprising CHE stars can form short orbit

binary black holes that merge due to GWs within the Hubble time and therefore,

these systems have been proposed as promising GW source progenitors. I show

that when such a binary system is part of a hierarchical triple, the presence of

the tertiary star is predicted to significantly influence the evolution of the inner

binary in various ways. It affects the demographics of GW sources originating from

these systems. Furthermore, it also leads to the formation of unique astrophysical

events, such as tertiary mass transfer (TMT) towards the inner binary consisting

of black holes or helium stars, or mergers of double helium stars driven by three-

body dynamics. In particular, I show that the relative rate of TMT episodes among

such triples is predicted to be remarkably high and therefore such mass transfer

episodes can play an important role in the formation of GW sources. This means

that TMT, a currently poorly understood process, needs to be studied in more

detail. In particular, hydrodynamical simulations of TMT episodes would deliver

very important insights for the field of GW astronomy. Finally, I note that the

triples studied in Chapter 3 can lead to the merger of massive, rapidly rotating

helium stars with non-negligible event rates. This could potentially provide a viable

formation path for ultra-long gamma ray bursts. The feasibility of this proposed

formation channel should be explored in a more detailed study.
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Appendix A

Appendix to Chapter 2

In this section, we briefly summarise how single massive stars evolve with our three

different stellar wind models (for description of these models, see section 2.3.7). Al-

though, the impact of stellar winds on single massive stars has already been studied

[see e.g. 26, 286], we give this summary so that the results of 2.5.1 and 2.5.2 can be

contrasted to the results from single stellar evolution.

In order to understand the importance of different stellar wind prescriptions,

we show where different stellar wind mechanisms dominate in the the Hertzsprung-

Russel diagram in Fig. A.1, along with the predicted mass loss rates throughout the

evolution of a few selected massive stars.

In Fig. A.2, we show the mass lost due to the different wind mechanisms as a

fraction of the initial mass for single stars at metallicities Z = 0.02 and Z = 0.005.

Up to MZAMS = 20M⊙, the mass of the remnant is almost completely determined

by the mass lost due to supernova and dust-driven winds. Above MZAMS = 40-

50M⊙, only a negligible amount of mass is lost during remnant formation as our

model [delayed model from 97] predicts direct collapse. This implies that no mass

192



Appendix to Chapter 2

Figure A.1: Hertzsprung-Russel diagrams for massive stars with the mass-loss rate
colour-coded in the tracks. The stars have MZAMS = 20, 30, 50, 60, 80, 100 M⊙.
Different shaded regions denote different stellar wind mechanisms operating on stars.
Within the ’Line-Driven’ range, the two dashed lines show where the first and the
second bi-stability jump occurs. Green figures indicate the starting points of different
stellar evolutionary phases; circle: main-sequence, triangle: hydrogen-shell burning
phase, hexagon: core helium burning phase, star: AGB, diamond: helium star,
cross: helium giant.
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Figure A.2: Fraction of mass lost due to different mass loss mechanisms during the
entire life of a non-interacting star at Z = 0.02 and Z = 0.005 as a function of
zero-age main sequence mass.
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is ejected in the process and the only mass loss is due to neutrino losses, which is

assumed to be 10 per cent of the proto-NS mass.

The mass loss due to line-driven winds during the main-sequence phase is sub-

stantially more significant for stars with initial masses above MZAMS = 40-50M⊙.

Furthermore, the stars in this mass range eventually cross the Humphreys-Davidson

limit, which leads to severe mass losses during the LBV phase. The masses of black

holes which form via direct collapse (i.e. from progenitors with MZAMS ≳ 40M⊙)

end up losing 20-40 per cent of their initial mass via line-driven winds during their

main sequence phase. This already indicates that lowering the optically thin line-

driven winds by a factor of three can have significant effect on the mass spectrum

of the most massive black holes.

In Fig. A.3, we show the mass spectrum of black holes formed from single

stars for a wide range of metallicities for Model I and Model II [for comparison see

26, 106]. Model II produces moderately more massive black holes in the mass range

40M⊙ ≲ MZAMS ≲ 70M⊙ compared to the standard wind model at metallicities

Z ≳ 0.005. However, above MZAMS ≳ 70M⊙, the differences become increasingly

more appreciable. In particular, the most massive star we simulated (MZAMS =

100M⊙) using Model I yields MBH ≈ 14M⊙ at solar metallicity. This increases

up to MBH ≈ 24M⊙ for the Model II. At Z = 0.01 black holes even as massive as

MBH ≳ 30M⊙ are formed in Model II. Since the initial masses of massive stars follow

a distribution of N ∼ M−2.3
ZAMS ([176]), we therefore expect that only the high mass

tail of the black hole mass distribution would be affected significantly when scaling

down optically thin line driven stellar winds. Below Z ≈ 0.002, the differences

between the two stellar wind models become negligible.
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Figure A.3: Zero age main sequence mass and remnant mass functions for different
metallicities for single stellar evolution. We assume that black hole formation occurs
above MZAMS = 20M⊙.
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A.1 Merger rate density in the local universe

The merger rate density is an important characteristics of a synthetic population of

GW sources, as it allows comparison to the catalogue of gravitational wave (GW)

source detections made by LIGO and Virgo [e.g. 6]. We calculate the merger rate

density in the local universe (i.e. z ≈ 0) for all of our model variations presented

in section 2.4. In order to determine this quantity, we follow a formalism similar to

the one outlined in [70].

First, we define the merger efficiency as the number of mergers originating from

a black hole binary with masses MBH,1 and MBH,2 at metallicity Z as the fraction

of the full parameter space (i.e as the fraction of all the stars born, assuming the

initial conditions introduced in subsection 2.3.8):

ϵmer(MBH,1,MBH,2, Z) = fpm · Nmerger

Nsimulated

, (A.1)

where Nmerger is the number of mergers originating from a BH binary with given

masses at a given metallicity, Nsimulated is the number of sampled systems in our

simulation and fpm is the simulated parameter space as a fraction of the complete

parameter space. We determine the latter as:

fpm = fbin ·
∫ 104 R⊙

1R⊙

fa(a)da ·
∫ 1

0.1

fq(q)dq ·
∫ 100M⊙

20M⊙

NIMF(M)dM, (A.2)

here NIMF is the normalised initial mass function of [176], and has been normalised in

an interval of 0.08M⊙-100M⊙, fq is the normalised mass ratio distribution, which

has been normalised in the interval of 0-1, and fa is the normalised semimajor

axis distribution, which has been normalised between 10-106R⊙, fbin is the binary

fraction, which we assume to be 0.7, following [303].
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The merger efficiency can be converted to a merger rate density by assuming a

metallicity specific star formation density model SFRd∗(Z, z):

dN

dV dzdt
=

∫∫∫∫
SFRd∗(Z, zZAMS)

M̃
· ϵmerdZdMBH,1dMBH,2dtd, (A.3)

where td is the so-called delay time, which is the time between the zero-age main

sequence of the stars in the binary and the time of the merger due to GWs, zZAMS

is the redshift at zero-age main sequence and it is a function of the time delay, M̃

is the average mass of all stellar systems born, such that SFRd(Z, z)∗/M̃ gives the

average number of stars born at redshift z and in the metallicity bin centred around

Z.

Delay time can be directly obtained from the population synthesis simulations.

In order to determine zZAMS for a given z and delay time, we use the relationship

for lookback time:

td =
1

H0

∫ zZAMS

z

dz′

(1 + z′)E(z′)
dz′, (A.4)

where E(z) =
√

Ωm(1 + z)3 + Ωλ, with ΩM = 0.3, Ωλ = 0.7 andH0 = 70kms−1Mpc−1.

The star formation rate density in a metallicity bin centered at Z with a width

of 2∆Z is
∫ Zmax

Zmin
SFRd(z) · fmet(Z, z)dZ, where Zmin and Zmax are the minimum and

the maximum metallicity values as defined by 2∆Z. Here fmet(Z, z) gives the dis-

tribution of metallicities of binaries at redshift z as:

fmet(Z, z) =
1

σ
√
2π

exp

(
(log10(Z)− µ(z))2

2σ2

)
, (A.5)

where σ = 0.5 and the mean metallicity varies with redshift as given by [206]:

µ(z) = log10(Z⊙ · 100.153−0.074z1.34)− 0.5ln(10)σ2, (A.6)
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Table A.1: Conversion between the mass transfer stability criteria for giants and the
critical mass ratio (qcrit = Md/Ma) for different assumptions on the mass transfer
efficiency and the angular momentum loss mode during the mass transfer phase.
The last column reflects a binary with a black hole accretor whose mass accretion is
Eddington-limited and the expelled mass having the specific angular momentum of
the accretor. Donors with radiative envelopes are characterised by ζad,rad, whereas
donors with convective envelopes are described by ζHW. For the latter, we assume
a core mass to total mass ratio of 0.45-0.63, which we find is typical for giants at
log(Teff) ≈ 3.73K with initial masses MZAMS = 50 - 100M⊙ with a metallicity
independent LBV mass loss rate of ṀLBV = 1.5 · 10−4M⊙yr

−1.

Mass transfer stability criteria Angular momentum loss
γ = 2.5 γ = 1.0 γ = Md/Ma

Mass transfer efficiency
β = 0.3 β = 0.7 β = 0.3 β = 0.7 Eddington limited accretion

qcrit with ζad,rad = 4 3.8 2.9 6.2 3.4 3.2
qcrit with ζad,rad = 7.5 8.7 5.2 11.6 5.7 5.5
qcrit with ζad = ζHW 0.9− 0.7 0.9− 1.1 1.5− 1.9 1.1− 1.4 1.4− 1.7

where we took Z⊙ = 0.02. Furthermore, the star formation rate density SFRd(z) is

given by [205]:

SFRd(z) =
0.01 · (1 + z)2.6

1 + ((1 + z)/3.2)6.2
M⊙yr

−1Mpc−3. (A.7)

We note again that the metallicity specific cosmic star formation rate is very uncer-

tain and this uncertainty has an important impact on the predicted merging binary

black hole population [see e.g. 56, 342, 41, 53]

A.2 The effect of the first phase of mass transfer

In this subsection, we discuss in detail how the first phase of mass transfer affects

the mass ratio and orbital separation distributions of binaries. In the following, we

restrict the discussion to sources with MZAMS,1 ≳ 45M⊙ at Z = 0.0007. We do this

so that the the impact of the first mass transfer can be more easily understood, since

at this metallicity the stellar winds are negligible and for this mass range the orbit

is not modified by any natal kicks. Therefore the impact of the first mass transfer
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can be more easily understood.. However, we note that results presented here are

still qualitatively true for all binaries.

In the next section, we present examples for Case B and Case C mass transfer

episodes. For this, we assume that the donor fills its Roche-lobe when it reaches the

midpoint of its Hertzsprung gap lifetime. As noted in subsection 2.3.1, the outcome

of Case B mass transfer epsidoe is not sensitivey dependent on when exactly the

Roche-lobe overflow occurs (or equivalently, on the initial orbital separation).

For the examples of Case C mass transfer episodes, we assume that the donor fills

its Roche-lobe when it reaches an effective temperature of log(Teff) = 3.73K. The

latter criteria does not strictly imply that the donor is in its core helium burning

phase. In particular, at Z = 0.0007, binaries with MZAMS,1 ≳ 90M⊙ are still in their

Hertzsprung gap phase at this effective temperature. Nevertheless, we still choose

this criteria, as we find that it is fairly typical for GW sources of the CEE channel

to initiate the first mass transfer phase at this stage. We also note, that outcome of

the Case C mass transfer phases is more sensitively dependent the initial separation

(see discussion 2.3.1).

The distribution of mass ratios and orbital separation of massive binaries at the

onset of the second phase of mass transfer are distinct for each formation channel.

Therefore, the distribution of these parameters helps us to understand the impor-

tance of each channel. The shape of this distribution is primarily determined by

the initial conditions and the first phase of mass transfer. The progenitors of each

sub-channel introduced in section 2.2.1 have the following range of mass ratios at

the onset of the second phase of mass transfer:

• cCEE channel: in this scenario the second phase of mass transfer is Case C,

unstable and the donor star has a deep convective envelope, i.e. qMT,2 > qcrit
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with ζad = ζHW

• rCEE channel: the second phase of mass transfer is Case C, unstable but the

donor star has a radiative envelope, i.e. qMT,2 > qcrit with ζad = ζad,rad.

• stable channel: The binary has a relatively short period (i.e. Case B first phase

of mass transfer). The binary has a relatively large qMT,2. The orbit only

then can shrink efficiently due to a stable mass transfer (see Equation 3.16).

This means there is a minimum value of qMT,2 associated with this channel

(for a given MZAMS,1). This value depends on γ and β and on the predicted

outcome Case A mass transfer episodes in a complicated way, but it is typically

qMT,2,min ≳ 2.2 for at Z≲0.005 (see Fig. A.7). Therefore: qMT,2,min < qMT,2 <

qcrit with ζad = ζad,rad.

We note that a stable phase of mass transfer does not typically change the orbit by

orders of magnitude. Therefore, the types of the first and the second phases of mass

transfers are the same in most cases. For example, most CEE sources have a Case

C first phase of mass transfer.

A.2.1 Effect on the mass ratio

In the left panel of Fig. A.4, we show the relation between the initial mass ratio

qZAMS ≡ MZAMS,2/MZAMS,1 and that at the onset of the second mass transfer phase

qMT,2 ≡ Md/Ma. This figure shows the effect of different mass transfer efficiencies

and different initial masses for Case B and Case C mass transfer types.

Fig. A.4 tells us what fraction of the binaries can potentially form sources of

each channel, and what their initial mass ratio range is. For example, as we will see,

GW sources of the stable channel typically require 2.2 ≲ qMT,2 ≤ qcrit. If β = 0.3,
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Figure A.4: the relationship between the initial mass ratio (qZAMS =
MZAMS,2/MZAMS,1) and the mass ratio at the onset of the second mass transfer phase
(qMT,2 = Md/Ma). We have neglected the effects of supernova but not the stellar
winds. We show these relations for different mass transfer types, mass transfer ef-
ficiencies and initial masses. For Case B, we assume that the mass transfer phase
starts at the half of the Hertzsprung gap phase lifetime of the donor. In the other
case, we assume that the mass transfer phase occurs just before when the donor
reaches an effective temperature of log10Teff = 3.73K. This coincides with the stage
where donors develop deep convective envelopes according to [150]. For the majority
of the binaries, this occurs with a core-helium burning donor (MZAMS,1 ≳ 90M⊙ at
Z = 0.0007). We chose this criteria, because we find that most of the GW sources
from the CEE channel roughly initiate their first mass transfer phase at this stage.
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Figure A.5: The relationship between the the initial mass ratio and the shift in
the orbital separation in log space for different different mass transfer types, mass
transfer efficiencies, angular momentum losses and initial masses. Here we have
always assume stable mass transfer phase regardless of the assumed ζad,rad. We have
neglected the effects of supernova but not the stellar winds. The upper horizontal,
dotted line shows qcrit = 3.2, which corresponds to the critical mass ratio for a mass
transfer phase with black hole accretor and giant donors with radiative envelopes
with ζad,rad = 4. The lower bottom line show the critical mass ratio when the donor
has a deep convective envelope. See Table A.1
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Figure A.6: The estimated maximum value of mass ratio at the onset of the second
mass transfer phase (qMT,2 = Md/Ma) that a system can reach with a given initial
primary mass, mass transfer efficiency and mass transfer phase type. The maximum
qMT,2 is achieved by binaries that have initially near equal masses. How exactly
we defined ’Case B’ and ’Case C’ mass transfer episode types are explained in the
caption of Fig. A.4.
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we expect the most massive sources of the stable channel to evolve from binaries

with qZAMS ≳ 0.8. On the other hand, the formation via the rCEE channel, which

requires qMT,2 > qcrit, is not possible at all with mass transfer efficiencies as low as

β = 0.3. Even if β = 0.7, the formation becomes only possible if qZAMS ≳ 0.85 and

MZAMS,1 ≳ 60M⊙.

We can see that the curves for Case C mass transfer episodes do not have a

simple linear relationship, as is the case for Case B. Instead a dip can be observed

in the curves at a given range of initial mass ratio. The position of this dip shifts

to lower values with increasing mass. This is due to the effect of LBV mass loss.

The dip occurs at the lowest initial mass ratio at which the secondary star is still

massive enough after the first mass transfer phase, such that it evolves beyond the

Humphreys-Davidson limit and eventually loses a significant fraction of its envelope

before the onset of the second phase of the mass transfer. At the same time, the

mass of the accretor black hole at the second mass transfer phase (formed by the

initial primary star) is not significantly affected by LBV winds. This implies that the

range of distribution of qMT,2 of binaries with a Case C first phase of mass transfer

are narrowed down by the LBV winds.

The maximum qMT,2 that can be reached by binaries at Z = 0.0007 is shown in

Fig. A.6. The maximum qMT,2 is given as a function of MZAMS,1 for a given mass

transfer efficiency and mass transfer type. The maximum occurs for near equal mass

binaries. We expect the results to depend only weakly on the metallicity as long as

Z ≲ 0.002, because the MZAMS −MBH relation does not significantly change at this

metallicity range (see discussion later in section 2.5).

We can use Fig. A.6 to asses the importance of ζad,rad. A higher ζad,rad implies

a higher critical mass ratio and thereby increases the parameter space for stable

mass transfer phase. The degree of orbital shrinkage during stable phase of mass
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transfer with a black hole accretor increases exponentially with increasing mass ratio

(Equation 3.16). Hence, we may expect that the merger rate of the stable channel

could increase significantly with increasing ζad,rad. However, we also have to take

into account the limit on the maximum mass ratio at the onset of the second phase

of mass transfer. This value is determined by β and the MZAMS − MBH relation.

The maximum mass ratio of binaries with Case B mass transfer phase is below 3.2,

if MZAMS,1 ≳ 60M⊙ and β = 0.3. Therefore, in our low mass transfer efficiency

models, increasing ζad,rad from 4 to 7.5 only affects the evolution of binaries with

MZAMS,1 ≲ 60M⊙ .

Fig. A.6 also shows the importance of the mass transfer efficiency on the rCEE

channel. We find that with low accretion efficiencies, the formation of GW sources

via the rCEE channel is not possible for almost the entire mass range. This can be

seen from Fig. A.6 as the curve for Case C mass transfer for β ≤ 0.3 and ζad,rad = 4

is below the critical mass ratio for MZAMS,1 ≳ 40M⊙. If ζad,rad is increased up to

7.5, then the formation of such systems become impossible even with larger mass

transfer efficiencies.

A.2.2 The effect on the orbital separations

The relationship between the initial orbital separation and the orbital separation at

the onset of the second phase of mass transfer (aMT,2) can be approximated as:

aMT,2

ainit
= fwind,post−MT,1 · fMT,1 · fwind,pre−MT,1, (A.8)

if the effects of supernova are negligible. Here, fwind,post−MT,1 and fwind,pre−MT,1

describes by what factor the orbit widens due to stellar winds from the birth of

the binary until the onset of the first mass transfer phase and from the end of
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the first mass transfer phase until the onset of the second mass transfer phase,

respectively. These changes in orbit are described by Equation 1.30. The terms

fwind,post−MT,1 and fwind,pre−MT,1 are negligible for binaries evolving through Case

B mass transfer at metallicities Z ≲ 0.005. On the other hand, if the first mass

transfer phase is a Case C, then LBV winds contribute to the widening of the

orbit appreciably at all metallicities. The term fMT,1 is the change in the orbit

during the first mass transfer phase. In principle, these are due to the combined

effects of stellar winds and the mass transfer phase itself. However, the effects of

the former are typically negligible especially if the mass transfer episode proceeds

on thermal timescale. The change in the orbit due to the mass transfer episode is

determined by Equation 1.15. In all cases, fMT,1 is the dominant term, i.e. |fMT,1| ≫

max(|fwind,post−MT,1|, |fwind,pre−MT,1|).

In the right panel of Fig. A.4, we show log(aMT,2/ainitial) as a function of qZAMS for

several model variants and for both Case B and Case C mass transfer types. We see

that for Case B mass transfer phase, the change in the orbital separation is mostly

determined by the mass ratio of the system, and it is only very weakly independent

of the masses of the binary. The latter no longer holds if the first mass transfer

phase is a Case C. Here the mass of the initially primary star does affect the amount

of orbital widening. There is an upward shift in the curves of log(a2ndMT/ainitial) for

donor stars with strong LBV winds. This effect is reduced for more massive donor

stars, as the amount of mass lost due to LBV winds before the onset of the second

mass transfer phase (at logTeff = 3.73K) decreases with increasing initial mass.

In general, the orbital separations of systems with low initial mass ratios shrink,

whereas the opposite is true for binaries with mass ratios close to one. This is also

clear from Equation 1.15, which shows that as long as Md > Ma the separation of

the system decreases during the mass transfer phase. Where the turnover occurs

between widening and shrinking, however, is dependent on the assumed angular
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momentum loss mode γ and accretion efficiency β. As we increase β, the effect of

the first mass transfer phase starts to converge to the fully conservative case, and

therefore the difference between the angular momentum loss becomes less important.

In the context of GW sources, there is an important point to make regarding

the stable channel. In the initial mass ratio range, where we expect the GW sources

of stable channel to originate from (i.e. from relatively similar initial masses), the

model with γ = 2.5 and β = 0.3 shows only an insignificant change in the orbit. The

largest widening occurs in models with γ = 1. This shows why the stable channel is

the most efficient in the γ = 2.5 and β = 0.3 model, and why it is typically inefficient

with γ = 1.

A.2.3 Case A mass transfer episode

The outcome of a Case A mass transfer phase is much more sensitively dependent

on the initial separation and the mass ratio than that of the previously discussed

mass transfer types (see also subsection 2.3.5). This means that it is challenging to

show simple relations for these kind of systems as we did in Fig. A.4 and A.6 for

Case B and Case C.

To demonstrate typical outcomes of Case A mass transfer phases, we show the

evolution of a few selected binaries until the second mass transfer phase as simulated

by SeBa in Fig. A.8. These results show two important characteristics of systems

evolving through a first phase of Case A mass transfer. Firstly, they develop qMT,2

that are significantly larger than that of their Case B counterparts. These mass ratios

are often above qcrit. Secondly, if they survive the Case A mass transfer phase, their

orbit widens more compared to systems with Case B mass transfers. These two

points imply that the majority of these systems initiate an unstable second phase of
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mass transfer with an HG donor, which results in stellar merger. All of the systems

shown in Fig. A.8 would indeed merge with ζad,rad = 4, while one of them would

merge with ζad,rad = 7.5 as a result of the second mass transfer phase. We, however,

stress again that such results from rapid population synthesis codes following the

stellar tracks of [138] should be treated with caution. These stellar tracks do not

track the developing helium core during main sequence and consequently the mass of

the stripped donor after the Case A mass transfer might be severely underestimated.

A.3 Evolution of massive binaries with different stellar

wind models

Here, we discuss the evolution of the systems, which form merging binary black holes

with the most massive black hole binary in each of our stellar wind models. In order

to gain a more detailed understanding of the combined effect of ζad,rad and different

stellar wind models, we show the typical formation histories of sources with the most

massive primary black holes for each of our stellar wind models in the Appendix in

Fig. A.9,. In these scenarios, we assume γ = 2.5, β = 0.3 and ζad,rad = 7.5. Fig. A.9

shows that the formation path of the most massive sources in Model I and Model

II are fairly similar. The evolution starts out with an almost equal mass binary, as

this leads to the highest mass ratios at the onset of the second mass transfer phase.

On the other hand, the minimum initial separation (so that the first mass transfer

is Case B) of such sources is different. Decreasing the optically thin stellar winds

by a factor of three increases the radii of stars at the end of the main sequence. In

particular, at Z = 0.01, for MZAMS = 100M⊙, RTAMS can increase from 83.2R⊙ to

110R⊙ when switching from Model I to Model II. Therefore, binaries of Model II

need to start out with a higher initial separation, because of their larger RTAMS. It
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Figure A.7: We show the density contours of BH-star binaries, at the onset of the
second phase of mass transfer in the mass ratio - orbital separation space for four
different model variations. Contours with blue colour denote binaries for which the
first phase of mass transfer is either Case B or Case C, while contours with green
colour show systems for which this is Case A. See text for more information
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is also confirmed, that these sources indeed require large mass ratios of q ∼ 4− 5 at

the onset of the second mass transfer. The formation of such systems is not possible

in the ζad,rad = 4 model as they would undergo unstable mass transfer and would

merge during CEE. We note that primary masses of ∼ 16− 18M⊙ for Model I with

ζad,rad = 4 can still be seen in Fig. 2.8, however these systems have secondary black

hole masses M2 ∼ 5−7M⊙. The formation of such systems is possible because they

start out with a high initial mass ratio and therefore the orbit significantly shrinks

after the first mass transfer (even if γ = 1).

Binaries with initial parameters as shown for Model II in Fig. A.9 do not form

GW sources in Model III. The evolutionary path of such a binary would be exactly

the same as for Model II until the formation of the first naked helium star. However,

because of the decreased Wolf-Rayet-like mass loss rates, the initial primary star

forms a 28.0 M⊙ black hole. The intially secondary star becomes a 93.5 M⊙ massive

HG giant at the start of the second mass transfer. The mass ratio of 3.3 is not

sufficiently high enough to shrink the orbital separation (∼ 420R⊙) enough so that

the 28.0M⊙ - 30.5M⊙ BH-BH would merge within Hubble time.

Instead, the sources with the most massive primaries in Model III form with

similar initial masses as in Model II but at shorter orbital separations (a ∼ 180 −

200R⊙). At such a separation the first mass transfer occurs with a MS donor. As

explained earlier, this halts the growth of the helium core. It is predicted that

the mass transfer episode proceeds while the donor eventually evolves off the main

sequence and it finally ends with the HG donor losing its hydrogen envelope, leaving

behind a 26.8M⊙ massive naked helium star. With the lowered Wolf-Rayet-like

winds, this collapses into a 19.8M⊙ black hole. At the beginning of the second mass

transfer, the donor star is a 96.3M⊙ HG giant. The mass ratio ∼ 4.9 is high enough

to shrink the orbital separation (a ∼ 370.8R⊙) significantly. The same system in

Model II would have a larger mass ratio because of the lower mass of the black
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Figure A.8: A summary of the evolution of a few selected binaries going through
Case A mass transfer phases compared with a binary evolving through a Case B
mass transfer episode. We assume γ = 1 and β = 0.3. We only show the evolution
until the initial secondary fills its Roche-lobe The numbers denoting the evolutionary
stage are the same as shown in Fig. 2.1. Therefore Stage 1 refers to the binary at
its birth, Stage 2 is at the end of the second mass transfer phase and Stage 3 is just
before the second mass transfer episode. We note that for Case A binaries the first
mass transfer phase is interrupted at the end of the main sequence of the donor, as
its radius starts shrinking. Shortly after, the radius starts to expand rapidly again
with the beginning of the Hertzsprung gap phase and therefore refills its Roche-lobe.
This second stage ends with the donor losing its hydrogen envelope. For Case A
binaries stage 3 refers to stage when the donor becomes a stripped helium star.

hole (M1 ≈ 14.9M⊙) and the mass transfer would become unstable, which results

in a stellar merger. As systems with such high masses always require mass ratios

qMT,2 > 4, it is clear why there is such a huge difference in the maximum masses of

merging binary black holes between ζad,rad = 4 and ζad,rad = 7.5 for Model III.
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Figure A.9: Typical formation histories of merging binary black holes with the most
massive primary black holes according to our three different stellar wind models.
For brevity, we only show a few stages of the most important steps in the evolution
of these systems. The stage numbers correspond to the evolutionary stages as shown
in Fig. 2.1. For all the sources here, we assume γ = 2.5, β = 0.3 and ζad,rad = 7.5.
The asterisk for Stage 2 for Model III means that the first mass transfer phase is
Case A
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Figure A.11: Merger rate efficiencies of merging binary black holes our different
model variations as a function of metallicity. We consider those systems merging
binary black holes, for which the time between zero-age main sequence and merger
due to GWs is equal or less than the 14 Gyr. Merger rate efficiency is defined in
Equation A.1.
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Figure A.12: The percentage of the binaries in the stable channel, in which any of the
stars evolves beyond the Humprheys-Davidson limit for all of our model variations at
each metallicity. See Table 2.3 for the meaning of the labels of the model variations.
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Figure A.13: The estimated total mass lost due to LBV winds with ˙MLBV =
103M⊙yr

−1 of those stars in the systems of the stable channel sources, which cross
eventually the Humprheys-Davidson limit in the γ = 2.5, β = 0.3, ζad,rad = 4, TeffIT
model variation.
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A.4 Additional figures

In this subsection, we present additional figures that are helpful (but not necessary)

to understand the main results of this work. In Fig. A.7 , We show the density

contours of BH-star binaries, at the onset of the second phase of mass transfer in

the mass ratio - orbital separation space for four different model variations. Contours

with blue colour denote binaries for which the first phase of mass transfer is either

Case B or Case C, while contours with green colour show systems for which this

is Case A. In this figure, we limit our population to systems for which the initial

primary star had a mass of MZAMS,1 = 90M⊙. The metallicity is Z = 0.0007

and the convective envelope prescription is of [150]. The aGW,final line shows the

separation that binaries have by the time they form BH-BH binaries, if they were

to merge due to GW just within Hubble time. For this, we estimate the remnant

mass of the donor assuming that the second phase of mass transfer takes place at

the midpoint of the hydrogen shell burning phase. The aGW,MT,2 line indicates the

separation that the same binaries have at the onset of the second phase of mass

transfer. We assume stable mass transfer (i.e. Equation 3.16) and we neglect the

effect of supernova kick on the orbit. The aTAMS,2 line indicates the orbital separation

at which the second phase of mass transfer occurs when the donor just evolved off

the main sequence. The aTAHG,2 is the orbital separation at which the second mass

transfer phase occurs with a donor, which just evolved off the Hertzsprung gap

phase, while aconv,2 is the orbital separation at which the donor fills its Roche lobe

just before it develops a deep convective envelope. Furthermore we also show 2D

histograms of the GW sources; CEE channel (dark red), stable channel with Case

B second mass transfer phase (orange), stable channel with Case A second mass

transfer phase (blue). These histograms have been normalised to one. In Fig. A.10,

we compare the primary BH mass distributions of our models (shown in Table 2.3)

with the inferred distribution of the GWTC-3 catalog [9]. We represent the inferred
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distribution with the ”Power Law + Peak”model (see e.g. equation B4 in [9]). The

values of the model parameters are: α = −3.5, mmin = 4.6M⊙, mmax = 86M⊙,

λpeak = 0.038, µm = 34M⊙, σm = 5.7M⊙, δm = 4.82M⊙. For simplicity, we

ignored uncertainties. We normalised the distribution to the inferred merger rate

density of BH-BH mergers; RGWTC3 = 28.3Gpc−3yr−1. While the upper end of the

inferred distribution reaches MBH,1 = 86M⊙, the maximum BH mass of our model

variations is only MBH,1 = 42M⊙, since we do not sample stars more massive than

MZAMS = 100M⊙. To make the comparison easier, we only show the figures up to

MBH,1 = 60,M⊙ . None of our models can reproduce the peak at 34M⊙. If this

feature is indeed related to (pulsational) pair instability supernova [PPISN 88, 218],

then this is not surprising . Firstly, we do not model PPISN in this study. Secondly,

since we do not consider stars with MZAMS > 100M⊙, our PPISN rate would be

negligible in any case. All of our models, except M9-M10, yield distributions that

are broadly similar to the power-law component of the inferred distribution. M9-

M10 exhibit much steeper decrease at MBH,1 ≳ 20M⊙. Models M5-M16 have a peak

around MBH,1 ≈ 10M⊙, similarly to the inferred distribution. On the other hand,for

models M1-M4, this peak occurs at somewhat higher masses (MBH,1 ≈ 15-20M⊙),

which is not supported by observations.

In Fig. A.11, we show the merging efficiency of each of our model variations

(with standard stellar wind models) at each simulated metallicity. In Figure A.12,

we show the number of binaries of the stable channel in which any of the stars

cross the Humphreys-Davidson limit, expressed as a fraction of all systems in the

stable channel. In Figure A.13, we show the estimated total mass lost due to LBV

winds with a mass loss rate of ˙MLBV = 103M⊙yr
−1 of those stars in the systems of

the stable channel sources, which cross eventually the Humprheys-Davidson limit

in the γ = 2.5, β = 0.3, ζad,rad = 4, TeffIT model variation. In Fig. A.7, we show

density contours, which reflect the mass ratios and orbital separations of binaries at
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the onset of the second phase of mass transfer. These binaries were simulated with

SeBa at a metallicity Z = 0.0007. In Fig. A.7, we limit the initial primary mass

to MZAMS,1 = 90M⊙. We show four model variations with different assumptions

on γ and β. At this stage, the initial primary star has already formed a black

hole. If the first phase of mass transfer is Case B, then the mass of the black hole is

MBH,1 = 35.44M⊙. We distinguish binaries for which the first phase of mass transfer

is Case A (shown by the green contour, hereafter ‘Case A binaries’) and for which

it is Case B or Case C (shown by the blue contour, hereafter ‘Case B binaries’ and

‘Case C binaries’, respectively). We also show the progenitors of GW sources as

2D histograms over the contours. We distinguish three types: CEE channel, stable

channel with Case B binaries (‘stable Case B’, hereafter) and stable channel with

Case A binaries (‘stable Case A’).
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Appendix to Chapter 3

B.1 Additional figures

In this section, we present the low metallicity model (i.e. Z = 0.0005) counterparts

of some of the figures presented in the main text. In Fig. 3.4, we show the mass

ratios at the onset of TMT and the amount of (relative) mass transferred towards

the inner binary. In Fig. B.2, we show the cumulative distribution of eccentricities

for CHE triples that experience TMT at the onset of the mass transfer phase. In B.3,

we show the M2,ZAMS distribution of TMT sources, distinguishing them based on the

evolutionary phase of the inner binary. In Fig. B.4 we show the distribution of initial

inner pericenters of CHE triples, distinguishing systems based on the maxium inner

eccentricity reached during evolution (left panel), and the based on the evolutionary

channel (right panel). In Fig B.5, we show the outer pericentre before and after

the TMT episode for systems with MS-MS inner binaries (upper panel) and BH-BH

inner binaries (lower panel) at the onset of the mass transfer phase.
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Figure B.1: The same figure as Fig. 3.4 but for our model at Z = 0.0005.
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Figure B.3: The same as Fig. 3.7 but for our model at Z = 0.0005
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Figure B.4: The same as Fig. 3.8 but at Z = 0.0005
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calculated with equation 3.16 at Z = 0.0005.
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B.2 Calculation of birth and event rates

Throughout the paper, we estimate the:

1. Formation efficiency (equation B.1)

2. Birth rate density (equation B.8)

3. Merger rate density (equation B.15)

for each identified evolutionary channels. In this section, we discuss in detail how

we determine these quantities.

(i) Formation efficiency: The formation efficiency expresses the number of ZAMS

stellar systems formed that will evolve according to a specific evolutionary channel

as a fraction of all ZAMS stellar systems formed. We calculate this quantity as:

ϵformation = fpm · Nchannel

Nsimulated

, (B.1)

where Nchannel is the number simulated systems that evolves according to the channel

of interest, Nsimulated the total number of sampled systems, and fpm is the portion of

the simulated parameter space with respect to the complete parameter space, that

is:

fpm = ftriple · fM1,ZAMS
· fq,in · fq,out · fa,in · fa,out, (B.2)

where ftriple is the assumed triple fraction, fM1,ZAMS
is the fraction of the simulated

parameter space of primary masses:

fM1,ZAMS
=

∫ 100M⊙
20M⊙

M−2.3
1,ZAMSdm∫ 0.5M⊙

0.08M⊙
M−1.3

1,ZAMSdm+
∫ 100M⊙
0.5M⊙

M−2.3
1,ZAMSdm

, (B.3)
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where we assumed that the absolute minimum stellar mass is MZAMS,min = 0.08M⊙

and the absolute maximum stellar mass is MZAMS,max = 100M⊙, and as explained

in section 3.3.6, we sample primary masses in the range of 20-100M⊙. The fraction

of the simulated parameter space of inner mass ratios is:

fq,in =
1.0− 0.7

1.0− 0.0
, (B.4)

since the distribution of (inner and outer) mass ratios is assumed to be uniform.

In equation B.4, we assume that inner mass ratios of hierarchical triples have an

interval of (0,1] and we sample from the interval of [0.7,1]. The fraction of the

simulated parameter space of outer mass ratios is

fq,out =
1.0− 0.1

1.0− 0.0
, (B.5)

where we assume that outer mass ratios triples have an interval of (0,1] and we

sample from the interval of [0.1,1]. The fraction of the simulated parameter space

of inner semimajor axis is:

fa,in =
log10(40R⊙)− log10(14R⊙)

log10(10
5R⊙)− log10(14R⊙)

, (B.6)

since the distribution of (inner and outer) semimajor axis is assumed to be uniform

in a logarithmic space. We assume that inner mass semimajor axes of all triples

range from 14R⊙ to 105R⊙ and we sample from the interval of [14,40] R⊙. Finally,

the fraction of the simulated parameter space of outer semimajor axis is:

fa,out =
log10(10

5R⊙)− log10(10
2R⊙)

log10(10
5R⊙)− log10(10

2R⊙)
, (B.7)

where we assume that inner mass semimajor axes of all triples range from 102R⊙ to

105R⊙ and we sample from the enitre interval. Equation B.2 for channels involving

226



B.2. Calculation of birth and event rates

isolated binaries reduces to fpm = fbinary · fM1,ZAMS
· fq,in · fa,in.

ii) Birth rate density: The birth rate density gives the number density of ZAMS

stellar systems in the local universe (that is at redshift z ≈ 0), which will evolve

according to a specific channel. We calculate the birth rate of systems in a certain

channel as:

Rbirth =
∑
Zi

SFRd∗(Zi, zZAMS = 0)

M̃
· ϵformation, (B.8)

where we sum over the two metallicity values, at which we performed our simulations;

Z = 0.005 and Z = 0.0005. SFRd∗(Z, z) is defined as the metallicity-specific star

formation rate density, and it gives the stellar mass formed within a metallicity

range Zlow ≤ Z ≤ Zhigh at redshift z:

SFRd∗(Z, z) =

∫ Zhigh

Zlow

fmet(Z, z)SFRd(z)dZ, (B.9)

where Zlow and Zhigh are 0.0015 (10
−10) and 0.01 (0.0015), respectively, for our model

with Z = 0.005 (Z = 0.0005). Here, Z = 0.0015 is the midpoint between Z = 0.005

and Z = 0.0005 in logarithmic space, Z = 0.01 is the highest metallicity at which

CHE binaries can still form GW sources at appreciable numbers and Z = 10−10 is

an arbitrarily chosen, extremely low metallicity value. In equation B.9, SFRd(z) is

the star formation rate density, and we use the model from [205]:

SFRd(z) =
0.01 · (1 + z)2.6

1 + ((1 + z)/3.2)6.2
M⊙yr

−1Mpc−3, (B.10)

and fmet(Z, z) is the metallicity distribution of the stellar mass formed. This quantity

is also redshift dependent and assumed to follow a log-normal distribution [206]:

fmet(Z, z) =
1

σ
√
2π

exp

(
(log10(Z)− µ(z))2

2σ2

)
, (B.11)
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with a standard deviation of σ = 0.5 and with a redshift-dependent mean metallicity

µ(z) = log10(Z⊙ · 100.153−0.074z1.34) − 0.5ln(10)σ2. Finally, the term M̃ in equation

B.8 is the average mass of all stellar systems and we calculate this as:

M̃ = fsingle · M̃1,ZAMS+

fbinary ·
∫ 1

0

(1 + qin)M̃1,ZAMSdqin+

ftriple ·
∫ 1

0

∫ 1

0

(1 + qin)(1 + qout)M̃1,ZAMSdqindqout,

(B.12)

where we have defined M̃1,ZAMS, as the average mass of the primary, i.e.:

M̃1,ZAMS =

∫ 100M⊙

0.08M⊙

M1,ZAMSfIMFdM1,ZAMS (B.13)

where fIMF is the normalised, piecewise continuous initial mass function of [176],

fsingle and fbinary are the single and binary fractions, respectively. We neglect higher

order systems, such that ftriple = 1− fsingle − fbinary.

We note that we also assume that the binary and triple fractions are independent

on the primary mass of the system [which is clearly not consistent with observations,

see e.g. 235, but commonly assumed in population synthesis studies as a simplifica-

tion]. Assuming a flat mass ratio distributions for both the inner and outer binary,

equation B.12 becomes:

M̃ =

(
fsingle +

3

2
fbinary +

9

4
· ftriple

)
· M̃1,ZAMS, (B.14)

The term SFRd∗(Zi, zZAMS = 0)/M̃ in equation B.8 then gives the average number

of stars formed at redshift z = 0 in a metallicity range of Zi,low ≤ Z ≤ Zi,high.

Multiplying this term with ϵformation gives the number of systems formed in a given

formation channel as a fraction of all systems formed in the above mentioned metal-

licity range for a given star formation history model. Summing these values over all
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of our metallicity bins therefore yields the total birth rate of systems in a specific

channel.

iii) Merger rate density: The merger rate density gives the rate density of a given

astrophysical event (such as GW transients from coalescing double compact objects)

in the local universe. The main difference between the birth and merger rate is due

to the considerable delay time between the formation of the stellar system and the

occurrence of the GW merger. For example, if the delay time for a GW source at

z = 0 is tdelay = 10.5 Gyrs, then the redshift at ZAMS of its progenitor systems is

zZAMS ≈ 2, at which the star formation rate density is an order of magnitude higher

with respect to its value at z = 0 [e.g. see models of 205]. We determine the merger

rate density at z = 0 as:

Revent =
∑
Zi

∫ 13.5Gyr

0Gyr

SFRd∗(Zi, zZAMS(tdelay))

M̃
· ϵ̃(tdelay)dtdelay, (B.15)

where zZAMS is the redshift at which the progenitor of a given astrophysical event is

formed (and therefore it is a function of delay time), ϵ̃ is the number of astrophysical

events occurring at z = 0 with a delay time of tdelay as a fraction of all ZAMS stellar

systems formed at z = zZAMS. We determine zZAMS for a given delay time via the

standard relation for lookback time:

tdelay =
1

H0

∫ zZAMS

z=0

dz′

(1 + z′)E(z′)
dz′, (B.16)

where E(z) =
√

Ωm(1 + z)3 + Ωλ, with ΩM = 0.3, Ωλ = 0.7 andH0 = 70kms−1Mpc−1.

We note that our merger rate density should be only considered as an order of

magnitude estimate at best. This imprecision is due to several uncertainties in stel-

lar physics and, notably, the limited density of our metallicity grid. We performed

simulations only at two metallicities to determine the merger rate density. How-
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ever, the formation efficiency and delay times of GW sources originating from CHE

systems is expected to be sensitively dependent on metallicity.

In particular, we overestimate the delay times for GW sources formed at 0.001 <

Z ≤ 0.005, which in turn leads to an overestimation of the merger rate density at

z = 0. This is because, we represent all systems formed in this metallicity range

with our models at Z = 0.005, at which the stellar winds are stronger and therefore

lead to wider BH-BH binaries. The longer time delays imply that GW sources

merging at z = 0 are predicted to have formed at a larger redshift, at which the star

formation rate is higher. In particular, [205] predicts that the cosmic star formation

rate montonically increases up to z ∼ 2. This could also explain why our merger

rate is a factor of two higher than predicted by [292]. Similarly, we underestimate

the delay times for GW sources formed at 0.0005 < Z ≤ 0.001, and therefore we

might underestimate the merger rate densities for such systems. In particular, this

could mean that the merger rate density of the TMT with a MS-MS accretor channel

(discussed in section 3.6.5) could be significantly higher than predicted (shown in

Table 3.3).
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[197] Liu B., Muñoz D. J., Lai D., 2015, Monthly Notices of the Royal Astronomical

Society, 447, 747

[198] Livio M., Soker N., 1988, Astrophysical Journal, 329, 764

[199] Loveridge A. J., van der Sluys M. V., Kalogera V., 2011, The Astrophysical

Journal, 743, 49

244

https://ui.adsabs.harvard.edu/abs/2022arXiv221100028L
http://dx.doi.org/10.1086/165894
https://ui.adsabs.harvard.edu/abs/1988ApJ...324..279L
https://ui.adsabs.harvard.edu/abs/1988ApJ...324..279L
http://dx.doi.org/10.1146/annurev-astro-081811-125534
https://ui.adsabs.harvard.edu/abs/1995A&A...295..685L
https://ui.adsabs.harvard.edu/abs/1983A&A...126..207L
https://ui.adsabs.harvard.edu/abs/1983A&A...126..207L
https://ui.adsabs.harvard.edu/abs/1985A&A...145..179L
https://ui.adsabs.harvard.edu/abs/1985A&A...145..179L
http://dx.doi.org/10.1051/0004-6361/201937375
http://dx.doi.org/10.1051/0004-6361/201937300
http://dx.doi.org/10.1051/0004-6361/201937300
https://ui.adsabs.harvard.edu/abs/2020A&A...637A...6L
http://dx.doi.org/10.1093/mnras/staa1670
http://dx.doi.org/10.1093/mnras/staa1670
https://ui.adsabs.harvard.edu/abs/2020MNRAS.496.1819L
http://dx.doi.org/10.1086/172089
https://ui.adsabs.harvard.edu/abs/1992ApJ...401..596L
http://dx.doi.org/10.1016/0032-0633(62)90129-0
https://ui.adsabs.harvard.edu/abs/1962P&SS....9..719L
http://dx.doi.org/10.1088/0004-637X/742/2/94
https://ui.adsabs.harvard.edu/abs/2011ApJ...742...94L
http://dx.doi.org/10.1093/mnras/stu2396
http://dx.doi.org/10.1093/mnras/stu2396
https://ui.adsabs.harvard.edu/abs/2015MNRAS.447..747L
http://dx.doi.org/10.1086/166419
https://ui.adsabs.harvard.edu/abs/1988ApJ...329..764L
http://dx.doi.org/10.1088/0004-637x/743/1/49
http://dx.doi.org/10.1088/0004-637x/743/1/49


Bibliography

[200] Lower M. E., Thrane E., Lasky P. D., Smith R., 2018, Physical Review D, 98,

083028

[201] Lubow S. H., Shu F. H., 1975a, Astrophysical Journal, 198, 383

[202] Lubow S. H., Shu F. H., 1975b, Astrophysical Journal, 198, 383

[203] Lurie J. C., et al., 2017, Astronomical Journal, 154, 250

[204] MacLeod M., Antoni A., Murguia-Berthier A., Macias P., Ramirez-Ruiz E.,

2017, Astrophysical Journal, 838, 56

[205] Madau P., Dickinson M., 2014, Annual Review of Astron and Astrophysics,

52, 415

[206] Madau P., Fragos T., 2017, The Astrophysical Journal, 840, 39

[207] Maeder A., 1987, Astronomy and Astrophysics, 178, 159

[208] Maeder A., 2009, Physics, Formation and Evolution of Rotating Stars,

doi:10.1007/978-3-540-76949-1.

[209] Maggiore M., 2007, Gravitational Waves. Vol. 1: Theory and Experiments.

Oxford University Press, doi:10.1093/acprof:oso/9780198570745.001.0001

[210] Mandel I., Broekgaarden F. S., 2022, Living Reviews in Relativity, 25

[211] Mandel I., Farmer A., 2018, Merging stellar-mass binary black holes

(arXiv:1806.05820)

[212] Mandel I., Müller B., 2020, Monthly notices of RAS, 499, 3214

[213] Mandel I., de Mink S. E., 2016, Monthly Notices of the Royal Astronomical

Society, 458, 2634

[214] Mapelli M., 2016, Monthly Notices of the Royal Astronomical Society, 459,

3432–3446

245

http://dx.doi.org/10.1103/PhysRevD.98.083028
https://ui.adsabs.harvard.edu/abs/2018PhRvD..98h3028L
https://ui.adsabs.harvard.edu/abs/2018PhRvD..98h3028L
http://dx.doi.org/10.1086/153614
https://ui.adsabs.harvard.edu/abs/1975ApJ...198..383L
http://dx.doi.org/10.1086/153614
https://ui.adsabs.harvard.edu/abs/1975ApJ...198..383L
http://dx.doi.org/10.3847/1538-3881/aa974d
https://ui.adsabs.harvard.edu/abs/2017AJ....154..250L
http://dx.doi.org/10.3847/1538-4357/aa6117
https://ui.adsabs.harvard.edu/abs/2017ApJ...838...56M
http://dx.doi.org/10.1146/annurev-astro-081811-125615
https://ui.adsabs.harvard.edu/abs/2014ARA&A..52..415M
http://dx.doi.org/10.3847/1538-4357/aa6af9
https://ui.adsabs.harvard.edu/abs/1987A&A...178..159M
http://dx.doi.org/10.1007/978-3-540-76949-1. 
http://dx.doi.org/10.1093/acprof:oso/9780198570745.001.0001
http://dx.doi.org/10.1007/s41114-021-00034-3
http://arxiv.org/abs/1806.05820
http://dx.doi.org/10.1093/mnras/staa3043
https://ui.adsabs.harvard.edu/abs/2020MNRAS.499.3214M
http://dx.doi.org/10.1093/mnras/stw379
http://dx.doi.org/10.1093/mnras/stw379
https://ui.adsabs.harvard.edu/abs/2016MNRAS.458.2634M
http://dx.doi.org/10.1093/mnras/stw869


Bibliography

[215] Mapelli M., 2020, Frontiers in Astronomy and Space Sciences, 7

[216] Marchal C., 1990, The three-body problem

[217] Marchant P., Langer N., Podsiadlowski P., Tauris T. M., Moriya T. J., 2016,

Astronomy and Astrophysics, 588, A50

[218] Marchant P., Renzo M., Farmer R., Pappas K. M. W., Taam R. E., de Mink

S. E., Kalogera V., 2019, Astrophysical Journal, 882, 36

[219] Marchant P., Pappas K. M. W., Gallegos-Garcia M., Berry C. P. L., Taam

R. E., Kalogera V., Podsiadlowski P., 2021, Astronomy and Astrophysics, 650,

A107

[220] Mardling R. A., Aarseth S. J., 2001, Monthly Notices of the Royal Astronom-

ical Society, 321, 398

[221] Martinez M. A. S., Rodriguez C. L., Fragione G., 2021, On

the Mass Ratio Distribution of Black Hole Mergers in Triple Systems,

doi:10.48550/ARXIV.2105.01671, https://arxiv.org/abs/2105.01671

[222] Martinez M. A. S., Rodriguez C. L., Fragione G., 2022, Astrophysical Journal,

937, 78

[223] Mazeh T., 2008, in Goupil M. J., Zahn J. P., eds, EAS Publica-

tions Series Vol. 29, EAS Publications Series. pp 1–65 (arXiv:0801.0134),

doi:10.1051/eas:0829001

[224] Mazeh T., Shaham J., 1979, Astronomy and Astrophysics, 77, 145

[225] McKernan B., et al., 2019, Astrophysical Journal, 884, L50

[226] McKernan B., Ford K. E. S., O’Shaugnessy R., Wysocki D., 2020, Monthly

Notices of the Royal Astronomical Society, 494, 1203

[227] Meibom S., Mathieu R. D., 2005, Astrophysical Journal, 620, 970

246

http://dx.doi.org/10.3389/fspas.2020.00038
http://dx.doi.org/10.1051/0004-6361/201628133
https://ui.adsabs.harvard.edu/abs/2016A&A...588A..50M
http://dx.doi.org/10.3847/1538-4357/ab3426
https://ui.adsabs.harvard.edu/abs/2019ApJ...882...36M
http://dx.doi.org/10.1051/0004-6361/202039992
https://ui.adsabs.harvard.edu/abs/2021A&A...650A.107M
https://ui.adsabs.harvard.edu/abs/2021A&A...650A.107M
http://dx.doi.org/10.1046/j.1365-8711.2001.03974.x
http://dx.doi.org/10.1046/j.1365-8711.2001.03974.x
https://ui.adsabs.harvard.edu/abs/2001MNRAS.321..398M
http://dx.doi.org/10.48550/ARXIV.2105.01671
https://arxiv.org/abs/2105.01671
http://dx.doi.org/10.3847/1538-4357/ac8d55
https://ui.adsabs.harvard.edu/abs/2022ApJ...937...78M
http://arxiv.org/abs/0801.0134
http://dx.doi.org/10.1051/eas:0829001
https://ui.adsabs.harvard.edu/abs/1979A&A....77..145M
http://dx.doi.org/10.3847/2041-8213/ab4886
https://ui.adsabs.harvard.edu/abs/2019ApJ...884L..50M
http://dx.doi.org/10.1093/mnras/staa740
http://dx.doi.org/10.1093/mnras/staa740
https://ui.adsabs.harvard.edu/abs/2020MNRAS.494.1203M
http://dx.doi.org/10.1086/427082
https://ui.adsabs.harvard.edu/abs/2005ApJ...620..970M


Bibliography

[228] Meibom S., Mathieu R. D., Stassun K. G., 2006, Astrophysical Journal, 653,

621

[229] Mennekens N., Vanbeveren D., 2014, Astronomy and Astrophysics, 564, A134

[230] Mennekens N., Vanbeveren D., 2016, Astronomy and Astrophysics, 589, A64

[231] Menon A., et al., 2021, Monthly Notices of the Royal Astronomical Society,

507, 5013

[232] Michaely E., Perets H. B., 2014, Astrophysical Journal, 794, 122

[233] Miller M. C., Hamilton D. P., 2002, Astrophysical Journal, 576, 894

[234] Misner C. W., Thorne K. S., Wheeler J. A., 1973, Gravitation

[235] Moe M., Di Stefano R., 2017, Astrophysical Journals, 230, 15

[236] Mohamed S., Podsiadlowski P., 2011, in Kerschbaum F., Lebzelter T., Wing

R. F., eds, Astronomical Society of the Pacific Conference Series Vol. 445, Why

Galaxies Care about AGB Stars II: Shining Examples and Common Inhabitants.

p. 355

[237] Mokiem M. R., et al., 2007, Astronomy and Astrophysics, 473, 603

[238] Moody M. S. L., Shi J.-M., Stone J. M., 2019, Astrophysical Journal, 875, 66

[239] Moreno Méndez E., De Colle F., López Cámara D., Vigna-Gómez A., 2022,
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